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Abstract

The inner most regions around massive young stellar objects (YSO) are associated with complex
interactions between numerous physical processes. Since the inner few Astronomical Units (AU)
are tough to resolve observationally, a theoretical approach is important to create a qualitative
picture for these regions around young high-mass stars. This thesis investigates the interplay
between important physical processes with respect to the dynamics of jets and inner accretion
disks. This thesis provides a bridge between the physical structures of the inner and the outer
disk, where the later is observationally easier to access. Above all, the importance of the radiative
force in altering the dynamics of a magnetically launched jet is outlined in this thesis.
A thin accretion disk model with proper gas and dust opacities is applied for a luminous young
high-mass star. This study has furnished estimates of various physical quantities in the inner
few AU of the accretion disk. In particular, I have found that the mid-plane temperature around
0.1 AU could be as high as 105 K for a 10 M� star. Such high temperatures in the disk destroy
most of the dust grains already at large radii from the central star. This in turn reduces the opacity
of the accreted matter thereby overcoming the central radiation-pressure from the young massive
star. In addition, such disks are stable to gravitational fragmentation inside of 100 AU from the
central star. Thus they form an ideal launching base for long-lasting outflows.
Outflows and jets are an ubiquitous phenomenon in young massive star forming regions. Obser-
vational surveys have suggested that the outflows become wider as the star grows in luminosity
(thus mass) with time. I have performed magneto-hydrodynamical simulations of jet launching
in presence of radiative forces from the luminous star and the inner hot accretion disk. The major
outcome of this work, is that the radiative force from the central star plays a dominating role in
accelerating and de-collimating the magnetically launched jet, while the influence of the disk ra-
diative force is rather small. In addition, conducting an extensive parameter study, I have found
that the outflows become wider as the mass (or luminosity) of the central star increases. The
degree of collimation is also affected by the magnetic field strength and optical thickness of the
line. This interplay of radiative and magnetic forces provides a physical insight to the trend in
degree of collimation suggested by observations.
Finally, a fully three-dimensional simulation is conducted to understand the manner in which the
inner accretion disk transports material onto the central massive star. The hydrodynamic flow
in the disk is simulated in the presence of radiative transfer and/or self-gravity. The transport of
angular momentum is solely due to gravitational torques. My first results indicate that a locally
isothermal disk becomes gravitationally instable and fragments in the inner parts as it is fed with
matter from the outer massive core with a steady accretion of 10−3 M� yr−1. About 10% of the
mass added onto the disk is accreted onto the central star in form of clumps. On the other hand,
no fragmentation is seen in an adiabatic disk whose initial temperature profile is consistently
derived from radiative transfer calculations. This investigation complements the above semi-
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analytical study of the inner disk to single out the physics of angular momentum transport in
massive accretion disks.



Zusammenfassung

In den innersten Regionen um junge, massereiche Sterne treten komplexe Wechselwirkungen
zwischen einer Vielzahl physikalischer Prozesse auf. Da es mit Beobachtungen schwierig ist, die
inneren Astronomischen Einheiten (AE) aufzulösen, ist ein theoretischer Ansatz wichtig, um sich
ein qualitatives Bild dieser Regionen um junge, massereiche Sterne zu schaffen. Diese Arbeit
untersucht das Zusammenspiel wichtiger physikalischer Prozesse hinsichtlich der Dynamik von
Jets und der der inneren Akkretionsscheiben. Sie spannt eine Brücke zwischen den Morpholo-
gien der inneren und äußeren Scheibe, wobei letztere für Beobachtungen leichter zugänglich ist.
Zudem wird die Bedeutung der Strahlungsdruck für die Änderung der Dynamik von magnetisch
beschleunigten Jets behandelt.
Für die Akkretionsscheibe um den leuchtkräftigen, jungen, massereichen Stern wird das Modell
einer dünnen Scheibe mit geeigneten Gas- und Staubopazitäten angewandt. Diese Studie liefert
Abschätzungen für zahlreiche physikalische Größen innerhalb der inneren AE der Akkretionss-
cheibe. Im Besonderen habe ich herausgefunden, dass die Temperatur in der Mittelebene bei
einem Radius von 0,1 AE um einen Stern der Masse 10 M� bis zu 105 K erreichen kann. Solch
hohe Temperaturen in der Scheibe zerstören den größten Teil der Staubteilchen bereits innerhalb
eines relativ großen Radius um den Stern. Dies wiederum reduziert die Opazität der akkretierten
Materie, wodurch der zentrale Strahlungsdruck des jungen, massereichen Sterns überwunden
wird. Zudem sind solche Scheiben innerhalb von 100 AE um den Stern stabil gegenüber einer
gravitativer Instabilität. Somit herrschen in diesen Scheiben ideale Voraussetzungen zur Entste-
hung von langanhaltenden Ausflüssen.
Ausflüsse und Jets sind allgegenwärtige Phänomene in jungen, massereichen Sternentstehungs-
gebieten. Beobachtungsprogramme gaben Hinweise darauf, dass sich diese Ausflüsse mit der
zeitlich ansteigenden Leuchtkraft (oder Masse) des Sterns aufweiten. Dazu habe ich magneto-
hydro-dynamische Simulationen über den einsetzenden Jet durchgeführt, unter Berücksichtigung
der Strahlungskräfte des leuchkräftigen Sterns und der inneren, heißen Akkretionsscheibe. Ein
wichtiges Resultat dieser Arbeit ist dabei, dass die Strahlungsdruck des Sterns eine dominierende
Rolle bei der Beschleunigung und Aufweitung der magnetisch hervorgerufenen Jets spielt.
Der Einfluss der Strahlungskraft der Scheibe ist dagegen vergleichsweise gering. Zusätzlich
habe ich durch eine umfassende Untersuchung der relevanten Parameter herausgefunden, dass
sich die Ausflüsse mit zunehmender Masse des Sterns aufweiten. Zudem wird der Grad der
Bündelung durch die magnetische Feldstärke und die optische Tiefe beeinflußt. Diese erlaubt
eine physikalische Erklärung der Beobachtungsergebnisse.
Schließlich wurde eine, dreidimensionale Simulation durchgeführt, um die Art und Weise, in der
die innere Akkretionsscheibe Materie auf den Stern transportiert, zu verstehen. Die hydrody-
namische Gasdynamik in der Scheibe wurde dabei unter Rücksichtnahme von Strahlungstrans-
port und/oder Eigengravitation simuliert. Der Drehimpulstransport ist dabei ausschlielich durch
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die Eigengravitation bedingt. Meine ersten Ergebnisse lassen darauf schließen, dass eine lokal
isotherme Scheibe gravitativ instabil wird und in den inneren Gebieten fragmentiert, wenn
sie mit Materie aus den äußeren Bereichen mit einer stetigen Rate von 10−3 M� yr−1 versorgt
wird. Etwa 10% der der Scheibe hinzugeführten Masse wird dabei in klumpiger Form auf
den Stern akkretiert. hingegen lässt sich keine Fragmentation in einer adiabatischen Scheibe
erkennen, deren ursprüngliches Temperaturprofil mittels Strahlungstransportberechnungen bes-
timmt wurde. Diese Untersuchung ergänzt die oben diskutierte semi-analytische Studie der in-
neren Scheibe, um die Physik des Drehimpulstransports in massereichen Akkretionsscheiben
herauszuarbeiten.
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What we observe is not nature itself, but
nature exposed to our method of questioning

Werner Heisenberg (1901-1976) 1
Introduction

“Nobody really understands how star formation proceeds. Its really remarkable.” a

Star formation is indeed remarkable. About five decades ago, how star formation proceeds was
a mystery to many scientists. However, now with the advent of state-of-art telescopes and com-
putational equipments, numerous mysteries have been unraveled in the study of star formation.
Even though the field of low-mass star formation is more developed there are still many fun-
damental questions to be answered. This is also true in case of massive star formation studies,
which are still in a stage of infancy.

1.1 Massive star formation

Stars are the building blocks of a galaxy. In general, they form via collapse of molecular clouds.
The standard picture of low-mass star formation initiates with the gravitational collapse of a
rotating core typically having mass of the order of tens of solar masses. Angular momentum
conservation ensures that such a cloud collapse leads to formation of an accretion disk typically
having a size of ∼ 100 AU. The matter inflows via this disk on to the central star. Such an
accretion event coevolve in presence of collimated jets and disk winds. Eventually when the core
runs of out of in falling matter, the underlying disk also begins to disperse into a transitional disk.
During this stage, the disk has an ideal structure to form a proto-planetary system. Finally, as
the central star start burning hydrogen and reach the main sequence all the surrounding matter is
cleared out leaving a system of planets orbiting around the central star. Typically all low-mass
stars are believed to form in this manner. While the dominant fraction of mass of the galaxy is
due to numerous low-mass stars, the brightness of the galaxy is determined by few high-mass

aRogier A. Windhorst, as quoted by Corey S. Powell, A Matter of Timing, Scientific American, Vol. 267,
October 1992., p. 30
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2 CHAPTER 1

Figure 1.1: Hubble Space Telescope (HST) optical image of the Orion Nebula [M42] using the Wide
Field Camera (WFC). Inset: Image of the Trapezium cluster obtained from near infrared camera NICMOS
at HST. For the optical image credit goes to NASA, ESA, M. Robberto (STScI/ESA) and the HST Orion
Treasure Project Team. For the Infrared image credit goes to NASA and K. Luhman (Harvard Smithsonian
Center for Astrophysics).

stars.

Recently, studying formation of massive stars has gained importance in the field of star formation.
The main reason being the complex nature of physical processes involved in formation of these
stars that have M∗ > 8 M�. The fact that the massive stars are very rare in the universe not
only makes them interesting for study but also makes it more challenging. Usually, massive stars
have a large multiplicity as they form in pairs or are part of a multiple system (e.g. Trapezium
cluster at the heart of Orion Nebula, see Fig. 1.1) at the centre of the cluster. In addition, all
the physical processes take place rapidly as the formation time scales for massive stars are short.
However, it is critical to study these stars as they are important from the point of view of feedback
they provide. Young massive stars influence their surrounding via ionization, radiation pressure,
powerful massive jets and outflows, and during more evolved states they provide feedback via
strong stellar winds. Due to the rapid evolution, they undergo frequent supernovae, furnishing
the environment with energy and momentum. Detailed reviews on massive star formation are
given by Zinnecker & Yorke (2007) and Beuther et al. (2007).
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1.1.1 Physical Understanding

On the basis of standard star formation theory, stars having mass greater than eight solar masses
(M∗ > 8 M�) have the Kelvin-Helmholtz time scale shorter than the dynamical time scale. The
major implication being that these stars reach the main-sequence while they are still accreting
matter from the core. In order words, massive stars do not have a well defined pre-main sequence
stage. The fact that such massive stars shine light while they are gathering matter from the core
made the scientists ponder over the formation mechanism. The main worry was how these stars
can build up on mass in presence of strong radiation pressure from the central luminous source.

In mid 70s and late 80s, first attempts were made to understand massive star formation (Kahn
1974, Wolfire & Cassinelli 1987). The basic idea was to vary the dust grain properties and com-
prehend the influence of radiation pressure from the central bright source on the spherical infall
of gas and dust from the massive core. These initial one-dimensional (1D) calculations pointed
that the radiation pressure from the bright central star on in-falling dust grains will dominate over
its gravitational pull and stars more massive then 20 M� can not be formed. However, this was
in contradiction to the well known observational fact of stars having masses much greater than
20 M�. In the mid 90s and early 2000, one of the first attempt was made to understand massive
star formation by relaxing the fundamental assumption of spherical symmetry used for the pre-
vious calculations (Jijina & Adams 1996, Yorke & Sonnhalter 2002). In the two-dimensional
axially symmetric numerical calculations (Yorke & Sonnhalter 2002), first evidence of massive
star formation via accretion through massive disks was seen. The authors did take into account
proper frequency-dependent radiative transfer and found out that the maximum mass the star
could have is 40 M�, which already is a factor two more than obtained from initial spherically
symmetric estimates. Also with advances in computational power, it was possible to extend such
calculations to even three dimensional massive core collapse simulations (Krumholz et al. 2009,
Kuiper et al. 2011). These recent calculations have indeed enhanced the limit on maximum mass
possible for these stars.

Massive stars form in a rather dense and crowded environment. Thus, it becomes difficult to
disentangle different evolutionary stages during its formation. In a review by Beuther et al.
(2007), a detailed classification of the various stages of massive stars through out its formation
cycle are described. Based on this classification a single core, defined as molecular condensation
associated with formation of single massive protostar or gravitationally bound multiple massive
protostars, would have the following evolutionary stages -

• High-Mass Starless Cores (HMSCs)

• Low/Intermediate mass star accreting matter from the core that would eventually form a
high-mass star(s).
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• High-Mass Protostellar Objects (HMPOs)

• Final Massive Star.

A huge amount of physical and chemical processes evolve during the whole phase of high-mass
star formation (for details see the review by Beuther et al. 2007). In this thesis, I will mostly
concentrate on the last three stages of massive star formation where outflows and disk accretion
play a vital role.

1.1.2 Modes of formation

The simple treatment of spherical infall of dust grains was not sufficient to form stars more mas-
sive than 20 M�. In order to form stars more massive than this limit, three main scenarios were
proposed and discussed in literature viz. Competitive accretion, Coalescence and Monolithic
collapse. A detailed description of each of this mode of massive star formation is discussed in
the review by Zinnecker & Yorke (2007).

In the view of competitive accretion, stars that are formed at the centre of the cluster enjoy the
benefit of accreting larger amount of gas as compared to stars formed away from the cluster
center (Bonnell et al. 1997, Bonnell et al. 2001, Bonnell et al. 2004). This is due to the fact that
stars at the centre of the cluster are in a much deeper gravitational potential well. Numerical
simulations of global cloud collapse supporting this idea of preferential accretion were carried
out (e.g Bonnell & Bate 2006, Clark et al. 2008, Hsu et al. 2010). Based on this scenario, massive
stars would form more at the centre while the low-mass stars would predominantly form in the
outskirts of the cluster.

Another scenario describing massive star formation is that of coalescence (Bonnell & Davies
1998, Bally & Zinnecker 2005) which requires very high stellar density environment. In view
of this formation mechanism, many low-mass stars merge to form massive stars. Although such
a scenario would simply explain formation of high-mass stars in a very crowded environment,
they fail to explain the observational evidences of disk formation and large scale outflows.

The mode of formation of massive stars based on accretion via rotating disks is that of monolithic
collapse (Krumholz et al. 2005b). This mode is very similar to low-mass star formation, however,
on a different scale. Based on this scenario, accretion rates onto massive protostars are of the
order of 10−4 − 10−3 solar masses per year (McKee & Tan 2003, Banerjee & Pudritz 2007).
These estimates of accretion rates are about 2-3 orders of magnitude higher than that found in
the low-mass counterparts. The major advantage of this scenario is that it naturally explains
the formation of molecular outflows and jets from underlying accretion disks that are ubiquitous
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in massive star forming regions. Based on the idea proposed by Yorke & Sonnhalter (2002) in
which preferential emission of radiation via the optically thin outflow cavity could circumvent
the radiation pressure problem, Krumholz et al. (2005a) with help of semi-analytic modeling
gave a quantitative proof to this idea. Further, it was also shown that even when the massive
protostar has created a HCH II region, the accretion on the central star is not inhibited, rather it
continues via an ionized accretion disk (Keto & Wood 2006, Keto 2007). The fact that massive
stars usually form in binary or as a multiple system was shown to be true in the domain of
monolithic collapse (Krumholz et al. 2009).

In principle, all these scenarios may play a role at various stages of star formation. All of these
modes of star formation have exactly the same initial conditions of forming a star from collapse
of an gravitationally bound gas core. The major differences in these scenarios mainly arises
in the predictions of subsequent processes (e.g fragmentation) leading to formation of a stellar
system. In this thesis, I follow the mode of forming massive stars in a similar manner to low-
mass stars. In the following sections, I discuss advances in observations of disks and jets around
young massive stars.

1.2 Accretion Disks : An Observational Perspective

Accretion disks form an integral part of star formation. In the standard picture of star forma-
tion due to collapse of the rotating core under gravity, the formation of disk like structures is
inevitable. The principle of conservation of angular momentum points out the fact that any rotat-
ing gas can only be accreted on the central object via formation of a flattened disk like structure.
Accretion disks not only supply the material onto the central object but also forms the launching
base of jets and outflows.

With the advent of state-of-art telescopes accretion disks have been observed with high resolution
and studied in details in case of young low-mass stellar objects. Detailed reviews on theoreti-
cal and observational advances in low and intermediate mass stellar disk exists in the literature
(e.g. Mundy et al. 2000; Hollenbach et al. 2000; Dullemond & Monnier 2010). Low-mass stars
spend about 107 yrs at the pre-main sequence stage before reaching the main sequence track.
In contrast, massive stars do not have a well defined pre-main sequence phase and they evolve
quickly towards the main sequence. Due to such rapid evolution, dense molecular cores around
massive young stars do not have enough time to dissipate molecular gas before the UV radiation
from the main-sequence star ionizes the immediate surroundings. This situation makes it diffi-
cult for the observers to search for disks around young and embedded massive stars. The disks
around young massive stars are not only be embedded in highly opaque clouds of gas and dust
but also its signatures are mixed with those of the core making the matter worse for the observers.
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In addition, massive stars are usually found in a clustered environment at large distances which
makes the search for disks even more challenging.

Ad-mist all these difficulties, there have been various attempts to study accretion disks around
young massive stars using thermal and non-thermal emission. Most of the thermal studies of such
embedded disks are related to observations in radio and sub-mm wavelength regime (see reviews
by Zhang 2005 and Cesaroni et al. 2007 and references therein). At these long wavelengths,
emission mainly arises from the outer part of the disk and possibly the inner part of the envelope.
Thus, with such a study it is possible to observe outer parts of disks i.e. at scales of 1000
- 10,000 AU from the central object. To understand the physics of the inner disk region (≤
500 AU), it is imperative to use the help of infrared emission from the dust. One of the widely
used tracer for the study of the inner accretion disk is the band head of CO overtone at 2.4 µm.
Disks around T-Tauri stars can be identified by fitting line profiles of CO overtone emission
with rotation (e.g. Carr 1987). With the advent of IR interferometry it has become viable to
study the inner edge of the disks in greater details using the similar principles even for Herbig
Ae/Be stars. Recently, this technique has even been extended to study massive accretion disks
(e.g. Wheelwright et al. 2010). Another approach used to unravel the inner disk physics around
young massive stars is the use of non-thermal emission in form of masers (e.g. Norris et al. 1998,
Phillips et al. 1998, Torrelles et al. 1998). The most common masers used for the study of
massive star forming regions are CH3OH maser with transition at 6 GHz and H2O maser with
22 GHz. Maser emission require special conditions to invoke population inversion, thus, they
act like local tracers and do not necessarily trace the bulk of molecular gas. The linear structures
in maser emission often observed around young massive stellar objects are associated with the
presence of disks around these objects (Wright et al. 1995, Norris et al. 1998). However, the
claims of existence of accretion disks via methanol maser measurements are highly debated due
to contamination of maser signals from outflows (Pestalozzi et al. 2009).

Currently, there are many evidences of massive rotating structures observed in YSOs with lumi-
nosity ≥ 105 L� that typically have radius of 1000−30, 000 AU and a mass of 60−500 M�. The
observed rotational velocities are of the order of few km s−1. Some of the typical examples are
listed in the Table 2 of the review by Cesaroni et al. (2007). Among them the best studied is a
Keplerian disk around massive YSO IRAS 20126+4104 (Cesaroni et al. 2005; see Fig. 1.2). The
spectral energy distribution of this IRAS point source supplies us with a luminosity of 104 L�
(Cesaroni et al. 1999) for a distance of 1.7 kpc. The most part of this luminosity has been proven
to be coming from the inner 1000 AU (Sridharan et al. 2005). A bipolar molecular outflow ob-
served in many tracers, including CO and HCO+ have been associated with this IRAS source. A
hot molecular core of ∼ 200 K has been detected at the geometrical center of the bipolar outflow.
Imaging of this core in CH3CN(12−11) (Cesaroni et al. 1999), NH3(1, 1) and (2, 2) (Zhang et al.
1998) and C34S(2 − 1) and (5 − 4) (Cesaroni et al. 2005) have revealed existence of a Keplerian
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Figure 1.2: Left: Grey scale is the 2.2 µm H2 line emission, over plotted are the solid and dashed contours
(of the HCO+(1-0) line) that corresponds respectively to blue and red-shifted gas. Middle: Velocity map as
measured in the C34S(5-4) line by Cesaroni et al. (2005), overlaid are the contours from the 3.6 continuum
from (Hofner et al. 1999). Right: Distribution of the H2O maser spots compared to a VLA map (grey
scale image) of the 7 mm continuum emission. The arrows denote the absolute proper motions of the
spots, measured by Moscadelli et al. (2005).

disk around the central star of mass ∼ 7 M� (Fig. 1.2) with a temperature profile that seems to
be compatible with standard disk (T ∼ R−3/4). Another evidence of massive rotating structure
of 10,000 AU around a possible B type star - IRAS 18151-1208 that shows similar properties of
T-Tauri disks has been extensively studied (Fallscheer et al. 2011). The disk’s flaring parameters
obtained from this work are similar to the parameters obtained for the low mass Butterfly star
(Wolf et al. 2008). In addition, massive molecular outflows have been observed in the direction
perpendicular to the flattened rotating structure.

Numerical modeling of massive star formation via accretion disks indicate the presence of high
accretion rates in the elongated rotating structure (Krumholz et al. 2009, Kuiper et al. 2011).
Observationally, it is possible to measure the accretion rates in these massive disks in a rather
indirect manner. The technique used to measure the mass inflow rate has an underlying assump-
tion for the ratio of outflow rate to accretion rate. Molecular outflow rates can be easily measured
from sub-mm CO emission. Beuther et al. (2002b) estimated the mass accretion rate of the order
of 10−4 M� yr−1. These accretion rates are about two orders of magnitude higher then that found
in typical low-mass accretion disks. However, such high accretion rates are consistent with early
phases of high-mass star formation.

The present status of observations suggests that like in low-mass stars accretion in case of young
massive stars takes place via Keplerian disks. The various evidences of high accretion rates in
these disks is consistent with rapid evolution of young massive stars. The existence of magnetic
fields on large scales and presence of fast and collimated jets around young forming massive
stars imply towards a scenario where massive star formation is a scaled up version of low-mass
star formation.
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1.3 Outflows : An Observational Perspective

Jets and outflows are common phenomena around young stellar objects. Apart from young stars,
they are observed around a plethora of other astronomical objects from new born brown dwarfs
to black holes at the center of the Active Galactic Nuclei (AGN). The process of ejecting gas as
jets is a natural and efficient way of removing excess angular momentum from accretion disks,
thereby allowing accretion to occur. While, AGNs harbor around them highly relativistic jets.
The typical velocities measured for young stellar jets range from 100 - 500 km s−1(see review by
Ray et al. 2007).

Jets ejected from these sources emit spectral lines and continuous radiation which have been de-
tected in all bands of the electro-magnetic spectrum. In addition they also produce a rich variety
of phenomena like masers, free-free emission and synchrotron radiation at radio wavelengths.
Bipolar molecular outflows are also visible in sub-mm tracers such as CO, shock-excited SiO
and many other molecules. Shocks generated in outflows tend to excite various near-IR and vis-
ible forbidden line emission (e.g. [FeII], [SII], [OI], [OIII])(e.g Hirth et al. 1994, Hartigan et al.
2004). Emissions in X-ray are quite common in relativistic AGN jets while in a few extreme
cases, they are even observed around jets from young stellar objects. Protostellar jets generate
turbulent motions and can even disrupt the parent molecular cloud. Thus, they represent a major
channel in the self-regulation of star formation.

The major goal of observing jets and outflows is to understand the mechanism that controls its
acceleration and collimation from the base of the accretion disk to the scales of 0.1-1 pc. Wu
et al. 2004 complied a large set of outflow sources mapped in emission lines of low transitions
(J = 1-0 and J = 2-1) of the CO molecule. Although, this large sample of outflow sources comes
from different evolutionary stages in star formation, they represent the overall physical charac-
teristics of outflows. Fig. 1.3 relates two important physical properties of these outflows with the
bolometric luminosity Lbol [ L�]. The top panel depicts the correlation between the bolometric
luminosity and the collimation factor. The collimation factor is calculated approximating the
outflow to be an ellipsoid. The area and maximum angular extent (the major radius) of the out-
flow are then estimated, and thus the minor radius is calculated. The ratio of the major and minor
radii is the collimation factor (Bally & Lada 1983) The variation of mechanical force that drives
the outflow with bolometric luminosity is shown in the bottom panel. The bolometric luminosity
cut-off of 103 L� is used to separate the low-mass outflows with the ones ejected from high-mass
stars.

It is evident from Fig. 1.3, that as the luminosity of the driving source increases, the outflows
ejected from them have a wider morphology. However, the correlation between them is weak.
The sample under consideration is a heterogenous one obtained from a wide variety of obser-
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Figure 1.3: Physical properties of outflows and its relation with bolometric luminosity (Wu et al. 2004).
Top : Collimation factor - Rcoll, Bottom : Driving force F in units of 10−4 M� km s−1yr−1. In both panels
blue stars mark the low-mass stars and red depicts the massive stars. The green dotted line shown in the
right panel represents the driving force due to radiation alone and the black solid line in both panels are
least square fits to the data respectively.
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vations with different telescopes. In order to correlate them, it is imperative that some kind of
averaging has to be done. Considering the approximations used for averaging the data along
with their respective errors, Wu et al. 2004 pointed out a trend of decreasing outflow collimation
with later evolutionary stages in star formation. The dependence of the mechanical driving force
F, derived from the outflow parameters (Bally & Lada 1983, Goldsmith et al. 1984, Snell et al.
1984) on the bolometric luminosity is evident. The green dashed line represents the radiative
driving force (F ∼ Lbol/c, c being the speed of light) due to the central luminous source. The
fact that it lies much below the linear fit for the data indicates that the radiation pressure due to
single scattering of photons is not sufficient in launching outflows from young stellar objects.
Thus, in order to interpret this result it was necessary to incorporate other viable mechanisms
that can drive outflows from young low-mass as well as high-mass stellar sources. The mecha-
nism that has successfully explained the process of launching jets or outflows in myriad sources
was first proposed by Blandford & Payne (Blandford & Payne 1982, Pudritz et al. 2007). In the
view of this framework, the launching process from low-mass protostars (and most probably also
for extragalactic jets) is carried out via magnetic fields, where the disk wind is accelerated and
collimated by magneto-centrifugal and magnetohydrodynamic forces (see Chapter 2 Sect. 2.2.1
for theoretical and numerical details).

Low extinction due to gas and dust around low-mass protostars provide a better environment for
observing outflows with great accuracy and resolution. Most of the current understanding about
the formation and propagation of jets/outflows comes from observations of low-mass stars. In
this case we are fortunate to know the leading physical parameters such as outflow velocity,
density, and temperature (e.g. Hartigan & Morse 2007, Ray et al. 2007). The formation of the
jets around young, still forming high-mass stars takes place in the deeply embedded cold dust
and gas cocoons exhibiting large visual extinction of the order 100 to 1000 mag (Arce et al.
2007). Therefore, a number of leading physical parameters concerning the inner launching base
for massive outflows still remain uncertain. Large multi-wavelength studies for massive star
forming regions have been done over the last decade (Beuther et al. 2002a, Stanke et al. 2002,
Zhang et al. 2005, López-Sepulcre et al. 2009, López-Sepulcre et al. 2010, Torrelles et al. 2011).
These studies suggest that outflows are an ubiquitous phenomenon not only for low-mass stars,
but also in massive star forming regions.

While the existence of a jet magnetic field in extragalactic sources is directly confirmed by the
observed radio synchrotron emission, the evidence magnetic field in jets around proto-stars is
mainly indirect, namely derived from the existence of interstellar magnetic fields (e.g. Hartigan
et al. 1994), or from proto-stellar flares and or field-aligned accretion columns and subsequent
stellar variability (Andre et al. 1988, Bouvier et al. 2007). For many years the role of mag-
netic fields in massive star formation was not really known. However, recent observations made
progress by clearly detecting relatively strong magnetic fields in massive star forming regions
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(Vlemmings 2008). Polarimetric observations of the hot molecular core HMC G31.41 have re-
vealed a large-scale hourglass-shaped magnetic field configuration (Girart et al. 2009). Another
example is the observed 3D magnetic field structure around the massive protostar Cepheus A
HW2, indicating mG-fields from maser measurements (Vlemmings et al. 2010). Furthermore,
Beuther et al. (2010) detected a magnetic field aligned with the outflow via polarimetric CO
emission. Very recent observations have also detected synchrotron emission in the stellar out-
flow HH 80-81, indicating a ∼ 0.2 mG magnetic field in the jet knots while the stellar mass of
∼ 10 M� is in the range of massive stars (Carrasco-González et al. 2010)

The wide observational survey of outflows around low-mass and high-mass stars suggests that
launching of outflows in these stars have many common qualitative features. As far as jets
from low-mass stars are concerned, there is a consensus that they are launched from a standard
magneto-centrifugal process, whereas, the picture for high mass outflows is still not clear. How-
ever, the presence of magnetic fields in close by regions of massive star formation indicates the
vital role they could play in launching of outflows from these stars. Quantitatively, physical pa-
rameters pertaining to low-mass stellar outflows are well defined, while most of these quantities
are difficult to constraint from high-mass outflows due to the opaque environment.

1.4 Aims & Motivation

In the previous section, qualitative similarity of outflows from low-mass and high-mass stars were
discussed. To understand the jets and outflows from young massive stars in more details, numer-
ous observational surveys were carried out over the last decade. Early low-spatial-resolution
single-dish studies suggested that massive outflows may have a lower collimation degree than
those of their low-mass counterparts (Shepherd & Churchwell 1996). Also the most studied out-
flow system, Orion-KL, exhibits a more chaotic and not collimated structure (e.g., Schulz et al.
1995). However, later studies indicated that the collimation degree of jets from high-mass pro-
tostars can be as high as from low-mass regions (e.g. Beuther et al. 2002a, Beuther et al. 2002b,
Gibb et al. 2003, Garay et al. 2003, Brooks et al. 2003, Beuther et al. 2004, Davis et al. 2004).
Typical outflow rates in high-mass systems are estimated to be a few times 10−5 to 10−3 M� yr−1,
implying accretion rates on the same order of magnitude (e.g. Beuther et al. 2002b).

The originally puzzling result that different studies found different degrees of jet collimation for
high-mass star-forming regions could qualitatively be resolved when it was realized that these
studies in fact targeted different evolutionary stages. While jets found in the youngest star form-
ing regions appear similarly collimated as their low-mass counterparts, jets from more evolved
(massive) stars exhibit much broader outflow cones. To account for this effect Beuther & Shep-
herd (2005) proposed an evolutionary picture for high-mass outflows, where the jet formation
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Figure 1.4: Cartoon description of the evolutionary picture of outflows in young high-mass stars (Beuther
& Shepherd 2005). The CO (2-1) contours for suitable examples are also shown below.

starts with similar MHD acceleration processes compared to the low-mass models during the
earliest evolutionary stages (see Fig. 1.4). However, as soon as the central sources gain signif-
icant mass, other processes come into play, for example, the radiation from the central star or
more turbulence at the base of the jet. Any combination of this and other processes was expected
to lower the degree of collimation. However, the evolutionary sequence proposed by Beuther
& Shepherd (2005) was largely observationally motivated and could only provide a qualitative
explanation.

Main Objective : The major question I would like to address in this thesis is as follows - What
kind of physics lies beneath the inner regions of young massive stellar objects that could explain
the essence of the evolutionary sequence in their outflows ?

The primary objective is to understand the dynamics of outflow launching region around young
massive stars. In doing so, I derive numerical estimates of various dynamically important quanti-
ties of the inner accretion disk around massive star and study its stability. Further, I contemplate
the influence of these inner disk quantities on dictating the dynamics of outflows with respect to
collimation and acceleration. Additionally, I follow on to improve the previous 1D steady state
model to more consistent 3D full radiative transfer models of the inner accretion disk.
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1.5 Thesis Outline

In this thesis, I emphasize on studying in details the dynamical evolution of outflows and inner
gaseous disk in combination to the outer dust disk up to 100 AU around young massive stars.
An outline of this thesis is presented below :

• In chapter 2, I discuss various theoretical concepts that have been applied to the study of
inner accretion disks and jets from young massive stars.

• The steady-state analysis of the launching pad of outflows around young massive stars is
presented in chapter 3. In this chapter, I address the implication of applying standard
accretion disk model with proper gas and dust opacity to a central massive star. I also tab-
ulate typical estimates of various dynamically important quantities for the case of rapidly
accreting massive disk.

• In chapter 4, a physical picture of outflows from young massive stars is given, so as to
understand the proposed evolutionary sequence in them. In this chapter, I present results
of the axi-symmetric jet launching simulations in context of ideal MHD and line driven
radiative processes.

• Chapter 5 deals with the study of detailed radiation-hydrodynamical numerical simula-
tions of the inner accretion disk around young and luminous massive star. I present the
results of 2D and 3D accretion disk simulations that incorporates self gravity of the mas-
sive disk and radiative transfer.

• In chapter 6, I summarize the final results from this work and further discuss various ideas
that could materialize in the future.





God used beautiful mathematics in creating
the world

Paul Dirac (1902-1984) 2
Theoretical and Numerical Background

This chapter describes the basic theory of various physical processes studied in this work. It be-
gins by listing relevant equations of fluid dynamics. A synopsis of the basic model of magnetized
outflows is given in Sect. 2.2. Further in Sect. 2.3, theory of accretion disk physics is reviewed
along with a note on gravitational instability. In addition, theoretical aspects of radiative transfer
and line driving processes are summarized. Finally, a brief note on the numerical code used for
all the simulations done in this thesis is outlined.

2.1 Magnetic and Non-magnetic Fluid Dynamics

The dynamics of a fluid is governed by conservation laws. The fluid considered for this analysis
is a perfect fluid. Such a fluid obeys the ideal gas law. This assumption is valid if the fluid
has low density and high temperature. Although, we encounter a large variation in density and
temperature in astrophysical gas dynamics, apart from the stellar and planetary interiors, the
assumption of ideal fluid is very accurate and is always used.

2.1.1 Basic Equations

This thesis will consider perfect fluids for all purposes. The conservation laws that govern the
dynamics are : the conservation of matter,

∂ρ

∂t
+ ∇ · (ρ~u) = 0, (2.1)

the conservation of momentum,

ρ(
∂~u
∂t

+ (~u · ∇)~u) = −∇P − ρ∇Φ, (2.2)

15
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and the conservation of energy,

∂

∂t
(ρE) + ∇ ·

[
ρE + P

]
~u = −ρ∇Φ · ~u. (2.3)

In the above set of conservation laws expressed as Partial Differential Equations (PDEs), Φ is
the gravitational potential. The total specific energy E comprises of the internal specific energy
ε along with the specific kinetic energy which is related to the flow velocity ~u.

E = ε +
u2

2
(2.4)

ρ is the mass density which is related to pressure P through an equation of state with an adiabatic
index γ,

P = (γ − 1)ρε. (2.5)

The above set of equations (2.1-2.5) form a closed set that can be solved analytically (for some
special cases) or numerically for the desired problem under study. These equations are frequently
referred to as the set of hydrodynamical (HD) equations.

The other important quantity that controls the dynamics of astrophysical fluids is magnetic fields.
Magnetic fields exist around almost all astrophysical bodies and largely play a dominant role in
the dynamics of fluids around them. The equations that incorporate the magnetic field contribu-
tion on fluid dynamics are called the magneto-hydrodynamical (MHD) equations. They are also
based on the conservational laws listed above (see equations 2.1-2.5). For our present analysis,
we only consider ideal MHD limit which implies to the approximation of infinite conductivity.
Ideal MHD equations are very similar to the HD equations. The conservation of matter is exactly
same as equation (2.1). The difference arises in the momentum and the energy conservation laws
due to the additional terms that incorporate the effect of magnetic field. These equations are
listed below: the conservation of momentum,

ρ

(
∂~u
∂t

+ (~u · ∇)~u
)

= −∇P − ρ∇Φ +
1

4π
(∇ × ~B) × ~B (2.6)

and the conservation of energy,

∂

∂t
(ρE) + ∇ ·

[
ρE~u + (P +

B2

8π
)~u

]
− ~B(~u · ~B) = −ρ∇Φ · ~u. (2.7)

The magnetic field in the above ideal MHD equations is denoted by ~B. The total specific en-
ergy, E, in addition to contribution from internal specific energy and kinetic energy has a term
corresponding to the specific magnetic energy,

E = ε +
u2

2
+

B2

8πρ
. (2.8)
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The evolution of the magnetic field is governed by the induction equation,

∂~B
∂t

= ∇ ×
(
~u × ~B

)
. (2.9)

The final constraint on the set of MHD equation is the fact that no monopoles should exist and
such a condition is called as solenoidal condition which is given by,

∇ · ~B = 0. (2.10)

The summary of the HD and MHD equations are given in a tabulated form in Table A.1. The
complexity of the above set of equations dictate that their evolution can only be treated with
numerical simulations. However, certain important properties of the full solutions can be inferred
from a steady state analysis. This is what is addressed in the next section.

2.1.2 Steady State MHD

This section describes some important features of the MHD equations. The equations will be
simplified under the assumptions of steady state (∂/∂t = 0) and axisymmetry (∂/∂φ = 0) to
obtain these features. In view of this approximation, we will derive physical quantities that
remain constant along the magnetic field line. They are derived using cylindrical (R, φ, z) co-
ordinates with unit vectors (r̂, φ̂, ẑ) respectively.

In the steady state, the induction equation (equation 2.9) can be written as

∇ × (~u × ~B) = 0. (2.11)

The total magnetic field, ~B, can be expressed in terms of poloidal component (r, z plane of
standard cylindrical coordinate system) ~Bp and the azimuthal component Bφ

~B = ~Bp + Bφφ̂. (2.12)

Similarly the velocity field, ~u, is given by

~u = ~up + uφφ̂ = ~up + ~Ω × ~R, (2.13)

where ~Ω = Ωẑ is the angular velocity of the gas material.

Using the solenoidal condition (∇ · ~B) and for the axisymmetric case, the poloidal magnetic field
component can be expressed a gradient of a stream function a,

~Bp =
1
R
∇a × φ̂. (2.14)
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Such a stream function a is constant along the field line as ~Bp ·∇a = 0 (from equation 2.14). Thus
a can be read as a unique label associated with a field line and is related to the magnetic vector
potential Aφ as a = RAφ. In addition to the stream function a, any scalar ’S’ that satisfies the
condition - ~Bp · ∇S = 0 is conserved along the field line. Using the standard steady state MHD
equations, we will derive forms of some of these scalars that are conserved along the field line.

Applying the decomposed forms of the velocity and the magnetic field, equation (2.11) can be
written as

∇ × [(~up + uφφ̂) × (~Bp + Bφφ̂)] = 0. (2.15)

The poloidal component of equation (2.15) is expressed as

∇ × [~up × ~Bp] = 0, (2.16)

where the term, uφ × Bφ, vanishes due to the fact that uφ is parallel to Bφ. Thus from equation
(2.16) and axisymmetric conditions, one can conclude that ~up is parallel to ~Bp. Thus,

~up = K(R, z)~Bp, (2.17)

where K is a scalar function, constant for the surface of constant magnetic flux.

While, the toroidal component of equation (2.15) is expressed as

∇ × [(~up × Bφφ̂) + (uφφ̂ × ~Bp)] = 0. (2.18)

Substituting the expression for poloidal velocity from equation (2.17) and toroidal component of
velocity in terms of angular velocity ~Ω in equation (2.18) and using axisymmetric conditions we
get,

~B · ∇
(
Ω −
KBφ

R

)
= 0. (2.19)

Thus, along a particular field line we have

Ω −
KBφ

R
= const. (2.20)

Further for the steady state axisymmetric setup, the continuity equation (see Table A.1) and the
solenoidal condition (∇ · ~B = ∇ · ~Bp = 0) can be combined as,

∇ · (ρ~u) = ∇ · (ρK ~Bp)⇒ ρK = ζ(a) = const. (2.21)
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ζ(a) is a constant along a field line and is associated with the mass flux density on that particular
field line. Substituting expression for ζ(a) in equation (2.20) we obtain the Ferraro’s iso-rotation
law (Ferraro 1937),

1
R

(
RΩ −

ζ

ρ
Bφ

)
= ΩF(a) = const, (2.22)

where ΩF(a) is the angular velocity of the field line and it remains constant.

Thus, we have the mass flux density ζ(a) and the angular velocity of the field line ΩF(a) constant
along the field line. The two other quantities that are conserved along the field line are the total
angular momentum and the specific energy. In order to derive the conservation laws for the
remaining two quantities, we begin with steady state MHD momentum conservation equation
(equation 2.8),

1
4πρ

(∇ × ~B) × ~B − (∇ × ~u) × ~u = ∇

[
P
ρ

+
1
2
|~u|2 + Φ

]
. (2.23)

In an axisymmetric case, the toroidal component of the above equation can be expressed as,[
1

4πρ
(∇ × ~B) × ~B

]
φ

=
1
R
~u · ∇(ΩR2), (2.24)

which can be further simplified to

~Bp · ∇

(
RBφ

4π
− ρKΩR2

)
= 0. (2.25)

Thus, from the definition of the conserved quantity along a field line we have the expression for
the conserved specific angular momentum,

l(a) = Ruφ −
RBφ

4πζ
. (2.26)

Similarly one can derive the conserved form of specific energy from the poloidal component of
equation (2.24),

e(a) =
1
2

u2 +
P
ρ

+ Φ −
ΩFRBφ

4πζ
. (2.27)

In summary we have four conserved quantities along the field line for a steady state axisymmetric
MHD jet - (i) the mass flux density - ζ(a), (ii) the field line angular velocity - ΩF(a), (iii) the
specific angular momentum - l(a) and (iv) the specific total energy - e(a). These quantities
are used while setting up consistent launching boundary conditions for the numerical setup on
outflows from young massive stars (see Chapter 4).
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2.2 Physics of magnetized outflows

Magnetized winds and jets can be produced by rotating objects which have magnetic fields an-
chored to them. Such a magnetic field was also speculated to be a reason of spindown in stars
(Schatzman 1962). Weber & Davis (1967) developed quantitative models for magnetized stellar
winds. The main aim of this work was to explain spin down in stars. Later, Michel (1969, 1973)
applied the idea of magnetized outflows to the study of relativistic pulsar winds. The notion that
the strong outflows are magnetically driven from the accretion disks was proposed by Bisnovatyi-
Kogan & Ruzmaikin (1976), Blandford (1976) and Lovelace (1976). Further, Blandford & Payne
(1982) devised a self- similar model (Here after BP model) to quantify the physical properties
of magnetically driven outflows. While, full numerical solutions for the steady (non-relativistic)
problem were obtained by Sakurai (1987).

An initial attempt to model the equatorial magnetized stellar winds was made by Weber & Davis
(1967) following along the lines similar to Parker (1958) for the solar wind. The main difference
was to include the effects of large scale magnetic field and azimuthal rotation of the star. Weber
& Davis (1967) found that the topology of the magnetized solution was similar to the earlier
non-magnetized counter part but now it has to pass through three critical points as compared to
just one (sonic point in case of Parker’s model, see Sect. 2.2.2). In addition, they also found that
the gas convects away a substantial amount of angular momentum and the torques produced by
magnetic fields play a vital role in spin down of stars.

The interplay between rotation and magnetic fields was further applied to study acceleration and
collimation of jets from accretion disks around black holes (Blandford & Payne 1982, Sakurai
1987). The process of launching jets from disks was studied in a self similar manner for an axi-
symmetric setup by Blandford & Payne 1982 assuming the magnetic field at the disk surface to
be B(r, z = 0) ∝ r−5/4. Self similarity implies expressing all dynamical quantities as a function
of a single independent quantity. For the BP model, the spherical radius along a given direction
was used as an independent scale. The approximation of self similarity was further relaxed in the
model by Sakurai (1987). In this model, steady state axisymmetric MHD equations were solved
numerically to confirm the general results obtained from the self similar approach.

The following section gives some basic heuristic arguments explaining the physics of launching,
accelerating and collimating MHD outflows in view of the BP model (also see Spruit 1996,
2010).
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Figure 2.1: Cartoon picture representing the Blandford and Payne model of MHD launching and colli-
mation of jets. Left inset : Illustration of a gas particle attached to the magnetic field line as a ’bead on a
wire’. Right inset : Collimation of magnetic jets due to hoop stress.

2.2.1 Blandford Payne model : Heuristics

The seminal BP model presented self similar solutions for axisymmetric MHD jet flow. This
primary picture of MHD jet flow prescribes that the field lines inclined at certain angle (> 30◦)
from the normal to the disk are efficient to launch the matter via centrifugal acceleration and
further collimate the flow via generation of toroidal fields.

The magneto-centrifugal acceleration process is illustrated in the left inset of Fig. 2.1. Assume
that the underlying disk from which the outflow is launched is cool, implying that the rotation is
close to Keplerian and its thickness can be neglected. Also, assume that the gas above the disk
is sufficiently ionized so as to apply the ideal MHD limit i.e. the gas is tied to magnetic field
lines. Very close to the disk surface the atmosphere of the disk is forced to rotate with the field
lines sticking out of the disk. At the fixed foot point of the field line (r = r0), the inward gravity
is balanced by centrifugal force (Keplerian rotation). However, as one moves along the field
line, centrifugal force increases with distance from the axis and thus at some point it exceeds
the inward gravity pull. In such a case, the gaseous material is accelerated along the field lines
similar to beads moving on a rigid wire.
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To understand this picture quantitatively, consider the beads start from rest at the disk and are
carried with constant angular velocity on the rigid wire. In such a case the bead will experience an
effective potential due to the inwards gravity pull and outward centrifugal push. Such a potential
is given by,

φBP = −
GM
r0

1
2

(
r
r0

)2

+
r0

√
r2 + z2

 . (2.28)

Here r, z are cylindrical co-ordinates, r0 is the foot point of the field line attached to the disk
around the central object of mass M and G is the gravitational constant. To simplify the above
equation, let us choose x = r/r0 and y = z/r0. We now plot the equipotential surfaces as a
factor of −(GM/r0) in x-y plane. Such a contour plot is shown in Fig. 2.2. The solid black line
separates the regions from which winds can be launched. The dashed vertical line at r =

√
3r0

is an asymptote for the surface of marginal stability. In terms of angles, if the poloidal field
line makes an angle of less than 60◦ to the equatorial plane, then the gas near the disk surface
is unstable and will flow outwards. Whereas for more vertical field lines, the system is more
stable. In such a case no flow is expected. The condition for launching can be further modified
due to thermal effects. The critical angle is modified from 60◦ to 70◦ on inclusion of the thermal
pressure (Pelletier & Pudritz 1992).

At large distances above the disk (i.e. at the Alfvén surface), the centrifugal acceleration stops.
At this point the field is not strong enough to enforce co-rotation. Beyond this the inertia of
the gas causes it to lag behing the rotation of field lines, thereby winding up the field lines (see
Fig. 2.1). The wound field lines generates an azimuthal component of magnetic field which
decreases in magnitude with increasing height in the jet (as seen from non-rotating frame). The
pinch force due to azimuthal fields is directed inwards which causes the flow to be deflected
towards the axis (see right inset of Fig. 2.1).

Another important feature of this model apart from producing outflows is that of efficient extrac-
tion of angular momentum from the accretion disk. Such a removal of angular momentum would
aid viscous disks in the process of accreting matter. Based on conservation of angular momen-
tum, it can be shown that the ratio of the mass outflow rate to the mass inflow rate is related to
the Alfvén radius (rA) and the foot point radius (r0) -

Ṁout

Ṁacc
=

1
2

(
r0

rA

)2

. (2.29)

In summary, magnetically driven wind can be conveniently broken down into three conceptual
stages. Close to the disk surface, the wind is launched and the amount of mass ejected into the
flow depends on the details of the disk structure and the magnetic field configuration near this
surface. A bit further away from the disk, the flow is accelerated almost entirely by gravitational
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Figure 2.2: Contours (red) of effective potential on a bead moving on a rigid wire. The two main forces
that act are the central gravity pull and the outward centrifugal force. The black line passes through (r0,0)
and corresponds to φBP = −3GM/2r0. The angle between this iso-potential line and r-axis is 60◦. The
effective potential decreases with reaching the central star or radially outward. The unstable region left
of r = r0 marks the infall while the region to the right represents the outflow. The black dashed line at
r =
√

3r0 is the surface of marginal stability and reaches infinity in z-direction.
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and magnetic/centrifugal forces. As the acceleration phase ends roughly at Alfvén surface, the
collimation phase starts, in which the flow is deflected towards the axis by the hoop stress.

This physical picture of magnetized outflows has also been studied in a numerical framework. A
large number of numerical simulations of jet formation have been performed which all confirm
this picture of self-collimated MHD jets for low mass stars (Ouyed & Pudritz 1997, Krasnopolsky
et al. 1999, Fendt & Čemeljić 2002, Ouyed et al. 2003, Fendt 2006, Fendt 2009). Its applicability
has also been demonstrated for the case of extragalactic jets (e.g. Komissarov et al. 2007, Porth
& Fendt 2010).

2.2.2 Critical points and Lorentz force

Astrophysical relevant solutions for magnetized winds start at a very high density near the disk
surface and decrease to vanishing density at infinity. A smooth and valid solution should have no
discontinuity in the Bernoulli function (equation 2.27) over the entire density range. In order to
achieve such a continuos variation of e(a), the wind has to pass through various critical points.
In this section, the critical points related to axisymmetric MHD flow are discussed.

One of the most important critical point in a MHD flow is the Alfvén point (see Sect. 2.2.1).
The condition for the Alfvén surface can be derived by combining the conservation laws for
the angular velocity (ΩF(a)) and the total specific angular momentum (l(a)). Substituting the
expression for Bφ in equation (2.26) from equation (2.20), we obtain

uφ −ΩR =
l −ΩR2

R[1 − 1/(4πK2ρ)]
. (2.30)

The denominator on the RHS vanishes when 4πρu2
p/B2

p = 1, or up = UAp, where UAp = Bp/
√

4πρ
is the poloidal Alfvén speed. The location along the field line where the above condition is
satisfied is called the Alfvén point.

Along with the Alfvén point, the MHD winds have two more critical points corresponding to the
slow magneto-sonic and the fast magneto-sonic surface. The conditions to derive them is simply
given by

∂e(R, ρ)/∂R = 0 (2.31)

∂e(R, ρ)/∂ρ = 0

Using the equations of steady state MHD theory and definition of Alfvén point, the set of equa-
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tions (2.31) can be expressed as

ρ
∂e
∂ρ

= −
(u2

p − u2
sp)(u2

p − u2
fp)

(u2
p − u2

Ap)
, (2.32)

where the slow mode critical point usp and the fast mode critical point ufp are the solutions of the
equation given by

U4 − U2(c2
s + U2

A) + c2
s U2

A(Bp/B)2 = 0, (2.33)

here U is the wave speed, cs the sound speed and UA is the total Alfvén speed defined by
B2/

√
4πρ.

Thus, a feasible MHD wind solution should satisfy the conditions at these three critical points.
These points mark special positions on the field line. We have applied this fact in Chapter 4, to
quantify the collimation degree in the flow.

The physical force that is responsible for the dynamics (acceleration and collimation) of the
MHD wind is the Lorentz force. The Lorentz force, ~FL = 1

4π (∇ × ~B) × ~B , acts in a direction
perpendicular to that of the current density ~J = 1

4π (∇ × ~B) and the total magnetic field ~B. The
form of total current density ~J can be expressed using the Ampere’s Law, and in axisymmetric
case it is expressed as follows.

~J =
∇I × φ̂

2πR
(2.34)

where I(R, z) = 2πRBφ is the total current linked by a circle of radius R and with center at z.
The Lorentz force, ~FL, can be resolved into three components. The Lorentz force parallel to the
magnetic flux ( ~FL,‖) surface is responsible for acceleration of the flow, whereas the collimation of
outflow is determined by the component perpendicular to the flux surface ( ~FL,⊥). The azimuthal
component of the force ~FL,φ influences the angular velocity of the matter and thus affects the
centrifugal balance in the flow. The magnitude of these various components of the MHD Lorentz
force are given below (Ferreira 2002)

Fφ =
Bp

2πR
∇‖I (2.35)

F‖ = −
Bφ

2πR
∇‖I (2.36)

F⊥ = BpJφ −
Bφ

2πR
∇⊥I (2.37)

where, ∇‖ = ~Bp · ∇/Bp , ∇⊥ = (∇a · ∇)/|∇a| and Jφ is the azimuthal component of current density
~J.
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2.3 Accretion disk physics

Accretion disks plays a central role in the process of star formation. They are not only responsible
to accrete matter on the central star but also form the launching base of large scale jets and
outflows. A large number of macroscopic and microscopic processes affect the disk structure. In
this section, I will discuss a standard thin disk steady state model which has been widely used
to study accretion disks around numerous astrophysical objects (e.g. black holes, Cataclysmic
Variables (CVs), low mass stars). Furthermore, I will describe gravitational instability in the
disk which is one of the fundamental mechanism for transporting angular momentum. This
section is developed in line with the following literature - Frank et al. 1992, Hartmann 1998 and
Dullemond & Monnier 2010.

2.3.1 Steady state thin disk model

The steady state thin disk equations are presented in Frank et al. (1992). The vertically averaged
surface density Σ is related to the mass density ρ and the scale height H.

Σ = 2Hρ (2.38)

The scale height is estimated using the approximation for a thin disk

H =
√

2
(cs

Ω

)
(2.39)

where Ω is the Keplerian angular velocity and cs, the sound speed is defined in terms of temperature,T .
and other physical constants like Boltzmann constant kB, proton mass mp and the mean molecular
weight µ.

cs
2 =

(
kB

µmp

)
T (2.40)

The energy balance equation states that the amount of energy radiated from the disk is equal to
the amount of energy produced by viscous heating.(

16σ
3Σκ

)
T 4 =

(
9
4

)
ϑΣΩ2 (2.41)

The viscosity ϑ is defined by introducing the parameter αv Shakura & Sunyaev (1973),

ϑ = αvcsH. (2.42)

The Rosseland mean opacity κ (see equation (2.51) in Sect. 2.4.1), which derived in the dif-
fusion approximation to the radiative transport equation, is related to the mass density and the
temperature in form of power law with κ0 as constant and m, n as power indices

κ = κ0ρ
mT n (2.43)
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The condition for the conservation of angular momentum in steady state can also be derived.

Σϑ =
Ṁ
3π

1 − (R∗
r

) 1
2
 (2.44)

The dimensionless viscosity factor αv is introduced to parameterize viscosity by assuming that it
is a result of turbulent motions present in the disk. The physical significance of equation (2.42)
is that the largest size of turbulent eddy that can be sustained in the disk is of size equal to the
disk scale height and maximum speed of the turbulent motion is that of sound speed, this implies
values of αv . 1. The above equations can be solved consistently using the formulation for the
opacity.

The original standard disk model by Shakura & Syunyaev (1973) relates to solving above equa-
tions for the thin disk assuming certain opacity laws for different regions in the disk. The disk is
classified to have three regions (A,B, and C) depending upon the opacity and the pressure.

• Region C is the outermost region where the gas pressure is much greater than the radiation
pressure in the disk and free-free opacity dominates in this region.

• In Region B, the gas pressure is greater but the Thomson scattering is dominates over
Kramer’s opacity.

• Region A is closest to the central object and the radiation pressure in the disk is much
greater than the gas pressure.

For an opacity in the form of a power law given by equation (2.43), one gets power law solutions
of all the dynamical quantities in the disk. For instance, in case of the Kramer opacity law
(κ = 6.6 × 10−22ρT−

7
2 ) used by Shakura & Syunyaev (1973), the central temperature in the disk

around a typical massive star in the region where Pgas > Prad and σff > σt (region C) is

Tc(r) = 1.74 × 104 K (αv)−1/5
(

Ṁ
10−4 M� yr−1

)3/10 (
M

10 M�

)1/4 (
r

rstar

)−3/4 (
rstar

6 R�

)−3/4

(2.45)

where σff is the free free opacity and σt is the opacity due to electron scattering.

The above derived equations will be referred to in context of accretion disks around young mas-
sive stars in Chapter 3. The accretion disks transport material on the central star via transport of
angular momentum. Various mechanisms are discussed in the literature that aid in angular mo-
mentum transport (e.g. magneto-rotational instability, gravitational instability, jets and outflows).
In the next section, I will describe in detail the instability in disks due to gravitational torques.
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2.3.2 Gravitational instability

The prevailing paradigm of star formation is via accretion disks. One of the efficient mechanism
for transport of angular momentum is through gravitational instability (GI). GI’s can occur in
any region of the disk that becomes sufficiently cold or have a high surface density. This mech-
anism also explains the formation of gas giant planet close to the central star. Large number of
papers that give emphasis on planet formation via such disk instability are present in the litera-
ture (e.g. Boss 1998, Boss 2000, Durisen et al. 2007). The effects of gravitational instability on
massive accretion disks are also discussed in literature (e.g. Lodato & Rice 2005).

The physical aspect of GI’s were first put forward by Toomre (1964). He found that the parame-
ter, Q, that determines the occurrence of GI’s in thin gas disk is given by

Q =
csΩepi

πGΣ
. (2.46)

Here, cs is the thermal sound speed and Σ is the disk surface density. The epicyclic frequency Ωepi

can be approximated as the angular velocity of a pure Keplerian disk. In case of axi-symmetric
(ring-like) disturbances, disks are stable for Q > 1 (Toomre 1964). In the linear regime at high
Q-values, pressure represented by cs in equation (2.46) stabilizes short wavelengths, while long
wavelengths are stabilized by rotation (Ωepi in equation 2.46). The most unstable wavelength for
Q < 1 is given by

λm =
2π2GΣ

Ω2
epi

. (2.47)

In order to study GI’s in non-linear regime, large number of simulations have been carried out
with various grid and particle based codes (e.g. Pickett et al. 2000, Nelson et al. 2000). These
simulations indicate that as GI’s emerge from linear regime, they may either saturate at nonlinear
amplitude or fragment the disk. The fate of disk is controlled mainly by - disk thermodynamics
and non-linear mode coupling.

GI’s leads to formation of spiral arms in the disk. These arms are source of spiral density waves
that produce strong localized heating in the disk due to shocks. Gas in the disk is also heated
by compression and through net mass transport due to gravitational torques. Balance between
heating and cooling processes in the disk plays a crucial role in determining the fate of the final
disk configuration. In case of slow to moderate cooling, thermal regulation of GI’s is achieved.
In such a case, Q hovers near the instability limit and the nonlinear amplitude is governed by the
cooling rate. Based on a study of large number of simulations with varied disk cooling times,
Gammie (2001) derived a criteria for the disk to fragment in presence of GI, given by

tcool ≤ 3Ω−1, (2.48)

where Ω is the angular velocity of the rotating disk.
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2.4 Radiative processes

Radiative processes play a central role in a myriad astrophysical systems. In most of them,
radiation is treated as a particle phenomenon. In this picture, light is made up of quanta (photons)
with energy proportional to the frequency ν. Interaction of these photons with matter results in
their creation or destruction. Radiation can affect the surrounding matter either by an exchange
of momentum and/or by an exchange of heat. Radiative processes play a vital role in study of
star formation. They become even more important in case of young massive stars. These stars
begin to radiate while they are accreting mass from the disk/core. Thus, photons emitted during
the formation process could have a possible role in governing the dynamics of the surrounding
material.

During this thesis, I have studied two different physical systems that include effects due to radia-
tive processes. One of them deals with transfer of momentum from the photon to the matter in
magnetically driven jets (Chapter 4). The other deals with flux limited radiative transfer in the
surrounding self-gravitating accretion disk (Chapter 5).

2.4.1 Mean opacities

Opacities are fundamental quantities in theory of radiative transfer. It represents the ability of
the material to absorb radiation. Detailed analysis of the opacity requires the understanding of
various microscopic processes (e.g. bound-bound, bound-free, free-free, electron scattering) that
can absorb (or emit) photons at each frequency ν. Macroscopically, opacity is a quantity that
takes into account the combined effect of these microscopic processes.

Quantitatively, opacity is related to the mean free path of photon with energy hν :

Λ =
1
κνρ

. (2.49)

Here, the subscript ν denotes the implicit dependence of opacity on frequency and ρ is the mat-
ter density. The dependence of opacity on the frequency is complicated for many real physical
systems. Thus, solving realistic radiative transfer equations in which opacity enters nonlinearly
becomes difficult. The approach usually preferred for solving such problems is the grey approxi-
mation. In this approximation, a frequency weighted mean opacity is defined that could represent
correctly the total transport of radiation.

I will discuss three of such mean opacities that are widely used in this work. They are (i) the flux
weighted mean, (ii) the Rosseland mean and (ii) the Planck mean. These means are defined while
transforming the radiation moments equations (see equations (2.54-2.56) in Sect. 2.4.2) from the
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non-grey to the grey formalism. Quantitatively, they differ from each other in the process of
averaging.

The flux weighted mean has the simplest form of all and is defined as weighted average with the
flux as weights. The formulae is given by,

< κν >F=

∫ ∞
0
κνFνdν∫ ∞

0
Fνdν

, (2.50)

where, F =
∫ ∞

0
Fνdν, is the flux integrated over the complete frequency spectrum.

The Rosseland mean opacity which is widely used in the optically thick stellar interiors is defined
as follows :

1
< κν >R

=

∫ ∞
0

[1/κν]dBν(T )/dTdν∫ ∞
0

[dBν(T )/dT ]dν
. (2.51)

Here Bν(T ) is the standard Planck function. The assumptions valid for stellar interiors (isotropic
radiation field and thermodynamic equilibrium) are applied to derive the above equation.

The Planck mean opacity on the other hand is applicable to stellar atmospheres (optical depth
τν << 1) and quantitatively it has the same form as equation (2.50), but using the Planck function
as weights. Thus, the Planck mean opacity is defined as

< κν >P=

∫ ∞
0
κνBν(T )dν∫ ∞

0
Bν(T )dν

. (2.52)

The major advantage of defining mean opacities is that they can be expressed as functions of
matter quantities like the density (ρ) and the temperature. Such a simplification can be used
as an advantage to solve the equations of radiation hydrodynamics. The various mean opacities
have their regions of validity and utility, but none can fulfill the promise of reducing the non-grey
problem to that of a grey problem. However, they greatly reduce the complexity of the problem
of radiative transport and thus are of critical importance for all practical purposes.

2.4.2 Radiative transfer

This thesis deals with radiative transfer along with hydrodynamics in the process of understand-
ing dynamical evolution of the inner accretion disk. The radiative transfer equations are solved
numerically along with standard set of hydrodynamical equations for this exercise. Details of im-
plementing these equations in numerics are given in Chapter 5. Here, I will mainly draw on the
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descriptions of basic radiative transfer theory by Chandrasekhar (1960), Shu (1991) and Castor
(2004).

The important quantity to define a priori in the study of radiative transfer is the specific intensity
Iν. It is the energy flux per unit time, unit frequency, unit solid angle and unit area normal to the
direction of propagation -

Iν =
dEν

cosθdνdωdAdt
. (2.53)

The radiation field will generally interact with the medium through which it travels. The medium
can absorb, scatter and emit photons, with all three processes modifying Iν as a function of space,
time and incident radiation. Therefore, in general Iν is a function of seven independent variables
(three in space for position, two angle coordinates for direction, and as a function of time and
frequency).

Although the radiation field is defined completely by Iν, it is more intuitive to define moments
considering the multivariate nature of the specific intensity. The zeroth moment of the intensity
is the energy density of radiation defined as

Eν =
1
c

∫ 4π

0
Iνdω. (2.54)

The vector flux ~Fν is the first moment and is defined along the unit vector n̂ as follows

~Fν =

∫ 4π

0
n̂Iνdω. (2.55)

The final moment is the radiation pressure tensor prescribed as

Pν =
1
c

∫ 4π

0
n̂n̂Iνdω. (2.56)

In order to derive the radiative transport equation, I begin with the definition of the continuity
equation of Iν (Castor 2004) in a perfect vacuum. In this case of zero optical depth (τ = 0), the
radiative transfer guarantees that the beam intensity Iν will remain constant as it moves along the
(unit) direction vector n̂, in some interval ∆t

Iν(~r + (c∆t)n̂, t + ∆t) = Iν(~r, t). (2.57)

Here ~r is the position vector and c is the speed of light. Taylor expansion about (~r, t) and
neglecting higher order terms results in

1
c
∂Iν
∂t

+ n̂ · ∇Iν = 0. (2.58)
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In general, one should also account for radiation sources and sinks. Incorporating them in equa-
tion (5.4) gives

1
c
∂Iν
∂t

+ n̂ · ∇Iν = jν − χνIν, (2.59)

where χν and jν are the absorption and emission coefficient of the matter respectively. The equa-
tion of radiative transfer (equation 2.59) describes the evolution of specific intensity as radiation
propagates in a medium with radiation sources and sinks. Solving equation (2.59) with full gen-
erality could be quite complex. Thus, certain physical approximations have to be assumed to
solve this equation. The most widely used method particularly in optically thick region is the
flux limited diffusion (FLD).

The radiation transport equation can be reduced to FLD form by transforming it into evolutionary
equations for various moments. We multiply equation (2.59) with 1 and n̂ successively and
integrate over angles to obtain energy density and radiation flux. Then, using the definitions of
various moments of specific intensity (see equations 2.54-2.56) we obtain

∂Eν

∂t
+ ∇ · ~Fν = 4π jν − χνcEν, (2.60)

and
1
c
∂ ~Fν
∂t

+ c∇ · Pν = −χν ~Fν. (2.61)

In the FLD approximation, the radiation is treated as a photon fluid which diffuses out in an
optically thick matter distribution. This approximation holds true for cases in which the mean
free path of photon (see equation 2.49) is much less than any of the physical scales considered in
this problem. Assuming χν >> 1, equation (2.59) in first approximation can be given by

Iν ≈
jν
χν

= S ν, (2.62)

which implies that the radiation is in equilibrium with the medium. Now, assigning temperature
T to the medium, the source function S ν simply is the Planck function Bν(T ). Also, if the radi-
ation field is treated to be isotropic, the Eddington approximation relates the radiation pressure
with energy density as

P =
1
3

EI, (2.63)

where I is the identity matrix.

Substituting equation (2.63) in equation (2.61) we get

1
c
∂ ~Fν
∂t

+
c
3
∇Eν = −χν ~Fν. (2.64)
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Thus equations (2.60) and (2.64) form a closed set for the moments Eν and ~Fν and can be solved
in conjunction with hydrodynamic equations (equations 2.1-2.5) for the problems considered
here (see Chapter 5).

In the steady state (∂ ~F
∂t = 0) condition, equation (2.64) becomes,

~Fν = −
c

3χν
∇Eν. (2.65)

The radiation flux is thus represented as a function of the gradient of radiation energy, Eν. In
doing this, we get rid of the radiation momentum density and thus substantially simplify the
radiation transport equation. The radiative flux need not be kept as a separate variable and can
be eliminated using equations (2.60) and (2.65),

∂Eν

∂t
− ∇ ·

(
c

3χν
∇Eν

)
= 4π jν − χνcEν. (2.66)

This is a parabolic equation, similar to the one describing the diffusion of heat. Now, consider
dropping the source and the sink term on the RHS of equation (2.66), then, the equation is a wave
equation that spreads according to x ∼

√
ct/3χν. In such a case, if a transport is non- diffusive

(χνct < 1) then the propagation of radiation pulse at t=0 could be faster than speed of light. This
is due to the fact that there is no limit on the flux as seen from equation (2.65). Ad hoc methods
have been developed to ensure that the flux is limited to give a physical result in such cases. They
are called the flux limiters (e.g. Levermore & Pomraning 1981). The forms of these flux limiters
will be discussed in Chapter 5 along with the numerical implementation.

2.4.3 Line driven winds

Hot massive OB stars are known to have strong mass loss in the form of stellar winds dur-
ing later stages of their life times. The derived mass loss rates are typically of the order of
10−6 M� yr−1. The stellar winds are primarily radiation driven via a so-called line driving mech-
anism (e.g. Kudritzki & Puls 2000, Owocki 2009). In this process, the gas is accelerated by
transferring momentum from the photospheric photons to the stellar atmosphere plasma through
absorption of spectral lines. Thus, the wind properties depend on the number of lines being
available and also on their ability to absorb these lines (i.e. optical thickness). The velocities
measured in these winds are high, ranging from ∼ 500− 1000 km s−1 and are usually supersonic.

This theory was first developed by Castor et al. (1975) who solved the radiative transfer equa-
tions from spectral lines in moving atmospheres. According to their studies (hereafter the CAK
theory), the force due to lines transfer can be expressed as a product of force due to continuum
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radiation and a force multiplier,

M(T ) =
∑
lines

(
∆νDFν

F

1 − e−ηT

T

)
, (2.67)

where ∆νD the Doppler shift, Fν the radiation flux at frequency ν, and F the total integrated flux.
The optical depth parameter T is related to the gradient of velocity, the density in the wind and
the ion thermal velocity uth,

T =
ρσeuth

|n̂ · ∇(n̂ · ~u)|
. (2.68)

The optical depth parameter T can be related to the optical depth of a particular line τL(n̂) = ηT .
The line strength η is the ratio of the line opacity κL to the electron scattering opacity σe, while
n̂ is the unit vector along the line of sight (l.o.s.). The classification of lines in optically thin and
thick lines is done on the basis of interaction probabilities. Optically thick lines are those which
have interaction probability of unity. Lines with optical depths τL < 1 are optically thin, and their
probability of interaction is τL. Based on this approximation, the force multiplier is separable
and can be written differently for very high or very low optical depths. When the gas is optically
thick, τL > 1, the force multiplier depends only on the local dynamical quantities of the flow,

Mthick(T ) =
∑

thicklines

(
∆νDFν

F

1
T

)
, (2.69)

while for the optically thin case τL < 1 the force multiplier is independent of the local dynamics,
but depends on the line strength of individual thin lines,

Mthin(T ) =
∑

thinlines

(
∆νDFν

F
η

)
. (2.70)

In general, for a gas distribution with a mixture of optically thick and thin lines, the empirical
form of the total force multiplier integrated over all lines can be expressed as a power law,
M(T ) ∼ kT −α, where k and α are line force parameters (Castor et al. 1975). Depending on the
selection of lines, for massive OB stars typical values obtained for k range from 0.4-0.6, while α
ranges between 0.3 and 0.7 (Abbott 1982). Physically, the value of k is proportional to the total
number of lines. The quantity α can be considered as a measure for the ratio of acceleration from
optically thick lines to the total acceleration (Puls et al. 2000).

A general parametrization for the force multiplier which is independent of arbitrary uth has been
introduced by Gayley (1995). In his formulation, the constant k initially introduced by Castor
et al. (1975) has been replaced by Q̄ and the force multiplier can be expressed as follows,

M(T ) =

[
Q̄1−α

1 − α

(
|n̂ · ∇(n̂ · ~u)|

σecρ

)α]
. (2.71)
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The strongest form of this parameterization requires the ansatz Q̄ = Q0, where Q0 being the line
strength of the strongest line.

Typically for massive stars, the parameter Q̄ lies in the range of 1000-2000 (Gayley 1995). For
our present study, we have applied the force multiplier considering this general parameterization
in its strongest form. Thus, we have the two parameters Q0 and α which define the force multi-
plier (Eq. 2.71) and hence the line forces. One of the important properties of the force multiplier
M(T ) is that its value saturates to a maximum value Mmax when the medium becomes optically
thin and the optical depth parameter approaches a minimum value, T ≤ Tmin. The typical value
for the maximum force multiplier is relatively constant, Mmax ∼ 103, depending only on the
metallicity (Gayley 1995).

2.5 Numerical code

The numerical calculations performed in this thesis are done with a modular code PLUTO
(Mignone et al. 2007). PLUTO is a versatile code written in C language and is used for solving
various astrophysical problems in 1, 2 and 3 spatial dimensions for different system of coor-
dinates. The code provides a multi-physics, multi-algorithm modular environment and is built
on a Godunov-type shock capturing schemes. The code is fully parallelized using the Message
Passing Interface (MPI) library.

PLUTO is designed to integrate a general system of conservation laws given by

∂U
∂t

= −∇ · T(U) + S(U). (2.72)

Here, U is a state vector of conservative quantities, T(U) is a rank-2 tensor with rows as fluxes of
each component of U and S(U) represents the source terms. In this work, I have used two non-
relativistic modules of the code - HydroDynamics(HD) and MagnetoHydroDynamics(MHD).
The equations which are solved by the PLUTO code are listed in a tabulated form for both the
modules (see Table A.1).

In general, the code follows a standard four step approach in solving equation (2.72) irrespective
of the selected module :

I Volume averages U are mapped into primitive variables V.

II A piecewise polynomial is constructed by interpolating cell centered primitive variables V
at each cell to get the left and right state at the cell edges.
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III A Riemann problem is solved to obtain the flux at the interface. The input to the solver are
the left and right states obtained from reconstruction as described above.

IV Finally using these fluxes at the interface, the solution is advanced in time.

Such a general scheme to solve conservative equation does not naturally preserve the solenoidal
condition, which is very crucial for problems related to MHD. There are number of techniques
implemented in the PLUTO code to ensure that no monopoles exists. The problem of jet launch-
ing considered in the present thesis (see Chapter 4) applies to the method of Constraint Transport
(CT) (Gardiner & Stone 2005). In the CT formulation, the cell centered magnetic field addi-
tionally has staggered components and the induction equation is integrated directly using Stoke’s
theorem.

In almost all of our numerical setup, we use piecewise linear interpolation to construct the left
and the right states of the primitive variables. The discretization in space is 2nd order accurate.
The time-marching for explicit numerical integration is done using the second-order Runge Kutta
method. The time step ∆t is limited by Courant, Friedrichs and Lewy (CFL) condition (Courant
et al. 1928). The Riemann solver chosen for our setup is HLL (e.g. Toro et al. 1994).

In grid based numerical codes, there are mainly two zones - (i) the active zone (domain), where
the equations are solved and (ii) the ghost zone (boundaries), where the boundary conditions are
prescribed depending upon the problem. The boundary conditions usually are dependent on the
values in the active zone. The PLUTO code comes with many pre-defined boundary conditions
as modules to be defined in the initial setup file. For example, the outflow boundary condition is
in which the values of various quantities in the ghost zone are copied from the first active zone.
The PLUTO code also gives the flexibility of prescribing user defined boundary conditions as
required by the problem under consideration.

The PLUTO code is developed specially to deal with problems related to jet dynamics. The code
has very robust shock capturing schemes which are vital for such problems. The code is well
tested for numerous standard test problems for all physical modules and in all geometries. In
this work, I have modified the original code to include additional physics for solving numerical
problems related to jet and accretion disk dynamics. Details of these modifications are presented
in Chapters 4 and 5.



The main purpose of science is simplicity
and as we understand more things,
everything is becoming simpler.

Edward Teller (1908-2003) 3
Analytical study of inner accretion disk

around massive YSO

This chapter is based on a paper titled - Accretion Disks Around Massive Stars: Hydrodynamic
Structure, Stability, and Dust Sublimation published in the The Astrophysical Journal by Bhargav
Vaidya, Christian Fendt & Henrik Beuther (Vaidya et al. 2009).

We investigate the structure of accretion disks around massive protostar applying steady state
models of thin disks. The thin disk equations are solved with proper opacities for dust and gas
taking into account the huge temperature variation along the disk. We explore a wide parameter
range concerning stellar mass, accretion rate, and viscosity parameter αv. The most essential
finding is a very high temperature of the inner disk. For e.g. a 10 M� protostar and an accre-
tion rate of ∼ 10−4 M� yr−1, the disk mid-plane temperature may reach almost 105 K. The disk
luminosity in this case is about 104 L� and, thus, potentially higher than that of a massive pro-
tostar. We motivate our disk model with similarly hot disks around compact stars. We calculate
a dust sublimation radius by turbulent disk self-heating of more than 10 AU, a radius, which is
3 times larger than caused by stellar irradiation. We discuss implications of this result on the
flashlight effect and the consequences for the radiation pressure of the central star. In difference
to disks around low mass protostars our models suggest rather high values for the disk turbu-
lence parameter αv ≤ 1. However, disk stability to fragmentation due to thermal effects and
gravitational instability would require a lower αv value. For αv = 0.1 we find stable disks out to
80 AU. Essentially, our model allows to compare the outer disk to some of the observed massive
protostellar disk sources, and from that, extrapolate on the disk structure close to the star which
is yet impossible to observe.

37
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3.1 Introduction

Massive stars play a vital role in order to understand the dynamical evolution of clusters in
which they are the major source of heavy elements and UV radiation. During their short life
time, they impact their surrounding by a number of physical processes such as jet like outflows,
strong winds, photo evaporation, expanding HII regions and eventually supernova explosions
(Zinnecker & Yorke 2007, Beuther 2007). Collimated molecular outflows and jets from young
massive protostars have been observed (Beuther et al. 2002b, Beuther & Shepherd 2005), al-
though the launching mechanism for outflows have been mainly investigated for low mass pro-
tostars so far (see e.g. Casse & Keppens 2002, Pudritz et al. 2007, Fendt 2009).

Understanding massive star formation has been a very active field of research for both the ob-
servers and the theorists. The basic differences of high and the low mass star formation process
are that of timescales, energy scales, mass flow rates and high luminosity of the central star.
Low mass stars have well defined phases in their formation process and they only start burning
hydrogen after accretion of all matter is done (Stahler & Palla 2005). In contrast, massive stars
have very short Kelvin Helmholtz time of ∼ 104 − 105 yr, and thus start burning hydrogen even
when they are still accreting. One of the problems in the formation of massive stars is that,
at some point in time, the strong radiation pressure from the luminous central star may exceed
the Eddington limit in spherical symmetry and does not allow the matter to accrete anymore.
This seems to limit the mass of the star to be formed via the spherical accretion to about 20 M�

(Wolfire & Cassinelli 1987).

However, disk accretion may add dynamical pressure to the accreting matter which may help
overcoming the stellar radiation pressure. Thus, the star formation scenario for low and high mass
stars could in principle be the same (e.g. Keto 2007), suggesting that high mass star formation as
a scaled up version of the low mass star formation process. We aim to construct a global model
(length scales of ∼ 0.1 AU to 100 AU) of the accretion disk around massive young stars. By
fitting the outer disk structure to the observations, this will allow us to investigate, the feasibility
of certain physical processes in inner disk which could be essential for the pre-stellar evolution
as angular momentum transport or processes responsible for launching of outflows.

This chapter relies on one essential assumption - that is the disk accretion rate. Both estimates
following the observed outflow rates and the time scale of mass aggregation suggest accretion
rates in the range of 10−3 − 10−4 M� yr−1 (Beuther et al. 2002b, Zhang 2005, Grave & Kumar
2009). However, one of the aims of our study is to understand whether such values are compatible
with theoretical accretion disk models.

In order to study the global disk structure around massive stars, we apply the standard thin disk
model (Shakura & Syunyaev 1973, Morfill & Wood 1989, Ruden & Pollack 1991, Frank et al.
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1992, Stepinski et al. 1993, Bell & Lin 1994, see Sect. 2.3.1) with appropriate modifications.
The essential part of our model is to take into account the proper gas and dust opacities for a
huge temperature regime as indicated for high accretion rates on to massive stars. The steady
state state hydrodynamical equations (2.38-2.44) were solved including dust opacities that has
been applied to disks around low mass stars and solar nebula (Ruden & Pollack 1991, Stepinski
et al. 1993, Stepinski 1998, Del Popolo & Ekşi 2002). The application of such a thin disk model
to massive stars is a simple approach to understand the dynamics of the disk especially in the
inner most region which can not be resolved with the help of present day telescopes.

3.2 Disk opacities

The work done by Shakura & Syunyaev (1973) was mainly focused on hot accretion disks around
black holes, the contribution to the opacity in their case was mainly from the electron scattering
or free-free emission depending upon the optical depth in the disk. However in disks around
massive young stars, contribution to opacity also comes from dust present beyond the sublimation
radius, many molecular and atomic lines and other scattering processes. Since massive stars have
large radiation fields that heavily affect the huge amount of dust present in the envelope and also
the gas that is present in the inner part, one has to take into account a proper contribution of
opacities from dust and gas to have a consistent accretion disk model.

In our model the dust opacity does not have any explicit dependence on frequency, so the effective
value of the opacity

κeff =

∫
κνFνdν∫
Fνdν

(3.1)

simplifies to κeff = κν.

We follow that the matter is accreted via a disk investigating the possible location of the dust
sublimation radius. The expectation is that the active disks will be dominating in destroying the
dust in the disk at a much further radius then it would have been destroyed by the heating from
star. This would result in lowering the radiation pressure on the dust and allowing the infall of
matter on the central star.

Apart from some metal silicates all the dust grains that are present sublimates at around 1500 K.
Since at this temperature, the gas and the dust opacities vary substantially, it is essential for
calculating radiation pressure to consider the proper opacity.
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3.2.1 Dust opacities

There are many factors one has to take into account for getting a consistent model for dust
opacity such as the size of the grains, distribution of grains in the disk and the coagulation of
dust grains. Also the temperature of the disk varies over a large range and this would clearly
affect the composition of the dust and alter the gas to dust ratio typically ∼ 100 in the disk. This
radial variation in the gas to dust ratio will not only modify the gas pressure along the disk but
also the other dynamical disk quantities. The usual assumption in many of the dust models is
that the dust and gas are well coupled and also the gas to dust ratio is taken to be 100. In general,
opacity has a typical dependence on temperature and density. (e.g. Morfill & Wood 1989, Ruden
& Pollack 1991, Bell & Lin 1994, Ossenkopf & Henning 1994, Helling et al. 2000, Semenov
et al. 2003).

In the regime which is dominated by dust (r � R∗), the opacity depends very weakly on density.
In the present work we apply for the dust dominated region the model proposed by Ruden &
Pollack (1991) in which the Rosseland mean opacities have been given in terms of the power
laws of the form given in equation (2.43), in different regimes that have been distinguished on
the basis of temperature and mass density (see Table 3.1). Using this power law form of opacity,
equations (2.38-2.43) can be reduced to a form representing the viscosity as a function depending
on surface density and the radial distance as

ϑ = CΣprq (3.2)

This form of viscosity can be then substituted in equation (2.44) so that all the dynamical quan-
tities namely the surface density, mass density, central temperature, scale height of the disk can
be expressed as power laws of mass, accretion rate, radial distance and the viscosity parameter
αv. For the parameters of a typical massive star these quantities (Q) can be written

Q = Ci

(
Ṁ

10−3 M� yr−1

)βi ( M∗
M�

)γi

αδi
v

(
r
Ri

)εi

(3.3)

(e.g. Ruden & Pollack 1991, Stepinski et al. 1993, Del Popolo & Ekşi 2002). Here Ṁ is the mass
accretion rate, M∗ the mass of the star and r is the radial distance in the disk. The index i denotes
the opacity regime as given in the Table 3.1. (i = 1, 2...6), Ci are constants and Ri is chosen as
a typical radius for that regime. The dust model taken into account does not consider explicit
wavelength dependence of opacity.
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Table 3.1: Different regimes of the opacity taken from Ruden & Pollack (1991) with the conditions for
the change over and description of the main components of dust in each regime

Regime κi Condition Description

1
(
2 × 10−4

)
ρ0T 2 T ≤ 150 K dominated by Water and Ice grains

2
(
1.15 × 1018

)
ρ0T−8 T ≤ 180 K Sublimation of Ice grains

3
(
2.13 × 10−2

)
ρ0T 0.75 T ≤ 1380 K

(
ρ

10−8

)1/50
mainly consists of Iron and Silicate grains

4
(
1.57 × 1060

)
ρ3/8T−18 T ≤ 1890 K

(
ρ

10−8

)1/48
Sublimation of refractory grains

5
(
1.6 × 10−2

)
ρ0T 0 T ≤ 2620 K

(
ρ

10−8

)2/27
Molecular and atomic lines contribute

6
(
2 × 1034

)
ρ2/3T−9 T ≤ 3200 K Molecular and atomic lines contribute

3.2.2 Gas opacities

The opacity of gas and dust have been estimated consistently. These opacities are usually listed
in form of a table in two parameters space, temperature (T) and parameter (R) which is dependent
on density in a following manner

R =
ρ

(T6)3 (3.4)

(Iglesias & Rogers 1996, Ferguson et al. 2005) where ρ is the density and T6 is the temperature
normalized to 106 K. These opacities also show some dependence on metallicity as well.

In a regime where dust begins to sublimate and molecules start to form, there is a sharp decrease
in the opacity. In this regime, dependence of opacity on density is strong, unlike the opacity
due to dust, and in general it is very difficult to get the true value of the opacity in this region
so usually linear interpolation is used (Semenov et al. 2003). Due to steep turn over of the
opacity gradient with the temperature, numerical difficulties arise when the dynamical quantities
are estimated for this region. In the present work, we take into account the opacity table a by
Ferguson et al. (2005), which has the temperature range of our relevance (500 K - 104.5 K). For
the present purpose we choose a table with hydrogen fraction X = 0.94 and metallicity Z =

0.06. In fact, we also in the inner most region obtain higher temperatures and so we apply in
continuation the OPAL opacity tables b for higher temperatures (≥ 104.15 K) (Iglesias & Rogers
1996). We create an equispaced grid of two parameters log(T) and log(R) as defined above and
put the values from the table in the grid and fit a 2D cubic spline on it to get the interpolated
values of opacity for any given temperature and density, but as the regime where the gas and dust
coexists is difficult to model numerically as the opacity do not converge to a unique value, we
make a linear approximation as zeroth order approach and compare with the analytical models

ahttp://webs.wichita.edu/physics/opacity
bhttp://www-phys.llnl.gov/Research/OPAL/opal.html

http://webs.wichita.edu/physics/opacity
http://www-phys.llnl.gov/Research/OPAL/opal.html
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present. (e.g. Ruden & Pollack 1991, Bell & Lin 1994).

3.3 Outer disk structure

The main contribution of opacity in the outer disk is from dust. The numerical values for the
dynamical quantities expressed as given by equation (3.3) in different opacity regimes are listed
in Table 3.2. The radial profile of the disk mid-plane temperature, surface density, mass density
and scale height for a high mass star is shown in Fig. 3.1 for a 10 M� star with accretion rate of
the order of 4.2 × 10−4 M� yr−1 and the a viscosity parameter αv = 1. With these parameters,
the central temperature reaches 1500 K around 12 AU due to viscous heating, which causes the
dust to sublimate. Figure 3.1 shows two curves for each quantity. The solid curve is obtained by
implementing the opacity power laws as given by Ruden & Pollack (1991), whereas the dashed
line is obtained by using the opacities by Stepinski et al. (1993) and extrapolating it to higher
mass stars.

There are few kinks seen in the plot, which are due to the fact that the dust opacity model used
comprises of different regimes and in each of these regimes have a different form of power law
(see Table 3.1). These regimes are connected using the standard procedure (Lin & Papaloizou
1985) of equating the opacity in two consecutive regimes, κi = κi+1.

Since formation of massive stars involves large accretion rates the surface density and the mass
density in the disk is higher than the lower mass counterparts, as more matter will be injected in
the inner region. We find the scale height ratio obtained from the present model is approximately
constant in the outer disk, with a radial dependence ∝ r0.28 and consistent with the thin disk
approximation.

A least square linear fit of dynamical quantities gives for the temperature profile a power for the
radial distance as -0.45 and for density as -2.35. The surface density has a rather flat profile as
the best fit gives the dependence of the form ∝ r−1.1. These profiles are similar to those obtained
by Ruden & Pollack (1991) but here applied for a high mass star with high accretion rate.

The parameter values discussed above were chosen i) to have most part of the inner 100 AU disk
to be gravitationally stable and also ii) to ensure that the dust in the disk sublimates at a distance
substantially further than caused by sublimation from stellar irradiation. (see below)
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Figure 3.1: Radial profiles of mid-plane temperature (T), mass density (ρ), surface density (Σ) and the
scale height ratio (h/r) for the outer dust dominated disk. The dashed line represents the tabulated values
(see Table 3.2), the solid line is obtained by using the Ruden & Pollack (1991) opacity power laws. These
plots are for typical Ṁ = 4.2 × 10−4 M� yr−1 , stellar mass M = 10 M� and αv ∼ 1. The radial index of
the best fitted linear plot are mentioned in each subplot.
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Table 3.2: The various dynamical quantities for the massive star using the interpolated Rosseland mean
dust opacity model given by Ruden & Pollack (1991).(see equation (3.3) and Table 3.1)

Regime 1 R1 = 400 AU

Q T [K] Height[cm] ρ[g cm−3] Σ[g cm−2]

Ci 126.3 9.9 × 1014 1.3 × 10−13 258.8

Regime 2 R2 = 250 AU

Q T [K] Height[cm] ρ[g cm−3] Σ[g cm−2]

Ci 169.8 5.7 × 1014 3.4 × 10−13 393.1

Regime 3 R3 = 50 AU

Q T [K] Height[cm] ρ[g cm−3] Σ[g cm−2]

Ci 814.5 1.12 × 1014 4.1 × 10−12 907.6

Regime 4 R4 = 10 AU

Q T [K] Height[cm] ρ[g cm−3] Σ[g cm−2]

Ci 1613.2 1.4 × 1013 1.8 × 10−10 5126.4

Regime 5 R5 = 6 AU

Q T [K] Height[cm] ρ[g cm−3] Σ[g cm−2]

Ci 1918.3 7.1 × 1012 6.5 × 10−10 9282.8

Regime 6 R6 = 3 AU

Q T [K] Height[cm] ρ[g cm−3] Σ[g cm−2]

Ci 2767.9 3.0 × 1012 3.0 × 10−9 1.8 × 104
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3.4 Sublimation of dust

Most of the dust grains sublimate when the temperature in the disk reaches the critical value of
1500 K. The radius of the disk at which this value of critical temperature is reached is the dust
sublimation radius. The disk can be heated by various processes such as viscous heating, stellar
irradiation, convection, cosmic rays (D’Alessio et al. 1998). However, in the present work we
estimate the dust sublimation radius via two main processes namely viscous heating and stellar
irradiation (see Table 3.3).

3.4.1 Disk Self-Sublimation of dust

For our massive stellar disk model, we define that radius where the disk temperature reaches
1500 K as disk self-sublimation radius. Essentially, the disk temperature is determined by Ṁ,
while the radial velocity is governed by αv. The higher the accretion rate, more the gravitational
potential energy from the accreted mass is converted to thermal energy in the inner region, thus
increasing the disk temperature. High mass accretion rates ∼ 10−3 − 10−4 M� yr−1 are indirectly
related to the formation of massive stars, indicating hotter disks in massive stars.

The dust sublimation radius can be estimated from the temperature profile in regime 4 (see Ta-
ble 3.2) as the critical value of 1500 K is obtained in this regime,

T = 1.6 × 103 Kα−0.058
v

(
Ṁ

10−3 M� yr−1

)0.101 (
M
M�

)0.080 ( r
10 AU

)−0.239
(3.5)

Thus the dust self-sublimation radius is

Rsub,disk = 10 AUα−0.242
v

(
Ṁ

5 × 10−4 M� yr−1

)0.422 (
M

10 M�

)0.3347 ( T
1500 K

)−4.184

(3.6)

3.4.2 Dust Sublimation by Stellar radiation

The second process of disk heating is by radiation from the central star. The dust sublimation
radius due to the absorption of UV radiation from the star by the disk is dependent on the effective
temperature and the radius of the star or equivalently to the luminosity of the star. We can
estimate the relation between the temperature of the disk and the temperature of the star just by
equating the flux from the star that is absorbed by the disk to the flux emitted by it considering
it as black body. The disk is also assumed to be locally isothermal, which is an appropriate
assumption for optically thick disks The mid plane temperature of the disk due to heating from
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central star can be estimated,

Td =

(
θψs

2ψi

)1/4 (R∗
r

)1/2

T∗ (3.7)

(e.g. Dullemond et al. 2001) where θ is the angle with which the radiant flux is incident on the
flaring disk, ψs denotes the fraction of flux that is absorbed by the interior and ψi is correction
factor which accounts for the fact that the disk interior is not fully optically thick for its emis-
sion. The small correction due to back-warming in the disk is neglected. This correction mainly
depends on the underlying dust properties (Monnier & Millan-Gabet 2002). For a dust subli-
mation temperature of ∼ 1500 K, we can estimate the sublimation radius due to absorption of
radiation from the above equation (3.7) noted as Measure A whereas Measure B we denote as
the sublimation radius calculated using the standard formula given by Monnier & Millan-Gabet
(2002). In Table 3.3 we show the typical values of the sublimation radius from these measures.
For a typical B2 star of mass = 10 M� and Teff = 22000 K (Lang 1992) with ZAMS value for the
stellar radius as 6 R�, one gets a dust sublimation radius due to heating from stellar radiation of
Rsub,∗ ∼ 4 AU for measure A and ∼ 3 AU for measure B. This value may increase by a factor of
2 considering the bloating star model (Hosokawa & Omukai 2008), where the star bloats up to
100 R� and the effective temperature reduces to 5000 K.
In Table 3.3, we compare for different stellar mass with typical order of mass accretion rate, the
sublimation radius due to self heating from the disk and that due to heating from the star. This
values are estimated for two different values of αv = 0.1, 1. It is evident from Table 3.3 that
the dust sublimation radius due to heating from disk is a weak function of αv. Table 3.3 further
indicates a ratio Rsub,disk/Rsub,∗ ∼ 3 as a good estimate over a wide range of mass accretion rates
and stellar mass.

The value of αv is related to the radial transport of matter in the disk, thus the mass accretion rate
is a function of αv. For Table 3.3, the values of the sublimation radius is estimated using equation
(3.5) assuming the same mass accretion rate for different αv values. These are representative val-
ues of sublimation radius for typical mass accretion rates found in massive star forming regions.
Using these values we optimize the ratio of the self sublimation radius of the disk to that caused
by heating from stellar luminosity is around three. With this assumption, we obtain a relation of
αv and Ṁ for a particular stellar mass. This is obtained by setting T = 1500 K in the equation
(3.5) and the radial distance as 3 × Rsub,∗.

This relation can be used to have constraints on the mass accretion rates for a particular stellar
mass. The plot for mass accretion rates with αv is shown in Fig. 3.2 for typical OB type stars. If
one considers the value of αv as fixed to 1, then from the Fig. 3.2 for the 10 M� star one gets the
accretion rate of 4.2 × 10−4 M� yr−1, which implies that for this order of mass accretion rate the
dust in the disk will sublimate at a distance of 3 × Rsub,∗. This clarifies that for the typical high
accretion rates required for formation of high mass stars, the heating in the disk is very efficient
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Figure 3.2: This plot shows the variation of mass accretion rate with the viscosity parameter so that the
dust sublimation temperature due to viscous heating is around three times that of heating from star. The
various lines are for different spectral type of stars (luminosity values obtained from Lang 1992). These
plots indicate that mass accretion rate is a weak function of αv.

to sublimate most of the dust grains in the mid-plane before the radiation could have any major
effect on them.

The implication of this result is profound, as it demonstrates that viscous heating of the disk is
the dominant mechanism in the mid-plane for sublimation of the dust. The self-sublimation in
the turbulent massive disk sublimates most of the dust grains well before the stellar radiation
could affect them. Essentially, this implies that more matter (in form of gas) can reach closer to
the central star.

However, stellar radiation can have significant effects on the surface layer of the disk. The radial
distance beyond which the stellar irradiation will dominate can be estimated by equating the flux
from central star to the flux emitted from the disk. The flux from the disk is dependent on the



48 CHAPTER 3

Table 3.3: Comparison of the sublimation radius due to heating in disk [equations (3.5) and (3.6)] and
due to heating from the star [equation (3.7)]. The temperature of the star and its radius are taken from
Lang (1992). (see Sect. 3.4 for details)

Typical Ṁ [ M� yr−1] Spectral Type Stellar Mass ( M�) Rsub,∗[AU] Rsub,disk [AU]

Measure A Measure B αv = 0.1 αv = 1

5 × 10−5 B5 5.9 1.4 1.0 5.4 3.1

5 × 10−4 B2 10 4.2 3.0 17.5 10

5 × 10−3 O6 37 24.5 17.3 72 41

effective surface temperature, which can be substantially lower than the mid-plane temperature
depending on the optical depth. (see Sect. 3.5)

3.5 Inner gaseous disk structure

In order to model the inner gaseous region of the disk, we consider the OPAL opacity tables
applicable for higher temperatures from Iglesias & Rogers (1996). The various dynamical quan-
tities in the disk obtained using the opacity from the table and their comparison with the various
analytical models are shown in Fig. 3.3. The variation of the opacity, used for the present work,
from the opacity tables with the mid-plane temperature in the disk is shown in Fig. 3.4.

The midplane temperature reaches very high values of the order of 105 K at 20 R� (See Fig. 3.3).
The radial profile for the temperature also shows a sudden break around 1 AU. This is related to
the sudden rise in opacity around 3000 K as demonstrated in Fig. 3.4. Since the surface density
and the mass density are inversely proportional to the temperature (see equations 2.38-2.44), their
radial profiles show a sudden fall at that distance. Similar kind of sudden rise and fall can be seen
also in the analytical results of Bell & Lin (1994) which are we show alongside in Fig. 3.3.

We also compare with analytical radial profiles obtained using opacities as given by Ruden &
Pollack (1991). However these profiles just extent to the temperature range where the dust just
sublimates and the opacity drops to a small value. These models fit very well in the outer disk
region with the model described in the present work.
The high temperature up to 105 K would imply a high ionization fraction in the disk close to
the massive star. Thus the ionized gas could well couple to the large scale magnetic fields from
ambient medium which is dragged by accretion and may give rise to collimated outflows.

In Fig. 3.3, the variation of the scale height is also shown with the radial distance. Similar to
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Figure 3.3: Radial profiles of temperature (T), mass density (ρ), scale height of the disk extended to the
inner region. The solid line represents the values from opacity table (Ferguson et al. 2005) and OPAL
(Iglesias & Rogers 1996) , the dashed line is using the opacity power laws by Ruden & Pollack (1991)
and the dot-dashed line are the values for Bell and Lin opacity power laws. The dotted line shown in
temperature profile represents the Teff profile with radius whereas the other lines are for the mid-plane
temperature. These plots are for typical Ṁ = 4.2 × 10−4 M� yr−1, stellar mass M = 10 M� and αv ∼ 1



50 CHAPTER 3

Figure 3.4: The opacity variation with temperature (top left panel), and the variation of Toomre parameter
Q with the radial distance (top right panel). The solid line represents the values from opacity table (Fer-
guson et al. 2005) and OPAL (Iglesias & Rogers 1996), the dashed line is using the opacity power laws
by Ruden & Pollack (1991) and the dot-dashed line are the values for Bell and Lin opacity power laws.
The bottom panels shows how the variation of αv values affect the cooling time and Toomre parameter,
αv = 0.01 is denoted by dotted line, where as αv = 0.1 is dashed line and αv = 1.0 is by the dot-dashed
line. Solid line in the curve represents the threshold condition for the fragmentation to set in.
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radial profiles of other dynamical quantities, we get jump also in the profile of the scale height.
This jump is quite interesting when dealing with disks around massive stars. The sudden rise
of disk height around 1 AU would help to shield outer disk regions from the radiation of central
source. This affects the direction of radiation and leading to some sort of anisotropy in the
radiation field.

We also investigate the radial profiles of the dynamical quantities for higher mass stars. These
profiles are shown in Fig. 3.5. The midplane temperature profiles clearly show that as the central
mass and accretion rate increase, the midplane temperature also increases and so the self sub-
limation radius will move further out. For instance, with central mass as 23 M� and accretion
rate of 4 × 10−3 M� yr−1, the dust sublimates at ∼ 30 AU whereas the dust sublimation radius is
around 41 AU for a 37 M� star with disk accretion rate of 8.5 × 10−3 M� yr−1. These parameters
are also chosen with the same argument as used for 10 M� star. Also, the temperature in the
inner most region is much higher for massive young star with higher mass. The mass density
and the surface density profiles also show the same trend of increment in the inner region with
increase in mass of central object.

On might question the thin disk approach to study the disk around massive young stars. However,
with this approach we find that the disk around high mass stars are very similar to that around
cataclysmic variables. The spectral signatures of disk around these compact objects were very
well explained by this thin disk model. The opacity values from the OPAL opacity table are used
to study the boundary layer of the white dwarfs (Collins et al. 1998). They obtain a very high
central temperature near to the white dwarf but on applying the optical depth consistently from
the table, they get the same order of magnitude of the effective temperature

T 4
eff =

8T 4

3τ

as it is on the surface of a typical white dwarf.

In our case, the midplane temperature profile shows that the region very near (∼ 20 R�) is very
hot gas of 105 K, but to compare with the stellar surface effective temperature (Teff = 22000 K for
M = 10 M�) one has to take into account the finite optical depth and then the surface temperature
of the disk, plotted in the same figure matches the surface temperature of the star at the very
innermost regions. Thus the effective temperature of the disk can be considerably lower than the
midplane temperature. The flux from the disk and the star are equated in order to compute the
radial distance where the stellar irradiation can affect the disk surface,

L?
4πr2 = σT 4

eff (3.8)

where L? is the luminosity of the star and σ is the Stefan-Boltzmann constant . We find for a
10 M�, the stellar irradiation will have a effect on the surface layers around ∼ 30 AU for αv = 1.
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Figure 3.5: Radial profiles of temperature (T), mass density (ρ), surface density (Σ) of the disk extended
to the inner region. The solid line corresponds to M = 10 M�, the dotted line for M = 23 M� and the
dashed line is for central stellar mass M = 37 M�.
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If the αv value is lowered, the stellar irradiation can have affect on the surface at even smaller
radial distance of around 10 AU. However this effect will not alter the dust sublimation radius in
the disk.

3.6 Growth of massive stellar embryo

One of the major problems in the formation of massive stars is the large UV radiation from
the protostars that exert pressure on the matter inhibiting the infall on them. This is because as
the central mass increases also the central luminosity increases, thus exerting a large radiation
pressure which is usually thought to halt the matter falling on the star. In order to get away with
the large radiant flux and to form more massive stars, Yorke (2004) lists some of the favorable
conditions such as i) Reduction of κeff ii) Reduction of effective luminosity and iii) Increasing
the gravitational acceleration.

3.6.1 Reduction of κeff and effective luminosity

In earlier approaches considering the conditions for the formation of massive stars, the matter
was thought to be accumulated by spherical accretion (Kahn 1974, Wolfire & Cassinelli 1987).
Using detailed dust models and complex grain size distribution, these models were able to put a
limit on the maximum stellar mass of 20 M�. In general, the dominance of the radiation pressure
over gravity of the spherical infall of matter puts a strong constraint on the value of the opacity.
In this case, the necessary condition to form a massive star is

κeffL
4πr2 <

GM∗
r2 , (3.9)

(e.g. Yorke 2004, Zinnecker & Yorke 2007), which implies an upper limit to the effective opacity,

κeff < 130 cm2 g−1
(

M
10 M�

) (
L

1000 L�

)−1

(3.10)

In the disk scenario, there would be additional contribution to the forces mentioned in equation
(3.9), such as disk gas and ram pressure.

In the present work, we demonstrate that most of dust, due to the self sublimation of accretion
disk, is destroyed already at distances larger that ∼ 10 AU from the central source which helps
to reduce the κeff. It is evident that the maximum value of the opacity even in the innermost
region of the disk is less than 5 cm2 g−1 (see Fig. 3.4), which is much smaller than the upper limit
given by equation (3.10) required for the formation of a typical massive star. This suggests that



54 CHAPTER 3

Figure 3.6: Pictorial representation of the inner region of the massive star.

the radiation pressure is no longer inhibiting the accretion process onto to the central star and
thus allowing more massive stars to form. This effect is aiding the matter to flow closer to the
central object but does not ensure that matter will be accreted on the central star. Thus reduction
in opacity is an essential requirement but it does not guarantee growth of mass as the isotropic
radiation from the star may still stop the dust by exerting the pressure which is dependent on the
luminosity of the central object.

A sketch of our model calculations assuming a 10 M� central star is shown in Fig. 3.6. The
scaling of the figure is done using a fiducial jet radius. The main components in the figure are
the dusty disk which is fed with matter by the core, the inner gaseous disk and the large scale
bipolar outflows. The region near to the dust sublimation radius shows the presence of dust and
gas and large variation of opacity is seen in this region. Very close to the source there is large
flux of UV and visible radiation which is blocked from the midplane of outer dusty disk by the
high optical depths (τ � 1) of the inner gaseous species. The figure also shows the possibility
of radiation flux escaping more in the direction perpendicular to the plane. This flashlight effect
was introduced by Yorke & Bodenheimer (1999) in order to have anisotropy in the radiation and
allow matter to accrete.
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3.6.2 Overcoming Radiation Pressure

The reduction of effective opacity and luminosity ensures the matter to come closer to the central
star. In the region very near to the star matter is subjected to different pressure sources, all of
them play an important role in understanding the dynamics of disk accretion under the influence
of stellar radiation pressure. We therefore compare the contribution of different pressure sources,
considering typically a 10 M� star.

The radiation pressure from the star is a function of the radial distance from the surface of the
star,

Prad,?(r) =
L?

4πcr2 = 5.9 × 102 erg cm−2
( Teff

22000 K

)4 (
r

R?

)−2

(3.11)

The ram pressure from the disk counteracts the radiation force from star and will allow the matter
to accrete. We estimate the ram pressure Pram = ρv2

r using our consistent dust and gas opacity
model (see Sect. 3.3 and Sect. 3.5),

Pram(r) = 2.08 × 103 erg cm−2
(

ρ

2.32 × 10−9 g cm−3

)−1 (
Ṁ

10−4 M� yr−1

)2

(
M

10 M�

) ( T
5.03 × 104 K

)−1 (
R?

6 R�

)−5 (
r

10 R?

)−5

(3.12)

Figure 3.7 shows the radial profiles of both pressure sources. The figure clearly depicts that the
radiation pressure from the star is much below the ram pressure in the disk which will aid the
matter to overcome radiation pressure and accrete on the central star. In the very inner region of
the disk, the disk radiation pressure becomes comparable to the gas pressure in the disk which
may result in thermal instability (Fig. 3.7).

3.7 Stability of Disks

The disks around massive stars can be unstable due to axisymmetric gravitational instability.
They can also be unstable due to fragmentation due to rapid cooling of the disk as compared to
the dynamical time scale.(Gammie 2001, Rice et al. 2003, Rafikov 2005). We will also see that
these disks can be also unstable thermally in the very inner region, close to the massive star.
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Figure 3.7: The above figure compares the pressure due to different sources in the circumstellar environ-
ment for a 10 M� star

.
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3.7.1 Gravitational Instability

The criterion for the gravitational instability of a disk is given by the Toomre parameter

Q =
csΩ

2πGΣ

with Ω as the Keplerian angular velocity and Σ as the surface density of the disk (Toomre 1964).
For Q > 1 the disk is stable (no fragmentation), while Q < 1 leads to instability in the disk.
Physically, the Toomre parameter can be considered as the ratio of centrifugal force along the ra-
dial direction to the gravitational force acting in the direction perpendicular to the radial motion.
Thus, if a local accumulation of mass is moving in a certain orbit, then this would lead to slowing
down of orbital motion and also more gravitational force acting downward which implies that
the value Q will decrease and eventually when Q < 1 the downward gravity force wins and leads
to instability generating over dense regions. c

It has been known from simulations (Krumholz et al. 2007, Krumholz et al. 2009) and observa-
tions in case of G 192.16-3.82 (Shepherd et al. 2001, considering large observational errors) that
disks in massive stars are unstable as they may have Q value low and sometimes < 1 for some
radial extent.

The Toomre parameter decreases with the radial distance, and at some radial distance and the disk
becomes gravitational instable. Figure 3.4 shows the radial behavior of the Toomre parameter in
case of typical disk parameters (Ṁ = 4.2 × 10−4 M� yr−1 , stellar mass M = 10 M� and αv ∼ 1).
It is clear that such a disk is unstable as Q < 1 after ∼ 100 AU.

3.7.2 Fragmentation of Disks

Disks which are stable for axisymmetric gravitational instability may not be necessarily stable
for fragmentation which leads to formation of bound objects. Gravitational instability sets an
upper limit of the sound speed where as the analysis for fragmentation and cooling time sets a
lower limit on the speed of sound in the disk (Rafikov 2005).

Numerical simulations (Gammie 2001, Rice et al. 2003) and analytical solutions (Rafikov 2005)
suggest that for a disk to avoid fragmentation, the cooling time scale should be larger than the
dynamical timescale (tdyn ∼ Ω−1). The threshold relation of the cooling time can be obtained,
Ωtcool < ζ, where the factor ζ ≈ 3, as obtained from simulations using constant tcool (Gammie
2001, Rice et al. 2003). For the present purpose, we apply cooling time as given by Rafikov

cThe Toomre criteria can be written as a product of two ratios - Ethermal
Egrav

Erot
Egrav

< 1. If only one of the ratios is less
than unity, that will not guarantee that fragmentation will occur (see Sect. 3.7.2).
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(2005),

tcool ≈
Σc2

s

γ − 1
f (τ)

2σT 4 (3.13)

where f (τ) = τ + 1
τ

describes the efficiency of cooling and depends on the optical depth τ. In the
above equation (3.13), γ is the adiabatic index and factor γ − 1 considered to be of the order of
unity (Rafikov 2005).

The variation of the cooling time, as given by equation (3.13), with radial distance is shown in
Fig. 3.4 for different values of αv. These curves are made applying the Bell & Lin opacity power
laws. The solid line in the figure for cooling time determines the threshold for fragmentation
to set in. The relation suggests that a value αv ∼ 1 would lead to a disk which may fragment
completely. However, the lower values of αv ∼ 0.1, 0.01 would enable a stable disk against
fragmentation. The value αv ∼ 0.1 is consistent with that obtained by observational modeling of
ionized disks (King et al. 2007).

3.7.3 Thermal Instability

Thin accretion disks around black holes which are supported by radiation pressure (region A,
See Sect. 2.3.1 in Chapter 2) were found to be thermally instable (Shakura & Sunyaev 1976).
The physical reason for such kind of instability is inefficient cooling in the disk as compared to
the viscous heating. This leads to overheating which causes expansion which in turn overheats
the disk eventually leading to a thermal runaway. There were ideas of application of slim disk
model to this region, which is a stable branch in the S-shaped Ṁ−Σ curve, because such a model
prevents the radiation to escape from the disk and allowing the flux to be advected along with the
flow of matter (Abramowicz et al. 1988).

In the modeling of the disk around massive star, we see that the radiation pressure becomes
comparable to the gas pressure in the very innermost region of the disk ≤ 4R? for a 10 M�

star. Here the assumption that Pgas > Prad no longer holds, and we stop our iterations at this
radii. However, the application of concept of slim disk in protostellar disks for efficient cooling
is not really probable. This is because of the fact that advected flux should get rid in some
manner, it is viable in disks around black holes as the flux can be advected into the black holes,
however in case of disks around stars this flux will heat up the star, which may be not physical.
Turner et al. (2007) applied the concept of photon bubble instabilities to the young massive stellar
environments, which could be an efficient way of cooling the innermost region of massive star
forming region as well.
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3.7.4 How big is αv?

The value of αv parameterizes the viscosity in the disk. In the present case, we see that higher
value of αv ∼ 1 ensures that the disk within ∼ 100 AU is stable to axisymmetric gravitational
instability, though for this high value of αv , the disk completely would fragment.

For αv ∼ 0.1 the disk would become stable to fragmentation. In this case, the part of the disk
stable to axisymmetric gravitational instability reduces to ≤ 80 − 90 AU

For αv = 0.01, the disk would again be stable to fragmentation, but now most part of the disk is
subjected gravitational instability. The effect of lowering the value αv on the Toomre parameter
can be seen in Fig. 3.4

The value of αv is usually chosen as a parameter in disk modeling for different purposes. In case
of low mass stars, the range of αv values accepted is around 0.001-0.01, which is believed to be
produced by magneto-rotational instability (Balbus & Hawley 1998). In case of massive stars,
the value of αv can be higher by one order of magnitude and the physics involved to generate this
high αv value could be different from that seen in low stellar mass case. (for e.g. Gravitational
instability)

A high αv would imply that matter flows radially with high speed near to local sound speed
and there could be a possibility of accretion shocks produced to make the radial speed of matter
subsonic. These accretion shocks have been proposed for the close circumstellar environments
of high mass protostar such as CRL 2136 with the H2O maser (Menten & van der Tak 2004).

The other way of treating viscosity in the disk would be by assuming a radial profile, αv(r), such
that its value may be high (∼ 1) in the outer region and lower(∼ 0.1) in the inner region of the
disk. Such a radial profile would then lead to fragmentation resulting in formation of bound
objects influencing the structure in the outer part of the disk around most massive star formed
such that each bound object may form itself a low mass or even high mass star (Krumholz et al.
2009). However, the inner ionized disk can be still stable and can launch large scale bipolar
outflows.

In Fig. 3.8, variation of the dynamical quantities obtained from the present model for a 10 M�

star with two different values of αv is shown. Apart from changing the αv value we also change
the value of mass accretion rate according to the Fig. 3.2. There is no considerable change in
midplane temperature profile, which is due to the fact that by changing two parameters also bring
change in the opacity and the cumulative effect cancels the variation in temperature d. However,
this does not happen for mass density as the dependence on the above variations is different.

dNote that Σ is inversely proportional to αv and decreasing the αv will increase density and thus opacity
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Figure 3.8: Dynamical quantities for two different αv values. The solid line represents plot with αv = 0.1
and Ṁ = 10−4 M� yr−1 where as dashed line is for αv = 1 and Ṁ = 4.2 × 10−4 M� yr−1

Since the height depends only on the temperature, the height profile also does not show any
variation.

3.8 Implications for Observations

Early stages of massive star formation are difficult to observe, as the whole process is enclosed
in an envelope of dust. Also these high mass star forming regions are at a distance of few kilo
parsecs which makes the observation more difficult due to limited resolution of the present day
telescopes.

One of the essential findings of the present work is the high temperature of the order of ∼ 105 K in
the inner disk. At such a high temperature, the opacity is mostly dominated by electron scattering
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and there is a pool of highly energetic electrons present close to the massive star. These electrons
might be responsible for soft X-ray emissions from massive young stars.

There have been observations of X-rays in some of the massive young sources in the W3 complex
(Hofner et al. 2002) and also in GGD 27 (Pravdo et al. 2009). In the case of GGD 27, observed
hard X-rays emissions have energies of the order of 2-10 KeV. The temperatures obtained from
present work indicate emissions of soft X-rays, however the soft X-rays emissions have a large
extinction in massive star forming regions. There might be possibility that these less energetic
electrons are accelerated by magnetic fields giving rise to hard X-ray emission and also the hard
X-ray emission may come from shocks produced when the accreted matter falls on the surface
of star (Montmerle 2007).

Amidst all the difficulties, observers were successful to resolve a fattened structure having length
scales of ∼ 1000 AU. The best candidate of showing presence of a rotating Keplerian disk
is IRAS 21026 + 4104 (Cesaroni et al. 2005) which is predicted to be early B star (Mass =

7 − 12 M�). They estimate the radial profile of mean kinetic temperature for the Keplerian disk
and mass density profile using different lines. They obtain the best fit for temperature profile
as T (R) ∝ R−q where q is 0.57-0.75 and that of mass density ρ(R) = R−2.1 for HCO+ (1-0)
line. The values of the powers obtained are very close to the best fit of these profiles from the
present model (Fig. 3.1). Schreyer et al. (2006) also were able to resolve a rotating structure in
an embedded 8 − 10 M� massive star AFGL 490. They also obtain a Keplerian profile for the
rotational velocity and the best fit radial power law for the surface density was Σ ∝ R−1.5, which
is close to the value obtained from the present model (Σ ∝ R−1.1). In case of low mass stars,
usually the density in the disk is fitted using the gaussian as given by (Whitney et al. 2003,Wolf
et al. 2008)

ρdisk = ρ0

(R∗
r

)a

exp

−1
2

[
z

h(r)

]2
 (3.14)

where the scale height has the radial dependence of the form

h(r) = h0

(
r

R∗

)b

(3.15)

The best fit obtained for the case of disks in Butterfly star was a=2.35, b=1.28 (Wolf et al. 2008).
These results are interesting as similar radial fits to the elongated continuum are obtained even
for the recent observational results of young high mass source IRAS 18151-1208 (Fallscheer
private communication). Also similar fits are obtained from the present model.
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3.9 Conclusion : 1D disk model

We have presented global models for accretion disks around massive young stars.

We have solved the thin disk equations taking into account the proper opacities for dust and gas.
In particular we consider Rosseland mean dust opacities given by Ruden & Pollack (1991) and
the gas opacities from the OPAL opacity tables (Iglesias & Rogers 1996).

This enables us to provide the dynamical quantities of disk accretion from the very inner part at
radii of 0.1 AU to the outer region of the disk at about 100 AU. At the same time this provides a
theoretical link between outer disk which is accessible in principle by observations and the inner
disk which is not yet possible to resolve observationally.

Our main results can be summarized as follows.

1. For typical stellar masses and accretion rates we find very high midplane temperatures of
the order of 105 K for radii less than ∼ 0.1 AU

2. Due to the high disk temperatures the dust sublimates already at distances which are about
a factor three larger than caused by the stellar irradiation. This disk self-sublimation lowers
the disk opacities considerably and allows for disk accretion in the stellar radiation field.

3. We estimate the stability of these disk by the Toomre criterion and find that our thin disks
around e.g. a 10 M� star becomes gravitationally unstable beyond 100 AU. We also see
for αv values close to 1, the disk would fragment completely whereas for αv ∼ 0.1 the
disk could remain stable to fragmentation. We also discuss the effect on the dynamics and
stability of the disk model with the variation of αv.

4. For the given disk and stellar parameters and disk opacities we find that the stellar radiation
pressure is negligible against the disk ram pressure and gas pressure and therefore cannot
hinder accretion towards a massive young star.

Considering the high disk temperatures and the rather large disk viscosity parameter, disk around
massive young stars seem to be intrinsically different from the low mass equivalents in particular
to the different form of disk opacity

We also find that for higher mass stars with high accretion rates the dust sublimates further away
and obtain much higher temperature for the same. The presence of the optically thick gaseous
component and anisotropy of radiation prevents the matter to be unaffected by the radiation from
the star.
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Jet formation around massive YSO : MHD

and Radiative modeling

This chapter is based on a paper submitted by Bhargav Vaidya, Christian Fendt, Henrik Beuther
& Oliver Porth titled - Jet formation from massive young stars: Magnetohydrodynamics versus
radiation pressure (Vaidya et al. 2011). It has been accepted for publication in the Astrophysical
Journal.

Massive young stars exhibit large-scale molecular outflows and collimated jets. Observations
indicate that these outflows are more collimated during the early stellar evolution than in later
stages. This chapter aims to investigate all the physical processes that impact the dynamical
evolution of the outflow, i.e. its acceleration and collimation. We perform axisymmetric MHD
simulations considering in particular the radiation pressure exerted by the star and the disk. We
apply the ideal MHD code PLUTO which we have modified to include radiative forces in the line-
driving approximation after Castor, Abbott & Klein. We launch the outflow from the innermost
disk region (r < 50 AU) by magneto-centrifugal acceleration. In order to disentangle the MHD
effects from radiative forces, we start the simulation in pure MHD, and then later switch on the
radiation. We perform a parameter study considering different stellar masses (thus luminosity),
magnetic flux, and line-force strength. For our reference simulation - assuming a 30 M� star,
an initial maximum disk magnetic field of 5.1 G, and a line-force parameter α = 0.55 - we find
substantial de-collimation of 35% due to radiation forces. The outflow opening angle increases
from 20◦ to 32◦ for stellar masses from 20 M� to 60 M�, respectively. The line-force parameter
strongly governs the strength of the radiative force. A small change of α from 0.60 to 0.55
changes the opening angle by ∼ 8◦. Our simulations also show that radiative forces can affect
the launching conditions resulting in an increased mass flux by 16%. We find that it is mainly
the stellar radiation force which could affect the jet dynamics. Unless the disk extends to radii
very close to the stellar surface the disk luminosity is too small to have much impact. On the
other hand, the stellar radiation field significantly affects the collimation, and acceleration of the

63



64 CHAPTER 4

outflow. Essentially, our parameter runs with different stellar mass can be understood as a proxy
for the time evolution of the star-outflow system. Thus, we have shown that when the stellar
mass (thus luminosity) increases (with age), the outflows become less collimated.

4.1 Introduction

Outflows and jets are integral processes of star formation. They are believed to be essential for
the angular momentum evolution of the cloud core and the protostar - either directly as stellar
winds or indirectly by changing the structure and the evolution of the surrounding accretion disk.
Also, outflows from young stars provide an important feedback mechanism to return mass and
energy into the ambient medium from which the young star is born.

The standard framework for the launching process of jets or outflows from low-mass proto-
stars (and most probably also for extragalactic jets) is the model of a disk wind accelerated
and collimated by magneto-centrifugal and magnetohydrodynamic forces (Blandford & Payne
1982, Pudritz et al. 2007). A number of numerical simulations of jet formation have been per-
formed which all confirm this picture of self-collimated MHD jets for low mass stars (Ouyed
& Pudritz 1997, Krasnopolsky et al. 1999, Fendt & Čemeljić 2002, Ouyed et al. 2003, Fendt
2006, Fendt 2009). Its applicability has also been demonstrated for the case of extragalactic jets
(e.g.Komissarov et al. 2007, Porth & Fendt 2010).

Various multi-wavelength studies suggest that outflows are an ubiquitous phenomenon not only
for low-mass stars, but also in massive star forming regions (Beuther et al. 2002a, Stanke et al.
2002, Zhang et al. 2005, López-Sepulcre et al. 2009, López-Sepulcre et al. 2010, Torrelles et al.
2011). An evolutionary picture for high-mass outflows was proposed by Beuther & Shepherd
(2005) (see Sect. 1.4). In view of this picture, jet formation starts with similar MHD acceleration
processes compared to the low-mass models during the earliest evolutionary stages. Later, other
physical processes could play a role, for example, the radiation from central star or more turbu-
lence at the base of the jet. The interaction of these processes is expected to lower the degree of
collimation.

How the radiation field affects the formation of a jet is not obvious a priori. In order to quantify
and to disentangle the physical processes involved, a detailed numerical investigation is required.
Essentially, stellar (and disk) radiative forces may affect jet acceleration and collimation directly
(neglecting ionization, heating, and probably turbulent stirring for simplicity), but also in-directly
by changing the physical conditions of the jet launching area, thus governing the mass loading
or the initial entropy of the ejected jet material. For example, numerical MHD simulations have
shown that jets with higher (turbulent) magnetic diffusivity are expected to be substantially less
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collimated (Fendt & Čemeljić 2002).

Our previous studies (Vaidya et al. 2009) have shown that the inner accretion disk around massive
protostars is ionized, has a high temperature and is gravitationally and thermally sufficiently
stable in order to provide a suitable launching area for an outflow. Together with the recent
observations of magnetic fields around high mass protostars (e.g Vlemmings 2008, Girart et al.
2009, Vlemmings et al. 2010) , this indeed supports the picture of a scaled-up version of low-
mass stellar jet formation.

In this chapter we will present a detailed investigation of how a strong radiation field impacts
the structure and dynamics of a magneto-hydrodynamical driven jet. The aim of this work is to
give physical basis of the empirical sequence of outflow collimation as put forth by Beuther &
Shepherd (2005) (see Sect. 1.4). Motivated by the presence of strong jets and outflows in massive
star formation, we apply the standard picture of MHD jet formation known for astrophysical jets
and put it in the physical environment of a massive young star.

4.2 Model setup: Jet formation from massive young stars

In this section we discuss the model setup applied for our numerical study concerning the for-
mation of jets and outflows from massive young stars. The central point is that we are going to
consider the main features of the standard model of MHD jet formation which is well established
for low-mass young stars or Active Galactic Nuclei also for high-mass young stars. Our model
consists of the following essential ingredients (see Fig. 4.1).

• A central massive young star which is rapidly evolving in mass M∗, luminosity L∗, and
radius R∗.

• A surrounding accretion disk with high accretion rate, estimated to be of the order of
Ṁ ' 10−3 M� yr−1.

• A jet launching inner accretion disk. The extension of this area towards the star is not
known and may depend on the existence of a strong stellar magnetic field and stellar radi-
ation pressure. Instead of introducing an inner disk radius Rin,disk, we will refer to an inner
jet launching radius Rin,jet, which we presume to be between 0.1 and 1.0 AU, and to which
the length scale of the simulation will be normalized l0 = Rin,jet.

• A magnetic field around the protostellar object. Magnetic fields are essential for generating
collimated high-speed outflows. Observational indication for such fields around high-mass
protostars exists.
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Figure 4.1: Sketch showing our model setup of inner regions around a massive young star. Several con-
stituents are considered: The disk outflow (dashed arrows) is launched along the magnetic flux surfaces.
The inner most launching point is denoted by Rin,jet. This outflow is subject to radiation forces (white
arrow) from the star and (potentially) from an inner hot accretion disk. The stellar radius R∗, could be
as large as ∼ 100 R�, while the stellar magnetic field structure and strength B∗ is rather uncertain. The
location of an inner disk radius Rin,disk (if existent) is also not known.

• A strong radiation field of the high-mass young star which may influence accretion and
ejection processes. In case when the accretion disk reaches down to radii close to the
stellar surface (no gap as in case of low mass stars), also the high disk luminosity may play
a role for the outflow dynamics.

In the following we briefly discuss the observational and theoretical background of these con-
stituents and finally mention the limits of our model and possible model extensions (a more
detailed discussion is provided before the summary).

4.2.1 The central massive young star

It has been proposed that outflows from massive young stars may follow an evolutionary se-
quence such that outflows tend to be more collimated and similar to jets from low-mass stars
in the early stages of stellar evolution, whereas at later times the outflows are less collimated
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(Beuther & Shepherd 2005). Since this intrinsically corresponds to an evolutionary sequence in
stellar mass, we have investigated simulations with different central mass, ranging from 20 M�

to 60 M�.

A higher stellar mass automatically gives rise to a faster outflow (supposed the relative launching
radius is the same), just because the outflow originates deeper in the gravitational well.

4.2.2 The accretion disk and the jet launching area

Jets from low mass stars are thought to be launched from less than 1 AU of the inner accretion
disk (e.g. Anderson et al. 2003, Ray et al. 2007). In T Tauri stars, these regions could be well
studied via NIR interferometry (e.g. Akeson et al. 2000, Akeson et al. 2005, Dullemond & Mon-
nier 2010). However, to probe regions ≤ 100 AU around a young high-mass star is difficult due
to the large extinction. We had therefore studied this region via semi-analytic modeling in a pre-
vious paper (Vaidya et al. 2009) to get handle on the physical properties of such disks. We have
shown that here the disk may reach high temperatures ∼ 105 K leading to sublimation of most of
the dust and ionizing the bulk of the material.

The inner disk radius in case of low mass stars is usually estimated assuming magnetic pressure
balance with the accretion ram pressure. Typical values are ∼ 3 − 5 R?. For young massive
stars, such an estimate is not possible due to lack of knowledge on stellar magnetic fields during
the formation stage. In addition, radiative force from the bright luminous massive star could
also influence dynamics of the inner disk. Although our semi-analytic modeling indicated that
the disk could extend right down to the central star, detailed 3 D models with accurate radiative
treatment are required to get more insight in these close-by regions (Vaidya et al. in prep).

We have chosen the inner launching point at a distance of l0 = 1 AU from the star (i.e. similar to
low mass stars). A value of l0 < 0.1 AU would imply a high rotation speed and a deep potential
well, resulting in a faster outflow. At the same time the jet launching part of the disk would be
much hotter and possibly result in a higher contribution to the radiation force from these hot inner
parts. On the other extreme, large jet launching radii l0 > 10 AU will result in slow outflows,
barely affected by stellar and disk radiation forces.

The density ρ0 at the inner launching point is used for a physical scaling. We estimate ρ0 from
the observed mass fluxes, which are typically of the order of 10−3 − 10−5 M� yr−1, providing
ρ0 ' 10−13 − 10−15 g cm−3 (Sect. 4.5.3).
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4.2.3 The magnetic field

For many years the role of magnetic fields in massive star formation was not really known. How-
ever, recent observations have detected relatively strong magnetic fields in massive star forming
regions (Vlemmings 2008). Polarimetric observations of the hot massive molecular core HMC
G31.41 have revealed a large-scale hourglass-shaped magnetic field configuration (Girart et al.
2009). Beuther et al. (2010) detected a magnetic field aligned with the molecular outflow via
polarimetric CO emission. Further observations have detected synchrotron emission from the
proto-stellar jet HH 80-81, indicating a ∼ 0.2 mG magnetic field in the jet knots while the stellar
mass of ∼ 10 M� is in the range of massive stars (Carrasco-González et al. 2010).

Vlemmings et al. (2010) have measured magnetic field strengths using polarization by 6.7 GHz
methanol masers around the massive protostar Cepheus A HW2 and derive a line of sight (l.o.s)
magnetic field strength ∼ 23 mG at a distance of 300-500 AU from the central star. The magnetic
field strength is parametrized by the plasma beta, β0, which is the ratio of the thermal gas pressure
to the magnetic pressure at the inner launching point l0. Our simulations are so far limited to
1 < β0 < 10 by numerical and physical reasons. This translates into field strengths at 1 AU of ∼
100 times weaker than estimated by conserving magnetic flux using observed values at 300 AU.

Note that it is not only the field strength but also the field distribution which affects the jet
formation process, as it was shown by (Fendt 2006) by MHD jet formation considering a wide
parameter set of magnetic field and mass flux distribution along the jet launching area. As a
result, simulations applying a concentrated magnetic flux profile tend to be less collimated. We
apply as initial field distribution the standard potential field suggested by Ouyed & Pudritz (1997)
(Sect. 4.4.2). A central stellar dipolar field (see Fig. 4.1) is not (yet) supported by observations.

4.2.4 The stellar and disk luminosity

The massive young star produces a substantial luminosity, which is supposed to dynamically
change the outflow structure. The dependence of the radiation force on the stellar luminosity is
parametrized by the Eddington ratio Γe, defined as the ratio of the radiation force due to electron
scattering to the central gravity (see Table 4.1). The characteristic values of this dimensionless
parameter are obtained from the stellar evolution model of Hosokawa & Omukai (2009). In order
to study the impact of radiation forces on the dynamics of outflows, we first launch a collimated
jet from a disk wind via MHD forces. Then, after the pure MHD jet has achieved a steady state,
we initiate the radiation forces, and then compare their impact on the MHD jet. Also, simulations
in which the radiation forces are considered from the beginning (which are computationally much
more expensive) end up with a final structure of the outflow similar to the one obtained from the
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step-by-step method.

We prescribe the radiation force by the line-driving mechanism introduced by Castor, Abbott, &
Klein (CAK). Such a force is parameterized by two physical parameters k and α. The value of
k is proportional to the total number of lines. The quantity α can be considered as a measure
for the ratio of acceleration from optically thick lines to the total acceleration (Puls et al. 2000).
Depending on the selection of lines, for massive OB stars typical values obtained for k range
from 0.4-0.6, while α ranges between 0.3 and 0.7 (Abbott 1982). The process of line driving has
also been applied to cataclysmic variables (CVs) (Feldmeier & Shlosman 1999), as well as to hot
and luminous disks around Active Galactic Nuclei (AGN) (Proga et al. 2000, Proga & Kallman
2004).

Proga (2003) carried out numerical simulations driving winds from hot luminous magnetized
accretion disks of AGNs, assuming spherical geometry, an isothermal equation of state, and an
initially vertical magnetic field structure. Here we consider a potential field which is hour-glass
shaped, and an adiabatic equation of state.

4.2.5 Limitations of our model setup

This chapter provides a quantitative study of the interplay between radiative and MHD forces on
outflows launched from the vicinity of young massive stars, applying high-resolution axisym-
metric numerical simulations. However, a few critical points can be raised which may limit the
applicability of our model and which should probably be considered in forthcoming investiga-
tions.

From the general point of view there is the lack of true knowledge concerning a number of
important parameters as discussed above. One important question is the location of the inner
jet launching radius. If it is identical with an inner disk radius - where is that inner disk radius
located, if it exists at all? Is there a strong stellar magnetic field which could open up a gap
between the stellar surface and the disk as it is known for low-mass young stars?

Further, our disk model is taken as a boundary condition steady in time. As the star evolves, also
the disk structure and accretion rate may evolve in time. This question could only be answered
by simulations solving also for the disk structure.

Another question is the existence of a stellar wind. We know that OB stars have strong mass loss
in form of stellar winds during later stages of their life times. The derived mass loss rates are
typically of the order of 10−6 M� yr−1. These winds are primarily radiation driven via the line-
driving mechanism (e.g. Kudritzki & Puls 2000, Owocki 2009). The velocities derived are high,
ranging from ∼ 500 − 1000 km s−1 and are usually supersonic. However, in case of high-mass
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young stars, no indication for such winds has been found so far possibly due to high obscuration.
Nevertheless, a future study should implement the physical effect of a central stellar wind.

4.3 Basic equations

For our study, we carry out axisymmetric numerical ideal MHD simulations using the PLUTO
code (Mignone et al. 2007). We have modified the original code to incorporate source terms
treating the line-driven forces from central star and disk, taking into account self-consistently the
density and velocity distribution of the outflow.

The MHD code considers the following set of equations. That is the conservation of the mass,
momentum, and energy,

∂ρ

∂t
+ (~u · ∇)ρ + ρ∇ · ~u = 0, (4.1)

ρ(
∂~u
∂t

+ (~u · ∇)~u) = −∇P +
1

4π
(∇ × ~B) × ~B − ρ∇Φ + ρ~Frad, (4.2)

∂

∂t
(ρE) + ∇ ·

[
ρE~u + (P +

B2

8π
)~u

]
− ~B(~u · ~B) = ρ

[
−∇Φ + ~Frad

]
· ~u, (4.3)

where ρ is the gas density, ~u the velocity vector, P the gas pressure, and ~B the magnetic field
vector with the poloidal and toroidal components ~Bp, Bφφ̂. In order to include the radiative forces
~Frad, the relevant source terms have been added in the momentum and energy conservation equa-
tion. The total energy density of the flow E comprises contributions from the internal energy ε,
the mechanical energy, and the magnetic energy,

E = ε +
u2

2
+

B2

8πρ
. (4.4)

The gas pressure in the flow is related to the density assuming an adiabatic equation of state with
the adiabatic index γ,

P = (γ − 1)ρε. (4.5)

The evolution of the magnetic field is governed by the induction equation,

∂~B
∂t

= ∇ ×
(
~u × ~B

)
. (4.6)

We treat the ideal MHD equations without considering resistive terms.

In addition to the above set of equations the code obeys the condition of divergence-free magnetic
fields, ∇ · ~B = 0, using the constraint transport method.
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4.3.1 Prescription of radiation forces

We do not explicitly consider radiative transfer, however, we study the effects of momentum
transfer by radiative forces on the outflow matter which is launched by MHD processes from the
underlying disk. The total radiative force ~Frad comprises of four contributions - the acceleration
due to continuum radiation from star ~fcont,∗ and disk ~fcont,disk, respectively, and, similarly, due to
spectral lines from star ~fline,∗ and disk ~fline,disk, respectively,

~Frad = ~fcont,∗ + ~fcont,disk + ~fline,∗ + ~fline,disk. (4.7)

In case of young massive stars, the stellar radiation is sub-Eddington. This immediately implies
that the continuum force do not contribute in modifying the dynamics of the MHD outflow as its
strength is much below the gravitational pull of the central star. However, line forces could prove
to be efficient in substantially enhancing the continuum force by a so-called force multiplier,
which is subject to complex theoretical studies of radiative transfer. This theory was developed
first by Castor et al. (1975) who solved the radiative transfer equations from spectral lines in
moving atmospheres (see Sect. 2.4.3).

The line force due to the central star is a product of the force due to continuum from the star and
the force multiplier M(T ) (see equation 2.71),

~fline,∗ = ~fcont,∗M(T ). (4.8)

The most difficult part for the numerical realization of the line forces is to calculate the proper
l.o.s velocity gradients |n̂ · ∇(n̂ · ~u)| that appears in the formulation of force multiplier (equation
2.71). Following the definition of this term by Rybicki & Hummer (1978), we express this
gradient in terms of the rate-of-strain tensor ei j,

n̂ · ∇(n̂ · ~u) =
∑

i, j

eijninj =
∑

i, j

1
2

(
∂ui

∂rj
+
∂uj

∂ri

)
ninj, (4.9)

where in general ui, ri, and ni are the components of velocity ~u, distance ~r, and the unit vector n̂,
respectively. The different components of this tensor in cylindrical coordinates were calculated
from Batchelor (1967). Proga et al. (1998) approximated the above sum to be equal to the most
dominant term, corresponding to the radial gradient of flow velocity along the spherical radius.
Simulations with a more accurate algorithm of including all the other terms to determine the
l.o.s. velocity gradient using the above equation have also been carried out (Proga et al. 1999).
These simulations show that the qualitative features of winds are not changed as compared to the
approximate calculation of the gradients. Further, they are numerically very expensive. We can
approximate that the region of consideration is far away from the star as the central object is a
point source. Therefore, the gradient can simply set to be equivalent to dVR/dR, where R is the
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spherical radius and VR is the gas velocity along the radius R. However, when using cylindrical
coordinates instead of spherical coordinates we have to re-write equation (4.9) by transforming
R to r, and thereby adding further terms,

n̂ · ∇(n̂ · ~u) =
1

1 + x2

(
∂ur

∂r
+ x

(
∂ur

∂z
+
∂uz

∂r

)
+ x2∂uz

∂z

)
, (4.10)

where x = z/r.

We have applied two of the line force components individually as source terms in order to dis-
entangle their effects on the dynamics of a (pure) MHD jet launched from the underlying disk.
These two components are from the central star alone and other due to underlying hot accre-
tion disk. Disks around massive young stars accrete very rapidly with rates of 10−5 M� yr−1 to
10−3 M� yr−1. Such high accretion rates imply very high accretion luminosities, in particular in
their very inner regions. In order to calculate the line forces due to the disk luminosity, proper
geometric factors have to be taken into account. We apply a formulation similar to Pereyra et al.
(2000). The underlying disk cannot be considered as a point source but rather is an extended
cylindrical source of radiation. Further, the disk luminosity varies with the radial distance from
the central star. In the present simulations, we consider that the underlying disk as a steady-state
standard thin disk with a temperature profile given by Shakura & Sunyaev (1973). Thus, the
energy radiated per unit area D(r) at cylindrical radius r is

D(r) =
3ṀaccGM∗

8πr3

1 − (
l0

r

)1/2 , (4.11)

where Ṁacc is the steady-state accretion rate onto a central star of mass M∗. The inner launching
radius is l0. In case of line forces from the accretion disk, we calculate the radial and vertical
radiation flux from the standard disk, S r and S z (see equations 4.17 and 4.18), similar to Pereyra
et al. (2000). Further, the l.o.s. velocity gradient in the force multiplier applied in case of disks
is for simplicity reduced to ∂uz/∂z, since the bulk of the radiation flux from the disk is in vertical
direction,

~fline,disk =
σe

c
[
S r~r + S z~z

]
M(T ). (4.12)

Here, S r and S z are the radial and vertical flux components. Both depend on the disk luminosity
and are implemented in the code in their dimensionless form. (see Sect. 4.4.1).
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4.4 Numerical setup

4.4.1 Grid setup & physical scaling

We perform axisymmetric ideal MHD simulations of jet formation in the presence of radiative
forces. Our simulations are carried out on a grid of physical size (r × z) = (52 l0 × 152 l0), where
l0 denotes the physical length scale. The grid is divided into (512 × 1024) cells in radial and
vertical direction, respectively. Within r < l0 and z < l0 the grid is uniform with a resolution of
δr = δz = 0.05, while for l0 < r < 50 l0 or l0 < z < 150 l0 the grid is stretched with a ratio of
1.002739 and 1.001915 in radial or vertical direction, respectively. The remaining, very outer
part of the grid is again uniform with cell size δr = 0.125 and δz = 0.20, respectively.

Figure 4.2 displays the numerical setup used for our simulations. We also show the dynamically
important forces that a fluid parcel experiences in an outflow from a young massive star - the
gravitational force ~Fgravity by the central star, the Lorentz force components parallel ~FLorentz,‖

(accelerating) and perpendicular ~FLorentz,⊥ (collimating), the thermal pressure gradient ~Fpressure,
and the centrifugal force ~Fcentrifugal, which plays a vital role in particular for accelerating the flow
from the disk surface. The essential point of this chapter is that we also consider radiation forces
from the star and the disk ( ~Fradiation, equation 4.7). We consider the most dominant radiative
source terms which are those due to the line driving mechanism from the central massive star
and the underlying (hot) disk (see Fig. 4.1).

Pure MHD simulations would be scale-free. However, when radiation is considered a physical
scaling of the dynamical variables becomes essential. Three scaling parameters in physical units
are used – the length scale l0, the base flow density ρ0 and the Keplerian velocity u0, at the inner
launching point (see Sect. 4.2 for physical values used for scaling parameters.)

All other quantities can be derived using the following definitions,

rc =
rcgs

l0
, zc =

zcgs

l0
, ρc =

ρcgs

ρ0
, uc =

ucgs

u0
, pc =

pcgs

ρ0u2
0

, Bc =
Bcgs

B0
=

Bcgs√
4πρ0u2

0

. (4.13)

The force multiplier defined in equation (2.71) can be expressed in code units as follows

Mc(Tc) =

[
Q1−α

0

1 − α

(
u0

σecρ0l0ρc

∣∣∣∣∣dul

dl

∣∣∣∣∣)α] . (4.14)

Quantities with subscript ’c’ are obtained from simulations in the dimensionless form where as
the quantities with subscript ’cgs’ are the ones required in the physical units. We measure the
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Figure 4.2: Schematic view of the numerical setup along with definition of the boundaries conditions
applied for most of the simulation runs. The lines indicate poloidal magnetic field lines anchored in the
underlying accretion disk which is in slightly sub-Keplerian rotation. The dark black spot represents a
fluid element frozen onto that field line. Vectors indicate and denote the various forces acting on the fluid
element. See text for a detailed description of the different dynamically important forces.
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time tc in units of l0/u0. We denote the number of rotations at the inner launching point l0 as
Nrot = l0/2πu0 = tc/2π

Using these normalizations the conservation of momentum (equation 4.2) can be written in di-
mensionless code units,

ρc

(
∂~uc

∂tc
+ (~uc · ∇c)~uc

)
=

2
β0

((∇c × ~Bc) × ~Bc) − ∇c~Pc − ρc∇cΦc + ρc( ~Frad
c ), (4.15)

where the plasma beta, β0 = (8πρ0u2
0)/B2

0, specifies the initial strength of the (poloidal) magnetic
field at l0 and the radiation force

~Frad
c =

~Frad
cgs

u2
0/l0

. (4.16)

In case for line driving force due to underlying accretion disk we have S r and S z as the radial
and vertical components of the flux emitted from the disk surface.(Hachiya et al. 1998, Pereyra
et al. 2000) -

S r =

∫ 2π

0

∫ end

lo

D(r′)
π

zα+1(r − rcos(φ))[(
r2 + r′2 + z2 − 2rr′cos(φ)

)1/2
]4+α

r′dr′dφ, (4.17)

S z =

∫ 2π

0

∫ end

lo

D(r′)
π

zα+2[(
r2 + r′2 + z2 − 2rr′cos(φ)

)1/2
]4+α

r′dr′dφ, (4.18)

where D(r′) is the amount of energy radiated per unit area from the standard thin disk (equation
4.11). In the present simulations, the accretion disk is treated as a boundary and the accretion of
matter in the disk is not considered. Thus, the mass accretion rate that appears in the above flux
radiative components of the disk has to be prescribed on basis of dimensionless parameters.

Ṁacc =
4πcl0

σe
ΓeΛµ. (4.19)

The radiation flux given above has to be written in dimensionless form to be incorporated in the
simulations. These flux components in the code units are given as follows -

S r,code

S z,code

 =
3cGM∗
2πσel2

0

ΓeΛµ

∫ 2π

0

∫ end

l0

1
(r′c)3

(
1 −

1
√

r′c

) 
zα+1

c (rc−r′ccos(φ))[
((rc)2+(r′c)2+(zc)2−2rcr′ccos(φ))1/2

]4+α r′cdr′cdφ

zα+2
c[

((rc)2+(r′c)2+(zc)2−2rcr′ccos(φ))1/2
]4+α r′cdr′cdφ


(4.20)
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Using the above formulations, the dimensionless radial and vertical component of the line force
from the disk can then be obtained. Their respective contours are shown in Fig. 4.14.

f r,code
line,disk(rc, zc) = f r

line,disk/(GM∗/l2
0) = Mc(T )S r,code, (4.21)

f z,code
line,disk(rc, zc) = f z

line,disk/(GM∗/l2
0) = Mc(T )S z,code. (4.22)

The force multiplier for the case of disk force in code units is similar to that used for stellar line
force (equation 4.14). However, since we assume that bulk of the photons from the disk move
along the vertical z axis, the line of sight velocity gradient is approximated to be just due to
vertical velocity, ∣∣∣∣∣dul

dl

∣∣∣∣∣ ∼ ∣∣∣∣∣duz

dz

∣∣∣∣∣ .
4.4.2 Initial conditions

We model the launching of the wind from an accretion disk representing the base of the outflow.
The gravitational potential Φ is that of point star located at a slight offset (−rg,−zg) from the
origin to avoid singularity at r=z=0,

Φ(r, z) ∝
(
(r + rg)2 + (z + zg)2

)−0.5
, (4.23)

where rg = zg = 0.21 in all our simulations.

Initially we prescribe a hydrostatic equilibrium with a density distribution

ρ(r, z) ∝
(
(r + rg)2 + (z + zg)2

)−0.75
(4.24)

(Ouyed & Pudritz 1997). The thermal pressure follows an polytropic equation of state P = Kργ,
with γ = 5/3. The magnitude of K = (γ−1)/γ is determined by the initial hydrostatic balance be-
tween gravity and pressure gradient. To begin with, all velocity components are vanishing. Such
an initial setup is typical for jet launching simulations (e.g. Ouyed & Pudritz 1997, Krasnopol-
sky et al. 1999, Fendt 2006). The initial hot hydrostatic distribution of density and temperature
does not play a significant role in determining the flow structure as it is eventually washed out
by the cold [i.e. thermal pressure unimportant] MHD flow that is launched from the base.

The initial magnetic field is purely poloidal (in the (r, z)-plane) with a distribution derived from
the potential field ~Bp = ∇ × Aφ with

Aφ =

√
r2 + (z + zd)2 − (zd + z)

r
(4.25)
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(Ouyed & Pudritz 1997), where zd is considered as the dimensionless disk thickness. Such a
magnetic field configuration is force free. Together with the hydrostatic density distribution this
implies an initial setup in force equilibrium. The initial magnetic field strength is prescribed by
choice of the plasma-beta β0 at the inner launching point.

4.4.3 Boundary conditions

To choose the correct physical boundary conditions is of utmost importance for numerical sim-
ulations as they describe the astrophysical system under consideration. In the present setup, we
have to deal with four boundary regions (see Fig. 4.2).

Axial boundary

Along the jet axis an axisymmetric boundary condition is applied. The normal and the toroidal
components of vector fields (i.e. Bn, Bφ, un, uφ) change sign across the boundary, whereas the
axial components are continuous. The density and the pressure are copied into the ghost zones
from the domain.

Equatorial Plane boundary

The disk boundary is divided in two regions - the inner gap region extending from the axis to the
inner launching radius, r < l0, and further out the disk region, r ≥ l0, from where the outflow is
launched.

The setup of this boundary is the most crucial for the outflow simulation. This is an inflow
boundary with the boundary values determining the inflow of gas and magnetic flux from the
disk surface into the outflow. Special care has to be taken to consider the causal interaction
between the gas flow in the domain and in the ghost cells.

In order to have a causally consistent boundary condition (Bogovalov 1997, Krasnopolsky et al.
1999, Porth & Fendt 2010), we impose the four physical quantities ρ,ΩF, P, Eφ. The toroidal
electric field vanishes, Eφ = (~u × ~B)φ = 0, as result of the ideal MHD approximation. Thus,
poloidal velocity and the poloidal magnetic field are parallel at the boundary, ~up||~Bp. The angular
velocity of the field line (Ferraro’s iso-rotation parameter) ΩF, which is one of the conserved
quantities along the field line is fixed in time along the boundary. We have chosen a Keplerian
profile along the disk ΩF(r) ∝ r−1.5. The poloidal velocity at the boundary is floating, i.e. copied
from the first grid cell into the ghost cell each time step. Thus, the mass flux at the disk boundary



78 CHAPTER 4

is not fixed but consistently derived by causal interaction between the outflowing gas and the
boundary value.

The inner gap region is prescribed as hydrostatic pressure distribution. However, gas pressure
gradient, gravity, and centrifugal acceleration is considered for the radial force-balance in the
disk, leading to a sub-Keplerian rotation

uφ(l0, 0)
ukep

=
√
χ

with χ < 1. Solving for the radial balance delivers the density profile along the boundary

ρdisk(r, z) =

(
1

1 − χ

)
ρ(r, z).

Therefore, there is a density contrast between disk and initial corona (the domain). In order
to avoid numerical problems at the interface of between gap and inner disk (ie. the inner jet
launching radius), we smoothen this transition using the Fermi function, considering

χ =

(
χ0

1 + exp(−10(r − 1))

)
.

The Fermi function is resolved by 16 grid cells. We have the launching base to be three times
denser than the initial corona so as to have the underlying disk to be cooler.

The magnetic field in the boundary is allowed to evolve in time to avoid any current sheets
along the interface. When the simulation starts, the rotating disk winds-up the poloidal field and
induces a toroidal field component. Constraining the field line angular velocity ΩF to be constant
in time, we need to adjust the rotational velocity of the gas in the boundary,

uφ = rΩF +
η

ρ
Bφ, (4.26)

where the mass load of a field line η = (ρup)/Bp is again a conserved quantity in stationary MHD.

Outflow boundaries

The right and top boundaries (see Fig. 4.2) are defined as outflow boundaries. The canonical
outflow conditions (zero gradient across the boundary) are imposed to all scalar quantities and
vector components, except for the magnetic field. The toroidal magnetic field component Bφ

in the boundary is obtained by requiring the gradient of the total electric current I to vanish,
whereas the poloidal field components are estimated by setting the toroidal current density jφ
to zero (Porth & Fendt 2010). Having this new outflow condition implemented in the standard
PLUTO code, we ensure that there is no artificial collimation due to boundary effects.
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Table 4.1: Summary of the dimensionless parameters to study the impact of radiation forces on the outflow
dynamics

Parameter Definition

Eddington ratio
Γe ≡

σeL∗
4πcGM∗(proxy for stellar luminosity)

Luminosity ratio
µ ≡

Lacc
L∗

= GM∗Ṁacc
R∗L∗(proxy for disk luminosity)

Radius ratio
Λ ≡

R∗
l0(proxy for stellar radius)

Initial plasma beta
β0 ≡

8πP0

B2
0(proxy for magnetic field strength)

Line-force parameters Q0 and α prescribes M(T ) using equation (2.71)

4.5 Parameter survey

4.5.1 Choice of governing parameters

The three main parameters we apply for a comprehensive study are the (i) central stellar mass
M∗, (ii) plasma-beta β0, and (iii) the line force parameter α (see Table 4.1). We also find that the
magnitude of the density at the launching base of the flow ρ0, which is a free parameter in our
simulations, strongly affects the flow characteristics (see discussion in Sect. 4.5.3).

We have performed a large parameter study with respect to the central star. The stellar mass
considered in our model ranges from 20 M� to 60 M�. The size and the luminosity of these
stars are obtained from the literature stellar evolution models (Hosokawa & Omukai 2009). The
dimensionless parameter that controls the luminosity of the central star is Γe (see Table 4.1).
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Figure 4.3: Variation of the dimensionless parameter Γe with stellar mass M∗ from Hosokawa & Omukai
(2009). The solid black line indicates the stellar mass evolution in the Hosokawa model. Stars repre-
sent the Eddington ratio Γe for different stellar masses in our parameter survey Sect. 4.6.1. The vertical
dashed lines mark different evolutionary stages for massive young star accreting rapidly at the rate of
10−3 M� yr−1. The curve is obtained using tabulated evolutionary parameters kindly provided by Takashi
Hosokawa (private communication).

Its variation with the stellar masses considered in our model is shown in Fig. 4.3. (Also see
Sect. 4.6.1)

We have carried out simulations for three different values (β0 = 1.0, 3.0, 5.0) of magnetic field
strength. We fix the density at the base of the flow to the same value as for the simulations for
different stellar mass. Thus, for 30 M� star and an inner jet launching radius of 1 AU, the different
β0 values correspond to a poloidal magnetic field of 11.5 G, 6.6 G, or 5.1 G at the inner launching
point, respectively. The detailed description of the different simulations is shown in Table 4.2.
The jet is launched by pure MHD processes. As it achieves a steady state after say NMHD inner
rotations, we switch on the radiative line forces by the central star and run the simulation for
another NRAD inner rotations.

The stellar line force in our model is quantified by the parameters Q0 and α. In principle, these
parameters depend on the degree of ionization in the flow, however, for simplicity, we neglect
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this dependence and assume that their values remain the same for a particular simulation run.
The line force is independent of Q0, however, the its dependence on α is strong Gayley (1995).
We fix the line strength parameter Q0 = 1400 for all runs. We carry out simulations with three
values of α = 0.55, 0.60, 0.65. Although the differences in α seems to be small, they lead to
considerable variation in the magnitude of the line forces (Gayley 1995). These values of α and
Q0 are consistent with the empirical values obtained for evolved massive stars (Abbott 1982,
Gayley 1995). Since, we have no empirical values for these parameters during the formation
stage, the present model uses similar values of line force parameters as obtained from evolved
massive stars.

4.5.2 Quantifying the degree of collimation

There are in principal several options to quantify the collimation degree of jets. Fendt & Čemeljić
(2002) suggested to compare the mass fluxes in radial and vertical direction of the jet as a measure
of the jet collimation. However, in general the choice of a floating inflow boundary condition and
the subsequent time-dependent change of mass fluxes makes it difficult to use them as a measure
for the degree of collimation. Therefore, in this work, we quantify the jet collimation by the
opening angle φ of the field lines (which are equivalent to velocity streamlines in a steady state).
For comparison, we measure the opening angle along a certain field line at two critical points
along that field line viz. the Alfvén point φA and the fast magneto-sonic point φF. Note that this
is not the asymptotic jet opening angle.

In order to estimate the amount of de-collimation ∆ζ[%] by radiation forces, we measure the
angular separation of field lines resulting from NMHD disk rotations from those with after NRAD

disk rotations,

∆ζ[%](s) = 100
(
φ(s,NRAD) − φ(s,NMHD)

φ(s,NMHD)

)
, (4.27)

where s measures of path along the field line. A positive value of ∆ζ[%] implies de-collimation
whereas negative values would imply collimation of the jet by radiative forces.

4.5.3 The outflow density at the disk surface - ρ0

The radiative force term Frad
c is a product of the force multiplier and the continuum force. The

force multiplier (equation 2.71) depends on the physical scalings u0, l0 and ρ0 (see equation 4.14).
This does imply that each simulation run is unique to the chosen set of scaling parameters for a
particular type of star.
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Table 4.2: Parameter study of stellar radiation line-force effects on MHD disk jets for different field
strength and different stellar mass.

Run ID a M∗[ M�] β0 α φA
b φF max[∆ζ[%]] c Ṁvert[ M� yr−1] d

M30a055b1 30 1.0 0.55 21.98 16.45 5.0 3.1 × 10−5

M30a055b3 30 3.0 0.55 25.63 20.68 17.0 2.9 × 10−5

M30a055b5 30 5.0 0.55 26.05 23.40 34.5 2.5 × 10−5

M30a055b5-c 30 5.0 0.55 25.55 23.01 33.9 2.4 × 10−5

M20a055b5 20 5.0 0.55 20.44 15.57 5.8 1.6 × 10−5

M25a055b5 25 5.0 0.55 23.27 19.94 21.9 2.4 × 10−5

M45a055b5 45 5.0 0.55 26.84 24.35 37.7 3.0 × 10−5

M50a055b5 50 5.0 0.55 28.86 26.03 42.0 3.3 × 10−5

M60a055b5 60 5.0 0.55 31.45 29.25 56.0 3.7 × 10−5

M60a060b5 60 5.0 0.60 23.73 21.48 28.7 3.2 × 10−5

M60a065b5 60 5.0 0.65 20.93 17.28 11.7 2.9 × 10−5

M25a055b3inj 25 3.0 0.55 45.84 33.87 30.2 1.3 × 10−5

M30a055b3inj 30 3.0 0.55 47.71 36.97 37.2 1.4 × 10−5

M50a055b3inj 50 3.0 0.55 48.76 39.22 42.1 1.8 × 10−5

aWe apply the same physical density at the jet base ρ0 = 5.0 × 10−14 g cm−3, the same inner launching radius
l0 = 1 AU, and the same line-force parameter Q0 = 1400 for all runs. The simulations are performed for NMHD = 319
inner rotations in pure MHD, followed by and NRAD = 319 rotations, with switched-on radiative forces.

bA measure for the jet opening angle is given at the MHD critical points, φA, φF and along the field line rooted
at r = 5.0 AU.

c∆ζ[%] denotes the percentage difference of the opening angles between the steady-state flows for pure MHD
and including radiation force along the field line rooted at the same radius.

dThe vertical mass flux Ṁvert[ M� yr−1] is measured along the top cells in the domain. The first ten simulation
runs in the table apply a ”floating” boundary condition for the injection velocity, while for last three runs a fixed-
mass-flux boundary condition is applied (see Sect. 4.6.2).
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Table 4.3: Parameter study of stellar radiation line-force effects on MHD disk jets for different jet density
at the base of the flow with a stellar mass of 30 M�.

Run ID e ρ0[g cm−3] φA φF max[∆ζ[%]] Ṁvert[ M� yr−1]

M30a055b5d1 3.0 × 10−14 30.30 27.79 47.7 1.5 × 10−5

M30a055b5 5.0 × 10−14 26.02 23.36 34.5 2.4 × 10−5

M30a055b5d2 1.0 × 10−13 22.91 19.47 19.6 4.3 × 10−5

M30a055b5d3 5.0 × 10−13 20.42 15.03 4.0 1.9 × 10−4

eFor all runs, plasma-β0 = 5, l0 = 1 AU and line-force parameters Q0 = 1400 and α = 0.55.

In case of massive stars these values are currently difficult to measure very close to the star (see
Sect. 4.2). However, observationally derived values of mass flow rates in molecular outflows
and jets around massive stars (Beuther et al. 2002b, Zhang et al. 2005, López-Sepulcre et al.
2009) can be used to constrain the densities with prior assumption of inner jet velocity. Typically
measured values of the mass outflow rate are of the order of 10−3 to 10−5 M� yr−1.

The density ρ0 at the base of the flow (z ∼ 0) can be estimated by the mass flux launched from
the base per unit time,

Ṁout = 2πρ0u0l2
0

∫ rc,max

rc,min

r1/2−q
c drc, (4.28)

where the density at the base of the flow is ρ(rc, zc = 0) = ρ0r−q
c . From equation (4.24), q = 3/2.

We assume the matter is launched from the disk surface with Keplerian speed (i.e. uz(rc, zc = 0) =

u0r−1/2
c ). The physical scaling for the density, velocity and lengths are ρ0, u0 and l0 respectively,

while rc is the non-dimensional length unit. Thus, the density scaling ρ0 can be expressed as

ρ0 =
Ṁout

2πu0l2
0

[
ln

(
rc,max

rc,min

)]−1

. (4.29)

Using typical observed mass outflow rates for young massive stellar jets, we calculate ρ0 ∼

10−13 − 10−15 g cm−3.

The physical value of the density at the base of the flow is in the denominator of equation (4.14),
and therefore affects the magnitude of the line-driving force significantly. Increasing the density
by, say, a factor of 10, decreases the line force at least by a factor of 10α. For the values of α
considered her, this magnification could be as large as 3. Such a change in the radiative force has
clearly a notable impact on the outflow dynamics, in particular on its degree of collimation. The
description of our simulations with different base density is given in Table 4.3.
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Table 4.4: Parameter study of disk radiation line-force effects on MHD disk jets.

Run ID f ρ0[g cm−3] max[∆ζ[%]] Ṁvert[ M� yr−1] Comments

Disk1 5.0 × 10−14 -1.8 6.1 × 10−7 reaches a steady state

Disk2 5.0 × 10−15 3.1 7.9 × 10−8 remains unsteady
fAll simulation runs apply the same stellar parameters and line-force parameters as M30a055b5, however a dif-

ferent inner launching radius of only 0.1 AU. Additionally, two more dimensionless parameters for the disk radiation
force µ = 0.4644 and Λ = 0.4969 are prescribed (see Table 4.1).

4.6 Results and discussion

The radiation field in massive star forming regions may play a crucial role in modifying the
dynamics of outflows and jets. In order to disentangle the effects of radiative forces from the
pure MHD jet formation, we decided to follow a two-step approach. We first i) launch a pure
MHD disk jet and wait until it has reach a steady state (after about NMHD = 320 rotations). We
then ii) switch on the radiation line-forces and allow the jet flow to further develop into a new
dynamic state. In some cases a new steady-state can be reached, in other cases an unsteady
solution develops.

For the radiation forces we consider line-forces exerted by i) the luminous massive young star,
and those by ii) the surrounding accretion disk.

4.6.1 Jet de-collimation by the stellar radiation field

The radiation line-force from the central point star is determined by applying equation (4.8). For
a detailed physical analysis of the effects of line-forces from the star alone, we have chosen sim-
ulation M30a055b5 as reference simulation run (Table 4.2). The reference run is parametrized
for a stellar mass of 30 M�, surrounded by an accretion disk with an inner jet launching radius
of 1 AU, and a density of 5.0 × 10−14 g cm−3 at this radius. The initial poloidal magnetic field
strength is fixed by a plasma-β0 = 5.0. The radiative forces from the star are defined by the line
force parameters Q0 = 1400.0 and α = 0.55.

The spatial distribution of the force multiplier M(T ) as well as the specific stellar line force for
the reference simulation are both shown in Fig. 4.4. The magnitude of the force multiplier peaks
in the top-right low-density regions of the flow. This is expected as the force multiplier increases
with decreasing density as shown in equation (4.8). In order to calculate the true radiation force,
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Figure 4.4: Contours of force multiplier M(T ) and the specific line radiation force of a central star [in
physical units] for the reference simulation M30a055b5 after Nrot = 638 inner rotations.

the force multiplier must be convolved with the continuum radiation from the star, resulting in a
line-force distribution with a maximum close to the central star (see Fig. 4.4).

The time evolution of the emerging jet g is shown in Fig. 4.5, where we display the vertical jet
velocity uz(r, z) and the poloidal magnetic field structure for reference simulation M30a055b5.
We clearly see the change from the pure MHD flow (top panels) to the situation when stellar
radiation forces are considered (bottom panels).

Material which is injected from the disk surface (bottom boundary) is frozen on these field lines
(ideal MHD). Initially, the plasma is accelerated magneto-centrifugally and gains substantial
speed, producing a bow shock as it propagates. The bow shock leaves the domain after ∼ 60
rotations. Inertial forces of the outflowing mass flux induce a strong toroidal magnetic field
component resulting in magnetic hoop stresses which self-collimate the magnetic field structure
together with the hydrodynamic mass flux. Eventually, when all the dynamical forces along the
field line are balanced again, the flow achieves a steady-state. The steady state magnetic field
configuration obtained after the pure MHD flow is shown as white dashed lines in Fig. 4.5.

gFull movies are available for download at http://www.mpia.de/homes/vaidya/Bhargav_Vaidya/
Simulations.html

http://www.mpia.de/homes/vaidya/Bhargav_Vaidya/Simulations.html
http://www.mpia.de/homes/vaidya/Bhargav_Vaidya/Simulations.html
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Figure 4.5: Evolutionary sequence of the reference simulation M30a055b5. Shown is the jet vertical
velocity distribution (color coding) and the poloidal magnetic field lines. The color bar represents the
velocity scale in km s−1 for each row of panels. The series of images are taken at subsequent inner
rotations as mentioned on the top of each image. The solid red lines are the poloidal magnetic field lines.
To illustrate the impact of radiation forces, we also show the field lines obtained after the steady-state
MHD flow for comparison as white dashed lines in the lower four panels.
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At this stage we switch on the line-forces of the central star. Immediately, the emergence of
a fast axial flow is visible. This flow is unsteady, first forming a knotty structure, and then,
when approaching the upper boundary, stabilizes to a steady axial flow. Jet de-collimation by
stellar radiation forces is indicated by the fact that the red solid field lines in the bottom panels of
Fig. 4.5 do open-up significantly as compared to field lines in steady-state pure MHD simulation.

When the radiative force is switched on, a shock front begins to propagate into the steady MHD
jet (Fig. 4.5). This happens, because the additional radiation forces lead to an initial disturbance
at the base of the flow, which is then propagated outwards. The effect of line-forces resulting in
a series of propagating shocks is best seen in the poloidal velocity profile along a magnetic field
line (see Fig. 4.6). The series of shocks eventually propagate out of the domain, and the flow
attains a steady state again. However, the asymptotic outflow velocity which is then achieved is
enhanced by a factor 1.5 - 2 compared to the pure MHD flow.

We have also carried out a run, M30a055b5-c, that includes the radiation force right from the
beginning along with the MHD flow. This flow evolves into the same configuration as our refer-
ence run where radiation force is ”switched on” later. This proves that the initial conditions do
not affect the final state of the flow. In our study, we prefer to use the step-by-step approach as it
is computationally less expensive.

In summary, we find that radiation forces modify the MHD disk jet essentially in terms of colli-
mation, but also in terms of acceleration and terminal speed.

Analysis of the force-balance in the outflow

Here we investigate the main forces affecting the outflow dynamics, comparing the magnitude
of various force terms calculated at each grid point along the field line rooted at r = 5.0 AU for
simulation run M60a055b5. Figure 4.7 shows such a comparison of specific forces projected
parallel and perpendicular to the field line before and after considering line-forces due to stel-
lar radiation. With respect to acceleration, the most striking feature is the enhanced specific
pressure gradient force. When radiative forces are considered, the steady MHD flow material
at higher altitudes is adiabatically compressed from the underlying accelerated material leading
into a shock that propagates out of the domain. The resultant flow has higher temperature or an
increase in thermal pressure. We also find that the gradient of the thermal pressure higher above
in the flow may increase substantially, such that thermal pressure force and Lorentz force may
become comparable. In terms of collimation, it is evident from Fig. 4.7 that the profile of the
perpendicular component of the pressure gradient force along the field line becomes flatter than
in the pure MHD flow case. Thus, the pressure force which was not important for pure MHD
flows, now becomes a significant factor in governing the dynamics of the initial flow acceleration
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Figure 4.6: Poloidal velocity along the field line rooted at r = 3 AU for the two simulations M30a055b5
top panel and Disk2 bottom panel. The distance along the field line s is measured in AU. The various
colored solid curves indicate the velocity profile at different inner disk rotations Nrot (blue for Nrot= 325,
green for Nrot= 333, red for Nrot=340, cyan for Nrot= 510, and magenta for Nrot = 638). The black dotted
line in both panels correspond to the last time step for the pure MHD flow. The solid yellow line shown in
the bottom panel indicates the poloidal velocity profile after 1500 inner rotations.
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Figure 4.7: Comparison of all specific force terms projected parallel[left] and perpendicular[right] to
the field line rooted at r=5.0 AU for the run M60a055b5. Colors specify different specific force terms in
dyne cm3 g−1 - the Lorentz force (green), the gas pressure gradient (red), and the centrifugal force (blue).
The dashed lines corresponds to the respective force terms for the pure MHD run M60a055b5 (at steady-
state), while the solid lines represents the forces for the final time step of the simulation including radiative
forces. The brown solid line represents stellar radiation force term for the final time step. The black and
magenta vertical solid lines mark the position of the Alfvén and the fast magneto-sonic surface for the
steady state flow including radiative forces, whereas the corresponding dashed lines are for the pure MHD
flow.



90 CHAPTER 4

Figure 4.8: Contours of the total poloidal electric current distribution (left), and the location of the MHD
critical surfaces (right). In both panels, the pure MHD flow is represented by black solid lines, while the
radiative MHD flow is shown with red solid lines.

(disk wind).

Contrary, when the line-driving force is switched-on in the MHD jet, the centrifugal force be-
comes reduced by an order of magnitude particularly at high altitudes in the flow. In order to
comprehend this variation of centrifugal force, it is useful to compare the conserved quantities
of MHD, in particular the angular velocity of the field line ΩF. In the pure MHD simulation ΩF

is conserved throughout the simulation. This remains true also with radiative forces included,
simply because ΩF is fixed as boundary value (see Sect. 4.4.3). Therefore, the azimuthal velocity
at the base of the flow is given by equation (4.26). At the same time, the additional line forces
accelerate the flow (close to the base) to higher poloidal velocities. The magnetic flux at the
base is fixed as a boundary condition. Hence, the ratio of mass load to density η/ρ in equation
(4.26) increases, and since the toroidal magnetic field Bφ is negative, also the azimuthal velocity
decreases. This eventually leads to a decrease of the specific centrifugal force when line-forces
are considered. The decrease in centrifugal force further implies that the outflow rotates slower,
and that the acceleration close to the base is not only controlled by magneto-centrifugal forces,
but also by the thermal pressure force and the radiation force (see Fig. 4.7).

Close to the base of the flow, Lorentz forces are dynamically not important. However, they
peak at the Alfvén point of that particular field line. Beyond the Alfvén point, the Lorentz force
becomes important and competes with other forces to govern the dynamics of the flow. When
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radiative force are considered, the Lorentz force close to the base of the flow and also at higher
altitudes do not show significant deviations from its values in the pure MHD case.

Line-driven radiative forces have considerable impact on the poloidal electric current distribution
and also on the critical MHD surfaces in the jet. The contour plots shown in Fig. 4.8 compare
the total poloidal current I = rBφ =

∫
~jpd ~A and position of critical surfaces before and after

considering line-driven forces in the reference simulation M30a055b5. The figure shows that by
adding radiative forces (stellar luminosity), the corresponding poloidal electric current density
contours are shifted closer to the base of the flow, implying a lower toroidal field strength Bφ in
these jets. We understand this results as a consequence of lack of jet rotation, thus less effective
induction of toroidal magnetic field.

Jet collimation in the conventional Blandford-Payne picture is caused by magnetic hoop stresses
(-B2

φ/r) of the azimutal magnetic field. Whereas, the larger toroidal magnetic pressure gradient
aids in de-collimating the outflow. A lower Bφ would not only weaken the hoop stress but also
reduce the magnetic pressure (∼ B2

φ). The decrease of toroidal magnetic pressure would lead
to a lower magnetic pressure gradient force. So, a balance arises between the hoop stress that
collimates the flow and the toroidal pressure gradient that de-collimates it. We observe that the
field lines de-collimate to a wider configuration on addition of radiative forces, implying that the
decrease of toroidal magnetic field has more impact on reducing of hoop stresses than reducing
the magnetic pressure gradient, thus eventually de-collimating the flow.

Considering radiative forces also results in lowering the location of MHD critical surfaces (viz.
slow magneto-sonic, fast magneto-sonic and Alfvén surface) (see Fig. 4.8). The pure MHD flow
is launched marginally super-slow and sub-Alfvénic. The flow near the axis is, however, sub-
slow, due to the boundary condition of conserving the initial hydrostatic density and pressure
distribution in the gap region between axis and disk. The flow speed at the critical points de-
pends on the magnetic flux and mass density in the flow. These quantities remain approximately
unaltered when radiative forces are considered, thus the magneto-sonic wave speed remains sim-
ilar as well. Since now the radiative line-forces accelerate the wind further to higher velocities,
the critical surfaces shift to lower altitudes in the flow (i.e. close to the base of the flow).

We finally note that radiative forces have both a direct as well as an indirect effect in modifying
the collimation properties of the flow. The radiation force from the star directly affects the flow
dynamics at its base and close to the star simply by transfer of momentum (equation 4.2), even-
tually leading to a flow de-collimation. Indirectly, the radiation field also enhances the thermal
pressure in the flow (equation 4.3) such that the specific pressure force becomes comparable to
the Lorentz force - further de-collimating the flow. The resulting opening angles as measured
from our reference run at various critical points along the field lines are listed in Table 4.2. For
M30a055b5, the final state of the jet has a steady mass outflow rate of 2.5 × 10−5 M� yr−1. The
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opening angles are 26◦ and 23◦ at Alfvén and fast point respectively for the field line which has
a foot point r = 5 AU. The maximum percentage separation ∆ζ[%] between the opening angles
of this field line in pure MHD flow and that for the flow with radiative forces is 34.5%. A sig-
nificantly positive value of ∆ζ[%] indicates flow de-collimation. In the following sections, we
describe the effects of various physical parameters that could affect the dynamics of the outflow.

Radiation field and magnetic field strength

Here we discuss the interrelation between radiative forces and a variation of magnetic flux
and their combined effect on outflow collimation. We compare simulation runs M30a055b1,
M30a055b3, and M30a055b5, all assuming the same stellar mass 30 M�, an inner jet launch-
ing radius of 1 AU, and a density at the base of the flow of 5.0 × 10−14 g cm−3, while the initial
magnetic field strength parametrized by β0 ranges from 5.1 G to 11.5 G.

The (initial) pure MHD runs exhibit characteristic differences. A lower β0 provides faster jets
which are more collimated, simply because the larger field strength provides larger Lorentz
forces to collimate and also accelerate the flow more efficiently. A lower field strength im-
plies a lower magneto-sonic wave speed, resulting in magneto-sonic surfaces located closer to
the disk surface. Thus, we cannot simply compare the opening angles at the critical surfaces as
their positions vary in the pure MHD runs with different field strengths. Instead, we quantify
the actual change of opening angle with and without considering radiative force ∆ζ[%] (i.e. in
percentage), as profile along the field line.

This measure is shown in Fig. 4.9 for a field line rooted at r = 5 AU. We see that ∆ζ[%] is signif-
icantly positive, indicating that radiative forces do considerably de-collimate the flow. However,
the effect of de-collimation is enhanced when the magnetic field strength is reduced (i.e. an in-
crease of β0). The asymptotic value of ∆ζ[%] along a field line changes from 35% to 5% when
the initial magnetic field strength is increased by a factor of two.

The above analysis for different magnetic field strength suggests that in the strong field case
(β0 = 1) jet collimation is controlled by the magnetic forces alone. However, when we decrease
the field strength (from 11.5 G to 5.1 G as normalized at 1 AU) the stellar radiation line-force
begins to compete with the magnetic forces. The resulting jet has a much wider field structure
and outflow opening angle as it is de-collimated as compared to its pure MHD counterpart (see
Fig. 4.5). We conclude that radiative forces from the central star (for the chosen parameters) will
dominate the magnetic effects in controlling the flow collimation for field strengths . 5 G (at
1 AU). In addition to the field strength the field profile is also important in dynamical evolution
of the jet flow (see Sect. 4.2.3). Observational estimates of the field strength in these close by
regions of massive young stars will further help to narrow the results.
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Figure 4.9: Flow collimation along the field line rooted at r=5 AU. Shown is the profile of the percentage
separation of field lines between the pure MHD flow and the radiative MHD flow [∆ζ[%]] as measure of
flow collimation. The solid, dashed and dot dashed lines are for three different plasma-β0 = 5.0, 3.0, 1.0,
respectively.
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Figure 4.10: Jet collimation, jet density and radiation force. Shown is the opening angle (i.e. the field
inclination) at the Alfvén point (stars) and the fast point (dots) of the field line rooted at r=5 AU for runs
with different α (top panel), and different jet base density ρ0 (bottom panel). The dotted and solid lines
corresponds to the opening angle at the Alfvén point, and the fast point of the same field line after the pure
MHD flow with an initial plasma-β0 = 5.0.
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Impact of the line-force parameter α

The stellar line-force is a non-linear function of α. Gayley (1995) showed that a significant
change in the mass flux can be obtained with very slight change in α, indicating that this param-
eter is very sensitive for calculation of radiative line-forces.

Simulation runs M60a055b5, M60a060b5, and M60a065b5 apply the same magnetic field strength
(β0 = 5.0), but differ in the line-force parameter from α = 0.55 − 0.65. A first result is that the
increase of α from 0.55 to 0.60 decreases the mass outflow rate significantly by ∼ 16%. We will
discuss this interrelation in Sect. 4.6.2. However, also the outflow opening angles are affected as
indicated by the top panel of Fig. 4.10. The outflows with lower α become more de-collimated
than the others with higher α.

The above trend indicates that the efficiency of the line driving mechanism is increased with
lower α. Physically a lower α implies a higher contribution of optically thin lines in accelerating
the flow. Thus, the dominance of less saturated (i.e. less self-shadowed) lines in accelerating the
flow results in an efficient line driving.

In summary, we find that the runs with lower α have higher mass flux and are less collimated.
Our results from studying different α are in qualitative agreement with the analytical results from
Gayley (1995).

Impact of the density ρ0

In this section, we describe how collimation and acceleration in the outflow are altered with the
density at the base of the flow. As mentioned in Sect. 4.5.3, the physical mass density applied to
scale the numerical simulation is a free parameter in our setup, were we estimate its value from
the observations using equation (4.29).

Simulation run M30a055b5d1 has the lowest density among all four runs, ρ0 = 3 × 10−14 g cm−3

For this run, the opening angles measured at critical MHD surfaces are larger compared to our
reference run. Quantitatively, the opening angles at the Alfvén and the fast surface are 30◦ and
28◦, respectively. Also, the maximum percentage change in field line opening angle ∆ζ[%] in-
creases from 35% for the reference run to a staggering high value of 48% for field line rooted
at r = 5 AU. In case of a high jet base density ρ0, the change in field line opening angle ∆ζ[%]
reduces to 4%, with the opening angles at the Alfvén and fast surface being 20◦ and 15◦, respec-
tively (Fig. 4.10).

These results correspond to an inverse correlation of the density at the base of the flow with the
force multiplier M(T ) (see equation 4.14). Higher densities result in an optically thick environ-
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ment, thus increasing the the optical depth parameter T , and reducing the force multiplier. Thus,
the radiative line-driving force approaches the limit corresponding to the continuum radiation
force. Essentially, the continuum force for typical massive young stars is weak compared to
other dynamically important forces (for e.g. gravity).

In summary, we observe the outflow density as one of the leading parameters to govern the dy-
namics of the outflow by radiation forces. However, observationally this density is very difficult,
even impossible to determine. We thus have to rely on certain assumptions, or may apply esti-
mates of the outflow flux to calculate this density. Our parameter survey considers density values
which are consistent with the observed mass fluxes. From our studies, we observe in general
that for densities ρ0 < 10−13 g cm−3 the line-driving force from the central star is very efficient
in accelerating and de-collimating the outflow. However, a denser environment will dilute the
influence of the line-driving mechanism.

Stellar mass evolution and outflow collimation

Motivated by the hypothesis of Beuther & Shepherd (2005) we have studied the outflow dynam-
ics and collimation for a sequence of different stellar masses (viz. from 20 M� to 60 M�). The
change in stellar mass implies a change in the central luminosity. Fig. 4.11 shows the variation of
the opening angle at the MHD critical points in simulation runs with central stellar mass. It can
be seen that the opening angle varies from 20◦ to 32◦ for stellar masses from 20 M� to 60 M�.
The curve rises linearly up 30 M�, but then the opening angle does not change considerably for
increasing mass.

For the physical parameters of the stellar evolution such as stellar luminosity and radius, we have
applied the bloating star model of Hosokawa & Omukai (2009) assuming an accretion rate of
1.0 × 10−3 M� yr−1 (see Fig. 4.3). In this model for massive young stars, the stellar luminosity
increases rapidly from 6 M� to 30 M�. A star with high accretion rate undergoes swelling and
is considered to bloat up to 100 R�. It is the entropy distribution in these stars which causes
them to expand in size that much. For stars < 10 M�, a thin outer layer absorbs most of the
entropy from its deep interiors, thereby increasing the entropy in this layers. The rapid increase
of entropy in the outer layer of the star causes the star to increase in size (Hosokawa & Omukai
2009). When the stellar mass reaches ∼ 10 M�, the star then begins to shrink (Kelvin-Helmholtz
contraction) until its mass reaches ∼ 30 M�. After that, the star approaches the main sequence
and then follows the typical main sequence evolution. The stellar luminosity does not change
considerably from M∗ = 30 M� to 40 M� - in fact there is a slight decrease. Contrary, for stars
with mass > 40 M� the stellar luminosity increases with mass. This is reflected as a slight dip in
the variation of Γe with mass between 30 M� and 45 M�. Thus, the values of Γe derived for these
two masses do not show considerable difference (0.2381 and 0.2269 respectively). We conclude



JET FORMATION AROUND MASSIVE YSO : MHD AND RADIATIVE MODELING 97

Figure 4.11: Same as Fig. 4.10, but for simulation runs for different stellar mass.

that the radiation force and, hence, also the dynamics of the outflow do not change to a great
extent for these masses.

For simplicity we keep the inner jet launching radius and the density at the base of the flow
fixed for all mass runs. The radiation force is not only altered by changes in Γe, but also due to
the physical scaling that appears in the prescription of the force multiplier. In particular, this is
the Keplerian velocity at the inner launching radius l0, which is naturally different for different
masses and scales with

√
M∗. One would then expect that the radiative force changes by a factor

equivalent to
√

M∗. The effect of such a change with increasing central mass not only enhances
the mass flux launched from the disk boundary but also imparts the resulting outflow a wider
morphology (see Table 4.2).

In summary, with the above parameter study of different central stellar masses, we observe that as
the luminosity (or mass) of the central star increases, the stellar radiation force becomes relatively
stronger. This leads to a higher degree of outflow de-collimation confirming the above mentioned
observational picture of outflow evolution in massive young stars.
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4.6.2 Radiation field and jet mass flux

The simulations presented so far have been performed with floating boundary conditions at the
base of the flow (see Sect. 4.4.3). While guaranteeing a causally correct boundary condition ab
initio, the disadvantage is that the mass flux emerging from the underlying disk boundary cannot
be prescribed a priori. In fact, the mass flux is self-consistently calculated each time step by
ensuring continuity of outgoing waves between the domain and the ghost cells. Thus, in our
approach applied so far we fix the initial flow density and float the vertical outflow velocity at
the boundary.

The total mass outflow rate (Ṁrad + Ṁvert) in physical units is shown in Fig. 4.12 for runs with
different stellar mass and applying a floating boundary condition. The total mass flux has a
√

M∗ dependence for pure MHD runs on converting it to physical units. While for a steady-state
radiative MHD flow, the physical mass flux also depends on the Eddington parameter Γe, which
is related to the stellar luminosity.

The percentage change between these mass outflow rates is shown in the bottom panel of Fig. 4.12.
Interestingly, the profile of this curves is similar to the variation of the opening angles (see
Fig. 4.11), indicating that the increased mass flux could in fact play a role for de-collimation.
Thus, the combination of both the floating boundary conditions and the disturbance of the gas
physics at the base of the flow by radiative source terms leads to the enhanced mass flux, which
modifies the collimation of the flow.

However, also the direct effect of radiative force on the flow can physically deflect the flow
and eventually lead to de-collimation. Thus, the problem becomes quite complex as the direct
influence of radiative force on the flow is mingled with its second order effects for e.g. increase
in the mass flux. In order to single out the influence of direct de-collimation effects by radiative
forces, we have performed simulations where we have fixed the outflow mass flux as a boundary
condition.

It is essential to inject the outflow with a velocity which is supersonic to begin with. We fix
the mass flux at the boundary by setting the inflow velocity to uz = 0.24 × uKep, resulting in a
flow with slow magneto-sonic Mach number close to unity and indicating a slightly supersonic
flow. In Fig. 4.13 we show the mass outflow flow rates derived along the top (z = zm) and right
(r = rm) boundaries (in red and blue, respectively). We have calculated the radial and vertical
mass outflow rates using following expressions,

Ṁrad = rm

∫ zm

0
ρur|rmdz, (4.30)

Ṁvert =

∫ rm

0
rρuz|zmdr. (4.31)
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Figure 4.12: Outflow mass flux for simulations applying a different stellar mass. The top panel shows
the total mass outflow rates for each star in case of a pure MHD flow (stars), and for the same outflows
including radiative forces (dots). The percentage difference between these mass fluxes is shown in the
bottom panel.
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Figure 4.13: The variation of the outflow mass flux with time in simulation runs M30a055b3inj (top
panel) and M30a055b5 (bottom panel). The red and blue lines show the variation of the vertical and
radial mass fluxes, respectively (see equation 4.30 and 4.31). The black line corresponds to the mass flux
injected from the underlying disk. The green line is the total mass flux leaving the computational domain.
Coinciding green and black lines proves conservation of the mass flux.

In the simulations with floating boundary conditions, we observe that the mass flow rate reaches
a steady-state, first derived self-consistently in the pure MHD flow, and then suddenly increased
on adding the radiative source term. Essentially, this rise is not seen when we apply fixed-
mass-flux boundary conditions. However, the fact that the curves of radial and vertical mass flux
intersect after ∼ 60 disk rotations after switching-on the radiation force, is a clear signature of de-
collimation. Thus, the modification in terms of collimation due to the direct impact of radiative
forces on a flow injected with constant mass flux can be now understood with our simulation
runs with a priori fixed-mass-flux boundary conditions.

We have thus performed three simulation runs with different stellar mass applying the above-
mentioned mass-injection boundary condition (see Table 4.2). The most evident measure of
de-collimation that can be observed is the ratio of vertical to radial mass flow rate. A higher ratio
indicates a higher degree of jet collimation. This mass flux ratio for the chosen stellar masses
of 25, 30, and 50 M� changes from 1.12 after the steady-state pure MHD flow to 0.92, 0.85,
and 0.80 respectively, when radiative force is considered. Note that the radiative forces also
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accelerate the flow, increasing the maximum velocity for M30a055b3inj in steady-state radiative
MHD by a factor of ∼ 1.5 compared to pure MHD flow.

We also find, that de-collimation is mainly due to the direct influence of the stellar line-driven
force on the outflow, as the amount of mass flux launched into the domain is fixed for these runs
(it is thus not a 2nd-order effect resulting from a higher mass flux due triggered by the radiation
force).

In summary, we conclude here that the line-driving radiation force from the star plays a signifi-
cant role in directly modifying the dynamics of previously launched MHD flow. This force not
only aids in acceleration of the flow, but also pushes the outflow material away from the axis
resulting in a substantially wider opening angle.

4.6.3 Acceleration by the disk radiation field

We have also carried out a number of simulations that involve only radiation forces caused by
a (hot) accretion disk. In principle, in addition to the intrinsic accretion luminosity, the disk
radiative force can be enhanced by considering irradiation from the central star (Proga et al.
1998, Drew et al. 1998). For the present model, however, we do not consider irradiation.

Here we present results of two of our simulations, denoted as Disk1 and Disk2 (see Table 4.4).
We have applied the parameter set as for the reference simulation M30a055b5, however, two
more parameters governing the dimensionless accretion rate that appears in the accretion lumi-
nosity (equation 4.19) have to be prescribed. That is the ratio µ of disk to stellar luminosity, and
the ratio Λ of stellar radius to inner launching radius (see Table 4.1). Naturally, a disk extending
to radii closer to the center of gravity would have much higher temperatures thus luminosity (see
Vaidya et al. 2009 for an application to massive young stars) and the resulting radiation forces
would be able to affect the outflow more.

For the number values applied for these additional parameters we again follow the bloating star
model (Hosokawa & Omukai 2009) assuming an accretion rate of 10−3 M� yr−1, and an inner
jet launching radius of l0 = 0.1 AU, thus, obtaining µ = 0.4644 and Λ = 0.4969. Note that the
smaller inner jet launching radius also implies a inner disk radius closer to the star, compared to
our models discussed above.

For simulation run Disk2, we have increased the magnitude of the disk radiative force by de-
creasing the density at the inner jet launching radius by a factor of 10, thus assuming ρ0 =

5 × 10−15 g cm−3. The contours of line force due to disk in run Disk2 is shown in Fig. 4.14 (see
Sect. 4.4.1). As the radiation force is very sensitive to the density, the lower density at the jet
base does increase the radiation force from the disk by a factor of three. Note that, physically,
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Figure 4.14: Contours of the line force from disk radiation in the radial (left panel) and vertical (right
panel) direction. The contour levels are given in physical units. The parameters used are : Q0 = 1400.0,
α = 0.55, M∗ = 30 M�, l0 = 0.1 AU, ρ0 = 5.0 × 10−14 g cm−3, Γe = 0.2369, Λ = 0.4969, µ = 0.4644,
β0 = 5.0
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this increase of the disk radiation force could mimic the effects of stellar irradiation.

We quantify the change in collimation degree in runs Disk1 and Disk2 again with the parameter
∆ζ[%] (see equation 4.27). Simulation run Disk1 has a maximum of ∆ζ[%] = −1.8, while run
Disk2 has ∆ζ[%] = 3.1%. These number values are rather low compared to our simulations
with a stellar radiation force indicating that the disk radiation force alone is not strong enough
to de-collimate the flow.

Interestingly, simulation run Disk2 shows some unsteady behavior close to the axis - a feature
which is absent when only stellar radiation forces were considered. The vertical velocity map
along with the magnetic field lines for simulation run Disk2 is shown in Fig. 4.15. We show
the magnetic field line distribution when the pure MHD flow has reached steady-state (white
dotted) and the field line configuration when disk radiation forces are included (red solid). This
is consistent with the findings of Proga et al. (1999), who detect a similarly unsteady behavior in
their simulations for the case when the radiative force is dominated by the underlying disk. The
fact that we do not see this feature in simulation Disk1 suggests that the radiative force in run
Disk1 is not comparable to the other forces that control the flow dynamics, and that this outflow
does more correspond to a pure MHD flow.

The unsteady flow behavior in run Disk2 is also reflected in the poloidal velocity evolution as
steadily propagating ’wiggles’ in the velocity profile along the field line (or streamline) up(s)
(Fig. 4.6).

As maximum outflow velocity for the simulations Disk1 and Disk2 we obtain relatively high
velocities of ∼ 350 kms−1. This is mainly due to the above mentioned fact that the outflow is
launched deeper in the potential well and as close as l0 = 0.1 AU from the central star. Compared
to the pure MHD run, we see, however, that the jet which is affected by disk radiation forces
(only) achieves slightly higher asymptotic velocities, as the MHD reaches only ∼ 300 km s−1.
Thus, the disk radiation force affects the outflow primarily by slightly accelerating it. We do
not see indication that the outflow collimation is affected, which is understandable since the disk
radiation force acts mainly in vertical direction.

In summary, jet acceleration and collimation is rather weakly affected by the disk radiative forces
as their magnitude is orders of magnitude smaller compared to radiation forces from the central
star. However, for other astrophysical jet sources such as AGNs, the radiative force from the disk
could play a significant role (e.g. Proga 2003).
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Figure 4.15: Poloidal jet velocity (mirrored at the jet axis) in km s−1 for the simulation run Disk2. The
white dotted lines show the magnetic field line distribution for the pure MHD flow and for the MHD flow
including the disk radiation forces red solid lines. The color bar represents the jet vertical velocity uz in
code units. The unsteady evolution of the axial flow is discussed in the text.
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4.6.4 Limitations of our model approach

The main goal of our study was to disentangle the effects of radiative forces from the young star-
disk system on a pure MHD outflow launched within the standard picture of magneto-centrifugal,
magnetohydrodynamic jet formation. In this section we discuss the limitations of our model
approach to the subject of jet formation from massive young stars.

Prescription of radiation force

The prescription of radiation force used for the present model does not explicitly consider the
radiation transfer. Instead it implements the radiative force due to lines as a source term in the
momentum and the energy equations (see Sect. 4.3). This greatly simplifies the numerical task
and modeling becomes computationally inexpensive.

Possible existence of a stellar wind

Our model does not consider a stellar wind from the massive young star. Observed outflows
around young massive stars are usually thought to have velocities of about 200 - 500 km s−1, a
value much smaller than the speed of stellar winds in the evolved stages of OB stars (of about
∼ 1000 km s−1). This difference in velocity scale could give a clue to difference in environment
around the star. During the formation stage, the star is surrounded by dense gas and dust as
compared to more evolved stage where it has cleared all surrounding matter. A rarer environment
in a more evolved stage could lead to an efficient acceleration of winds via line driving to 1000
km s−1. Hence, for more massive and hotter young stars, impact due stellar winds could play a
vital role on the dynamical evolution of disk winds.

Lack of knowledge of system parameters

The inner regions around massive young stars are not accesible with present day telescopes.
Thus, many physical parameters for these inner regions are not observationally constraint (for
e.g the inner disk radius, mass density, magnetic field strength) In the present model, we follow
the notion that high-mass stars form as a scaled-up low-mass stars. Thus most of the parameters
used for the present modeling are derived from estimates for low-mass stars.
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Ideal MHD approach

Simulations presented here are done using ideal MHD approximation. This is in principle fine
as ionizations fractions are usually high enough to provide a good coupling between matter and
field. However, for simplicity we have assumed a constant ionization fraction throughout the
wind. Since the radiative force parameters do have an explicit dependence on the ionization
fraction, the idealized assumption of a constant ionization fraction throughout the wind allows
us to fix the radiative force parameters for all simulation runs.

Prescription of the disk dynamics

A self-consistent modeling would need to incorporate the time-evolution of the disk structure in
the simulation, and to treat accretion and ejection processes simultaneously. Such simulations
are currently performed in general applications of jet launching (e.g Casse & Keppens 2002,
Zanni et al. 2007, Murphy et al. 2010), however, it is too early to be applicable to massive young
stars - one reason being the lack of knowledge of the accretion disk parameters (e.g. the question
whether there is a thin or thick disk), another one that also radiative effects would have to be
implemented in these simulations.

4.7 Conclusion : Jet formation

We have studied the impact of a line-driven radiation forces on the acceleration and collimation
of a MHD jets,around young massive stellar object. Our main motivation was to give a solid
theoretical understanding for the outflow evolution hypothesis presented by Beuther & Shepherd
(2005). For the radiation forces we have considered stellar and disk luminosity. Our basic
approach was to initially launch a MHD jet from the underlying disk surface, and then, after the
pure MHD outflow has achieved a steady state, to switch on the radiative forces and study their
effect on the existing MHD outflow.

We performed a number of simulations with the line driving force exerted by stellar radiation.
These simulations were performed for a wide range of physical parameters, as i) the central
stellar mass, ii) the magnetic flux, and iii) the line-force parameter α. In order to apply our
method of calculating the line driving force (CAK approach), we have modified the numerical
code PLUTO to incorporate appropriate projections of gradients of the 2 D velocity field along
the light path. Additionally, we have consistently implemented these projections for different
radiation sources properly considering the geometry of the radiation field. All these simulations
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have ’floating’ and casually consistent inflow boundary in which the mass flux is not fixed and is
derived by the numerical solution.

Our main conclusions from this analysis are as follows.

The line driven force from the central star for the parameters considered does play a significant
role in modifying the dynamics in terms of collimation and acceleration of the outflow. We find
that the outflow velocity is increased by a factor of 1.5 - 2 by radiation forces as compared to the
pure MHD flow. Also, the degree of collimation is lowered, visible e.g. in a 30%-change in the
magnetic flux profile, or the wider opening angle of the magnetic field lines.

Investigating different stellar masses we determine the amount of de-collimation by measuring
the opening angles of a typical field lines (that with the highest mass flux) at the Aflvén and fast
magneto-sonic point. We find that for a stellar mass of 20 M�, the opening angles are 20◦ and 16◦,
respectively. For a 60 M� star these values increase to 32◦ and 29◦, indicating substantial amount
of de-collimation due to the increased stellar luminosity. This findings confirm the observed
evolutionary picture for massive outflows in which more massive stars tend to have outflows of
lower collimation degree. Note that for massive young stars, our results do not only constitute a
relation of different stellar masses, but correspond also to a time-evolution of outflow systems,
as the central mass can be substantially increased during massive star formation.

We have also performed simulations with injection of fixed mass flux from the disk boundary
for various stellar masses. We find that the ratio of vertical to radial mass flux in these runs
decreases from 0.92 to 0.80 with increase in stellar mass from 25 M� to 50 M�. This clearly in-
dicates the fact that the line driving force from central star plays an influential role in the physical
understanding of observed evolutionary picture pertaining to outflows from young massive stars.

So far, the magnetic field strength in the jet formation region close-by a massive young star
forming is an unknown quantity. We therefore have carried out simulations with different field
strength (plasma-β0 ∼ 1.0, 3.0, 5.0). We find that for the flow with high magnetic flux the radia-
tive forces do not really affect the collimation degree. However, for the flow with low magnetic
flux, the dynamical effect of radiative forces is greatly increased.

We further find that the line force parameter α is very critical in determining the magnitude of
the line-driven forces. Lower values of α leads to an efficient radiative force from the central
star and thus decollimate the flow to a larger extent as compared to higher α values. Since the
radiation forces also affect the mass outflow rates for simulations, even small change in α may
lead to significant changes in mass flux up to ∼ 28%.

Line forces due to the hot accretion disk do not play a significant role in controlling the dynamics
of the MHD outflow, simply because they are orders of magnitude smaller then all other forces
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that affect the flow dynamically. Implementing high disk radiation forces has (by taking into
account the inner hotter part of the disk), however, shown us that the disk radiation forces will
affect primarily the flow acceleration, and not the flow collimation.

The source terms for the line-driven forces from the star and the disk implemented in our simu-
lations depends on certain scaling parameters. We find that the physical scaling of the jet density
is a leading parameter that affects the flow dynamics. Large densities make it difficult for the
line-driving to act efficiently, resulting in a flow which is mostly dominated by MHD forces.
However, less dense inner regions around massive young stars would allow efficient radiative
line-driving, and thus accelerate and de-collimate the flow with great effect.

This chapter has addressed a complex problem of jet launching from young massive stars. In
doing so, we have applied a simplified prescription of the radiative force rather than a complete
radiative transfer calculation. One limitation of our model is the lack of observational knowledge
about various parameters particularly very close to the central star. In addition, we have not in-
cluded effects from stellar winds which might exist during the later stages of young massive star
evolution. In spite of these limitations, we find clear evidence of acceleration and de-collimation
of jets launched from massive young stars.

In summary, among all the radiative sources considered to study the dynamics of outflow launched
from the young massive star, we see that the line force from the central luminous star is very ef-
ficient in de-collimating and accelerating the flow. The line force from the underlying disk is
not as significant as compared to the stellar force. Also, dynamical effects on the outflow due
to the optically thin electron scattering continuum force from the central star and the disk is not
significant. Furthermore, we confirm the observed trend of de-collimation seen in outflows from
massive stars at different evolutionary stages.



The optimist thinks that this is the
best of all possible worlds,
and the pessimist knows it.

J Robert Oppenheimer (1904-1967) 5
Dynamics of Inner Accretion disks: Radiative

Transfer and Self-Gravity

The chapter is based on the work currently being done in collaboration with Prof. Mark Krumholz
(University of California Santa Cruz) and Rolf Kuiper (University of Bonn).

In this chapter, we present results from an ongoing numerical study of the dynamical evolution
of inner accretion disks around massive stars. We perform full three-dimensional numerical sim-
ulations of a self-gravitating massive accretion disk. These disks are perturbed via rapid inflow
of material from the core. We aim to understand the transport of such material onto the central
star. We find locally isothermal disks to be an ideal case for gravo-turbulent fragmentation due to
very low cooling times. The spiral arms developed in these disks produce gravitational torques
that transport angular momentum. In this simulation, we observe that 10% of the matter accreted
by the disk is accreted on the central star. Inner disks around massive stars could also be influ-
enced by strong radiation pressure. We carry out radiative transfer calculations using frequency
average (mean) and frequency dependent opacities. The impact of radiation on fragmentation
and accretion of material is the final goal of this study.

5.1 Introduction

Major advancements in sub-mm interferometric techniques have revealed existence of the flat-
tened rotating structures around stars with mass ≥ 10 M� (e.g. Cesaroni et al. 2005, Patel et al.
2005, Fallscheer et al. 2011). Such rotating structures are spanned across a large scale in lengths
(1000 - 10,000 AU) around the central star. They are termed as pseudo disks due to the fact that
they are not in Keplerian balance with the central star. The evidence of these pseudo disks around
young massive stars provide essential clues for their formation process. The natural outcome
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from this observational fact is that high-mass stars form via disk accretion aka their low-mass
counterparts. The main difference in their formation scenarios lies in the time scales involved.
Massive stars are believed to evolve rapidly on the main sequence and end up into a supernova
in about 1-10 Myr. This swift evolutionary process requires high mass accretion rates in disks
around massive stars. Indirect measures from outflow rates give an order of magnitude estimates
of 10−5 − 10−3 M� yr−1(e.g Beuther et al. 2002a). Observational properties of disks around O-B
stars are reviewed by Zhang (2005) and Cesaroni et al. (2007).

In the view of formation of massive stars via disk accretion, matter is accreted from the outer
mass reservoir onto the rotating disk. Matter in-falling from the massive core on the disk struc-
ture have to be processed quickly onto the central star. This has to be achieved by efficient
transport of angular momentum. Various observations have shown that the massive pseudo disks
are gravitationally unstable (see Cesaroni et al. 2007 and references therein). In such a state,
matter can be efficiently accreted via gravitational torques. However, these observations could
only access outer colder parts of the flattened structure. This leads to an interesting problem
regarding the processing of such rapid flows of matter by the inner hot disk.

We begin with a detailed description of physical and numerical model considered for our study.
Further, we discuss the effects of physical self-gravity with varying disk thermodynamics. Fi-
nally, we provide an outlook about future simulations planned for this work.

5.2 Physical Model

In the last decade, massive star formation has been vastly studied using numerical simulations
(Yorke & Sonnhalter 2002, Krumholz et al. 2007, 2009, Kuiper et al. 2010a, 2011, Peters et al.
2010). These simulations either start with a rotating or a turbulent molecular core in either two or
three dimensions. The massive core is then allowed to gravitationally collapse and evolve until it
forms a central massive star or a binary system. Such an evolution of the core was studied with
radiative transfer and self-gravity. The formation of flattened rotating structures are also seen in
these simulations. Krumholz et al. (2009), using a core of mass 100 M�, have shown evidences
of large spiral arms and fragmentation in the rotating structure. These flattened rotating structures
eventually collapse to a system of massive binaries with masses of 40 M� and 29 M�. The strong
radiation pressure drives a bipolar outflow, which forms a low density cavity/bubble. The gas in
spite of seemingly strong hinderance from central radiation pressure continue to infall along the
walls of the bubble. Kuiper et al. (2011) also obtained a similar qualitative result using a more
accurate treatment of radiative transfer. However, no evidence of fragmentation were seen in
their simulations.
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Figure 5.1: Physical model setup for inner accretion disk around young massive star. The inner edge
of the disk is irradiated by the central star. The stellar light diffuse in the disk via flux limited diffusion
on interaction with optically thick dust and gas. The outer edge (∼ 100 AU) of the disk is being fed
with matter at a very rapid rate ∼ 10−3 − 10−5 M� yr−1 from the massive core (or outer flattened rotating
structure)

Simulations that study the collapse of a massive core are limited by resolution particularly in
the innermost regions. Mostly, these simulations have an inner sink cell of 10-100 AU. This
implies that the dynamics of gas is not followed inside the inner 10-100 AU. This inner region is
of critical importance as it reveals the final fate of accretion of the gas on to the central star. Also,
regions very close to the central star play a critical role in dynamics of outflows (see Chapter 4).
In the present model, we would concentrate onto the dynamics of such an inner region of massive
accretion disk. We do not aim to follow the complete evolution of a massive core, but focus on
the inner disk. The main questions we would like to answer are as follows -

• How does the inner accretion disk react on being fed rapidly with large amounts of matter
from the massive core.

• What role does the radiation from the central luminous star play in controlling the flow of
matter through the disk.

Our model consists of two components : (i) the central massive star and (ii) an accretion disk
extending to 120 AU which is being fed by matter from the outer massive core.

The central massive star of mass M∗, luminosity L∗ and radius R∗ does not evolve throughout the
simulation. It is placed inside the inner spherical boundary and simply a source of central gravity
and radiation. The region between the stellar surface and the inner boundary is assumed to be
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optically thin (τ << 1) for the stellar irradiation. A hybrid scheme for the radiation field (Mur-
ray et al. 1994, Edgar & Clarke 2003) has been expanded for the multi-dimensional radiation
transport module. The radiation transport is split into two components. The ray tracing method
is used to calculate the first absorption of the photon from the stellar surface and then the flux
is evolved using the FLD approximation. In other words, the rays from the central star would
travel freely until the medium becomes optically thick and is absorbed. Beyond the optically
thick region the flux from the stellar irradiation is diffused into the disk.

The disk dynamics are studied in presence of a multi-physical setup. The relevant physical
modules included in our model are listed below -

• Hydrodynamical evolution of the disk.

• Self-gravity of the massive disk.

• Irradiation from the central star (streaming from the inner optically thin sink boundary).

• Radiative transfer through the disk material via flux-limited diffusion.

The aim of the present study is to dynamically evolve a three-dimensional (3 D) accretion disk
in presence of the above physical modules. In order to reach the final goal, we proceed in steps
and include each module one-by-one and comprehend its influence.

To begin with, we study the interplay of self-gravity and thermodynamics of the disk. The
criteria for gravitational instability and fragmentation largely depends on the thermal structure of
the accretion disk (see Sect. 2.3.2). This notion is currently under investigation for forming giant
planets around low-mass stars (see review by Durisen et al. 2007). In case of young massive
stars, this could be important from the point of view of multiplicity. Usually, massive stars are
found as a close multiple system in a cluster. The fragmentation in the disk of the most massive
star could explain such a phenomenon.

The fragmentation in the disk could be avoided (or delayed) if it is efficiently heated. In our
previous work (Vaidya et al. 2009), we have shown that the viscous heating is a dominant process
and could avoid fragmentation in the disk inside of 100 AU. The heating process due to central
stellar radiation was treated in a very simplified manner. Here we would like to consider the
heating consistently via full radiative transfer calculations. However, we will not consider the
effect of viscosity for the first calculations presented in this chapter. The angular momentum
transport is governed by gravitational torques.

In the following section, we will discuss the basic equations that the code solves. Most impor-
tantly, we address the technique of implementing each of the physical modules in the standard
PLUTO code.
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5.3 Method

The dynamics of the inner accretion disks around young massive stars are studied in view of the
following radiation-hydrodynamical (RHD) equations (Kuiper et al. 2010b) -

∂ρ

∂t
+ ∇ · (ρ~u) = 0, (5.1)

ρ(
∂~u
∂t

+ (~u · ∇)~u) = −∇P + ~f , (5.2)

∂

∂t
(E) + ∇ · [E + P]~u = ~u · ~f − ∇ ~Ftot, (5.3)

∂

∂t
ER + fc∇ · ~Ftot = H . (5.4)

Comparing to the standard HD equations (see Table A.1), the above set of equations has an
additional equation (5.4), which governs the evolution of the radiation energy density. Note that
E is not the specific total energy as the factor of density is absorbed within. The internal energy
density Eint that contributes to the total energy can be related to the gas pressure P via equation
of state (γ − 1)Eint, where γ is the adiabatic index.

The collection of all the source terms in the momentum equation is represented by a force density,
~f . The exact form of ~f depends on the physical modules included for solving the problem and
for the current problem it is given by

~f = −ρ∇Φ − L∇ER − ∇ · ( ~F∗/c)r̂. (5.5)

The gravitational potential includes the central star and the self-gravitating massive disk - Φ =

Φ∗ + Φsg. The potential associated with self-gravity is,

∇2Φsg = 4πGρ. (5.6)

The PLUTO code has a module that handles the central gravity (i.e. Φ∗). Additionally, a Poisson
solver has been implemented as a separate module to study the effects of self-gravity. This
module basically solves the equation (5.6) using the diffusion ansatz. This algorithm involves
solving a matrix equation via matrix inversion using standard iterative methods (Kuiper et al.
2010a).

The acceleration due to radiative forces has contributions from the thermal radiation pressure
and irradiation from the central star. The term that corresponds to the acceleration due to the
radiation pressure depends on the flux limiter L, which is prescribed according to Levermore &
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Pomraning (1981). The total flux ~Ftot comprises the gray thermal radiation flux ~F and stellar
irradiation flux ~F∗.

The frequency dependent stellar irradiation depends on the optical depth τ(ν, r) along the radial
distance r as it traverses from the central star (with radius R∗) through a density distribution,

~F∗(ν, r)/ ~F∗(ν,R∗) = (R∗/r)2exp(−τ(ν, r)). (5.7)

The optical depth in addition is a function of the density and the opacity.

The evolution of the radiation energy density (equation 2.66) derived from the first principles in
Chapter 2 is written in a more general form using equation (5.4). All sources and sinks of energy
are represented byH . The expression of the factor fc is obtained by combining the equations that
controls the temporal evolution of the internal energy density Eint and radiation energy density,
ER. In doing so, we obtain fc = (cVρ/(4aT 3) + 1)−1.

In Chapter 2, the relation between the radiative flux density and energy density was derived
mainly for optically thick regions (τ >> 1, see equation 2.65). This relation forms the basis of
the flux-limited diffusion. In numerical problems we encounter optically thin as well as optically
thick regions. Thus, for the FLD module in the code, a more general form of equation (2.65) is
implemented. In the code, the radiation flux density is given by -

~F = −D∇ER, (5.8)

where D = Lc/κRρ is the diffusion coefficient. The Rosseland mean opacity, κR is defined in
Sect. 2.4.1. The form for the flux limiter L implemented in the code is,

L = (2 + R)/(6 + 3R + R2), (5.9)

where R = |∇ER|/(ρκRER). This form of the flux limiter ensures that the radiative flux density
becomes either ~F = −cER∇ER/|∇ER| for highly optically thin region (free-streaming limit) or
~F = −c∇ER/(3ρκR) when the region is optically thick (diffusion limit).

The flux due to stellar irradiation ~F∗ depends on the mass and the luminosity of the central
star. The final temperature of the dust can be obtained by taking into account the contributions
from the thermal radiation flux ~F and the stellar irradiation flux ~F∗. This final temperature is
calculated using the following equation,

aT 4 = ER +
κν
κP

~F∗
c
. (5.10)

Here κP is the Planck mean opacity defined in Sect. 2.4.1 and κν is the frequency dependent
opacity. The speed of light is c and a is the radiation constant. Standard serial and parallel
performance tests for the radiative transfer module has been done and described in Kuiper et al.
(2010b). Also, detailed comparison with existing Monte-Carlo codes have shown robust results.
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5.4 Numerical Setup

The major goal of this ongoing work is to comprehend the dynamical evolution of the inner
accretion disks around young massive stars. In the present section, we will briefly explain the grid
setup along with the initial and boundary conditions. The simulations are carried out using the
hydrodynamics module of the PLUTO code (Mignone et al. 2007). The standard hydrodynamical
equations are solved in presence of radiative transfer and self-gravity (equations 5.1-5.7). The
implementation of the additional modules of radiative transfer and self-gravity in the code is
described in the section above (Sect. 5.3).

5.4.1 Grid Setup

The dynamics of an accretion disk around a central massive star is numerically investigated in
three dimensions (in some cases axisymmetric two dimensions) using spherical coordinates (r, θ
and φ). The mid-plane of the disk lies at θ = 90◦ in these coordinates. We have modelled the
system in both hemispheres, i.e. the θ values range from 9◦ to 171◦. This range of θ values are
resolved with an uniform grid having 64 (or 32) cells. The disk is also uniform in the azimuthal
direction. We cover the full range of 2 π for the disk with 64 cells.

An important aspect of the disk is its scale height. In realistic simulations, one has to ensure
that the scale height in the disk is well resolved. In all our simulation runs, the initial disk scale
height is a linear function of its radius and the constant of proportionality is 0.1. This implies
that the disk scale height is well resolved with 3 cells for runs with 64 cells in θ direction.

The radial extent of the disk is resolved using a logarithmically expanded grid with 128 (or 64)
cells. In the present setup, we model the disk from 1 to 120 AU. Logarithmically expanded grids
have an advantage over an uniform grid particularly in the radial direction. The bulk of disk
dynamics in the radial direction originates from the inner region. Thus it is imperative to have
high resolution in the inner radial regions. The logarithmic grid using 128 cells allows us to
resolve the inner-most regions much better as compared to a uniform grid with the same number
of cells.

5.4.2 Initial conditions

Here, we describe a fiducial model for an accretion disk around a young massive star. We chose to
model the disk from 1 AU which physically could be the inner disk radius (or inner jet launching
radius, see Sect. 4.2). This disk is surrounding a central massive star of mass 10 M�, radius of
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Table 5.1: Summary of disk simulations

Runs a Dims. Physical Size [Grid size b] Physics c EOS d

r e θ φ

SGIso 3 1 - 120 [128] 9◦ - 171◦ [64] 0 - 2π [64] SG + HD Isothermal

Rad1 3 1 - 120 [64] 9◦ - 171◦ [32] 0 - 2π [64] RAD Polytropic

SGRad1 3 1 - 120 [64] 9◦ - 171◦ [32] 0 - 2π [64] SG + HD Polytropic

Full2d1 2 1 - 120 [128] 9◦ - 171◦ [64] Axisymmetric RAD + SG + HD Polytropic
aAll the runs are done in a spherical grid.
bThe radial grid is logarithmically expanding while the θ and φ grid are uniform for all runs.
cDifferent physical modules are abbreviated as follows - HD : Hydrodynamics, SG: Self gravity, RAD : Radia-

tion.
dEquation of state
eThe radial range is 1 - 120 AU for all runs.

R∗ = 6 R� and zero age main sequence (ZAMS) luminosity of L∗ = 5179 L�. This luminosity
is the upper bound for a 10 M� star. In our future runs we will adopt luminosity and size from
a realistic model of massive star evolution (Hosokawa & Omukai 2009). The velocity u0 =
√

GM∗/l0, is the Keplerian velocity at the inner edge l0. Its value turns out to be 94 km s−1 for
the stellar mass considered here.

The disk is initially set to have a constant scale height to radius ratio of 0.1. The surface density of
the disk is chosen to be Σ = Σ0/r, where r is the spherical radius. The constant Σ0 is proportional
to the density scale at the inner edge of the disk. The value of the density scale can be obtained
from our previous calculations using semi analytical modeling of thin disks around massive stars
(Vaidya et al. 2009). The density at l0 = 1 AU is estimated to be in the range of 10−9−10−8 g cm−3.
Alternatively, the value of Σ0 determines the mass of the disk. Using the density of 10−8 g cm−3,
we obtain the mass of the disk to be 3.0 M� and thus the disk mass to stellar mass ratio is 0.3. In
the vertical direction, we choose that the disk density extends up to 5 scale heights. Beyond this
there exists a non-rotating stationary corona with a density of 10−15 g cm−3.

The rotation velocity at the mid-plane of the disk is slightly sub-Keplerian. This account for the
force due to pressure gradient to support the disk in a radial balance. The form of uφ prescribed
in our simulation is given by

uφ =

√(
1
r

(
1.0 −

3H2
0

sinθ

))
. (5.11)

Here, H0 is the constant scale height to radius ratio of 0.1.

The most important initial quantity that has to be prescribed is the temperature profile (or sound
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Figure 5.2: Initial radial profiles of various disk quantities for run SGIso. All the physical quantities
are obtained after vertical averaging over the disk scale height. The dashed line in the curve of Toomre
parameter marks the region of gravitational instability.

speed) in the disk. We will vary the temperature profile in the disk for the runs described in this
chapter. This will help to study the evolution of the disk density structure in presence of changing
thermal structure.

For our run SGIso (see Table 5.1), we have chosen an isothermal equation of state. In such a
case, the thermal pressure is linearly related to the density, P = ρc2

s , where the sound speed has
the following radial profile

cs =
H0
√

rsinθ
. (5.12)

The choice of H0 = 0.1 ensures that the value of sound speed at the inner edge is 9.4 km s−1.
This amounts to a temperature in the mid-plane of ∼ 104 K at 1 AU. Such a profile of sound speed
would remain constant along the vertical direction and the disk is locally isothermal.

In the other run SGRad1, the initial temperature profile is derived consistently from pure radia-
tion run Rad1. The pure radiation run Rad1 is described in details in Sect. 5.5.1. In this run, only
the thermal pressure of the disk is evolved via radiative transfer calculations. The disk is kept
stationary throughout this run. The irradiation from the central star and the appropriate flux dif-
fusion in the disk will heat and cool the disk eventually determining the final thermal structure of
the disk. Thus, by pure radiation, we mean that only the thermal structure of the disk is allowed
to evolve without any hydrodynamical or self-gravitational feedback.



118 CHAPTER 5

With the above choice of profiles of various disk quantities for the run SGIso, we can estimate
the initial radial profile of Toomre parameter which is defined by (also see equation 2.46)

Q(r) =
cs(r)Ωepi(r)
πGΣ(r)

. (5.13)

In case Keplerian rotation, Ωepi ≈ Ωkep. We obtain the initial radial profile with Q(r) ∼ 1/r
with Qmin = 0.3 at r = 120 AU. Thus, the disk is gravitationally instable right from the beginning
which makes it suitable to transport matter and fragment. The initial profiles of disk quantities
pertaining to the run SGIso are shown in Fig. 5.2

5.4.3 Boundary conditions

Boundary conditions form an integral part of numerical simulations. A careful investigation
of the boundary effect is imperative. Since the accretion disk considered for the present setup
evolves in a multi-physical environment, we need to prescribe boundary conditions for variables
appearing in each of these modules. For our 3 D setup we have to deal with six boundaries (two
for each r, θ and φ).

In case of hydrodynamical setup, the boundaries at θmin and θmax are chosen to be outflow. Bound-
aries for the azimuthal direction are periodic. The radial boundaries are crucial as they are asso-
ciated with the accretion flow in the disk. The problem requires the disk to be continuously fed
with mass. Thus, we choose an inflow boundary at the outer radius of the disk. The matter is
forced to inflow from the outer boundary with a velocity derived from a steady accretion rate of
10−3 M� yr−1. We essentially copy the density from the last grid cell. Using this density and a
steady mass accretion rate, we derive the velocity of the inflow. A zero gradient is used for the
pressure and the rotational velocity is extrapolated from the disk into the boundary. At the inner
edge, we prescribe boundary conditions to allow the matter to accrete onto the central star.

In runs involving self-gravity, proper boundary conditions need to be prescribed for the self
gravitating potential Φsg. The values of Φsg at the inner radial and θmin and θmax boundaries
are obtained using zero gradient between the ghost cells and last grid cell. Periodic values are
prescribed in the azimuthal direction. The self gravitating potential at the outer radial boundary
is determined by a multipole expansion as derived by Black & Bodenheimer (1975),

Φsg,bound = −G
∞∑

l=0

(
Pl(cosθ)

rl+1

[∫
V′
ρ(r′, θ′)r′lPl(cosθ′)dV′

])
, (5.14)

where Pl(cosθ) are Legendre polynomials of order l. On account of assumed spherical symmetry,
it can be shown that all odd moments vanish and only even moments survive. In our case we go
up to fourth order (i.e. l = 4).
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The radiation energy density has to be prescribed in the boundaries when dealing with the radia-
tive transfer module of the code. For the present setup, we have chosen Dirichlet boundaries for
the inner radial boundary. We prescribe a constant Dirichlet temperature (Tdiri = 20 K) at these
boundary. Using this temperature the radiation energy density in the boundary zones is deter-
mined using ER,bound = aT 4

diri. A zero gradient of the radiation flux is used for the outer radial
boundary. While for the boundaries in θ directions, zero gradient of the radiation energy density
is applied. This ensures that no flux is allowed over this interface.

5.5 Results and Discussions

Our basic approach is to evolve the 3 D self gravitating disk which is perturbed by injecting
mass from outer boundary. Further, we investigate the nature of instability by modifying the
thermal structure in the disk. The run SGIso (see Table 5.1) is a run including self gravity and
hydrodynamics assuming a locally isothermal disk. For the run SGRad1, the temperature profile
is self consistently estimated via pure radiative transfer calculations (run Rad1).

5.5.1 Estimating the Disk Temperature

The thermal structure of the disk plays a vital role in determining the evolution of the disk. The
spectral profile of the disk is also governed by the thermal structure of the disk. The disk can
be heated by many sources like viscosity, stellar irradiation, reprocessed star light by the dust,
cosmic rays, shocks etc.

We aim to consistently derive a temperature structure of the disk density profile. The heating and
cooling is mainly due to radiation transport. We have performed a low resolution 3 D run - Rad1
which essentially derives the temperature profile in the disk. The initial surface density of the
disk is given by Σ = Σ0/r and the initial temperature throughout the disk is constant and set to
T=20 K. The initial disk mass is set to ∼ 3 M� around a central mass of 10 M�. The idea is to
derive the steady temperature profile for such a density distribution in presence of heating due to
stellar irradiation and without any compression due to hydrodynamical effects.

The mean opacities used for this pure radiative calculation are obtained from Semenov et al.
(2003). The time series of temperature at the mid-plane is shown in Fig. 5.3. A striking peak in
the temperature profile is seen for Nrot = 1 as the temperature reaches ∼ 104 K from 20 K in the
first grid cell. This is an effect of strong stellar radiation. In addition the outer disk surface is
also exposed to the central stellar radiation as it streams through the optically thin corona.
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Figure 5.3: Evolution of the temperature along the mid-plane in the disk for run Rad1. In this pure
radiation run, only the thermal structure of the disk is evolved due to influence of radiation transport from
a central star with mass 10 M�. The colors represents number of inner disk rotations as shown in the key.

The disk region just behind the first cell would see this cell as a source of radiation. Based on
the optical depth, the flux will either stream or diffuse along the density distribution to achieve
a steady and consistent temperature profile. The criteria for the radiative diffusion solver to
converge is set as the relative decrease in the residual norm is < 0.1%. Gradually, the flux from
the inner cell diffuses into the disk, causing it to heat up. Along with FLD in the mid-plane, the
disk is also heated as part of the flux diffuses from the surface to the interior. This is seen as a
bulge in the temperature profile at the outer parts of the disk. Eventually, the steady state profile
of the temperature is obtained after Nrot ∼ 310. Beyond this state no further evolution of the
temperature profile is observed.

This steady state temperature profile for the prescribed disk density obtained in a presence of a
central star with mass M∗ = 10 M� is used as an initial condition for run SGRad1.

5.5.2 Effects of Self Gravity

We describe our reference run, SGIso, which includes hydrodynamics and self-gravity. The
initial setup of the disk for this run is described in Sect. 5.4.2. The disk is locally isothermal
and the heating from the viscous effects are neglected. The mechanism that is responsible for the
transfer of matter is simply, gravitational instability. The snapshots of the density in the r-θ and
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Figure 5.4: Time snapshots of the logarithmic values of the density at φ = 57◦ in the r-θ plane.

r-φ plane of the disk are shown in Fig. 5.4 and Fig. 5.5 respectively.

At the beginning, the disk was set in balance with gravity, centrifugal force and thermal pressure
force. On adding the acceleration due to self gravity, the disk becomes unsteady. The disk in
this phase forms regions of high and low density or rings as seen in Fig. 5.5. This is a transient
phase of the disk evolution. The disk is continuously fed with a steady mass accretion rate of
∼ 10−3 M� yr−1 from the outer X1END boundary as shown in Fig. 5.6. As the matter is added
on to the disk, its surface density, Σ(r), increases and the radial value of the Toomre parameter,
Q(r), steadily approaches unity. A spiral arm is developed in the disk after about 1200 inner disk
rotations (see Fig. 5.5). The gravitational torques produced due to formed spiral arms transfer the
angular momentum and thus distribute matter in the disk. After 400 years (one orbital time at the
outer disk radius of 120 AU), the disk begins to fragment forming short lived clumps particularly
close to the inner edge (see Fig. 5.4). This leads to enhanced accretion rate on to the star (X1BEG

boundary) as seen from Fig. 5.6. The spikes seen in the mass accretion rate are due to rapid
in-falling of very low mass clumps on the star. When the disk reaches this gravo-turbulent stage
matter is also seen to move out from the disk. The mass flux leaving the outer boundary is shown
as a green line in the bottom panel of Fig. 5.6.

In the end, the disk settles into a state with two large spiral arms that distribute matter in the disk.
The evolution of the disk mass is shown in Fig. 5.7. After ∼ 400 years, about 0.03 M� of mass
is added onto the star, while about 0.35 M� is added onto the disk. Thus, we see an efficiency
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Figure 5.5: Time snapshots of the logarithmic values of the density at the disk mid-plane in the r-φ plane.
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Figure 5.6: Mass flux leaving the inner boundary X1BEG on to the star is shown om the top panel. The
bottom panel shows the mass entering [in red] and leaving [green] the domain from the outer boundary.

of 0.1 in mass transfer for this simulation. Hence, in absence of any viscous heating source, a
locally isothermal disk with initial minimum Toomre parameter < 1, develops large spiral arms
and also fragments leading to a gravo-turbulent stage.

The condition for a disk to fragment depends on the cooling time (see equation (2.48) of Chap-
ter 2). For an isothermal disk the cooling time is ideally zero, which is much shorter than the
dynamical time in the disk. Hence, isothermal conditions make the disks most vulnerable to
fragmentation. This is also seen in simulations which study giant planet formation (e.g. Rafikov
2005, Durisen et al. 2007).

We have also performed a run, SGRad1, where we evolve the disk in an adiabatic setup. This
run is similar to the initial setup of SGIso run, with a difference only in the temperature profile.
The initial temperature profile for the run SGRad1 is derived via pure radiative simulation as
described in Sect. 5.5.1. A comparison of the initial radial profile of the vertically averaged
sound speed for runs SGIso and SGRad1 is shown in Fig. 5.8. A significant deviation from the
locally isothermal sound speed profile is seen particularly at the outer parts of the disk. However,
the two profiles are similar near the inner edge of the disk.

In the run SGRad1, the disk is evolved in presence of hydrodynamics and self-gravity but with
an initial temperature profile which is estimated consistently from pure radiative transfer runs.
We see significant changes in the outcome of both of these runs. One of the striking difference
between these runs is seen in the radial profile of the Toomre paramater after 300 years (see
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Figure 5.7: The top panel shows the evolution of the total disk mass. This disk is being fed from outer
(massive core) boundary at a constant rate. The mass is also accreted from the inner boundary, however,
the mass accreted on to the star is 0.1 times mass added to the disk.

Figure 5.8: Comparison of initial vertically averaged sound speed for runs SGIso and SGRad1. The black
line is the radial profile for a locally isothermal setup in run SGIso, and the green line is obtained after
pure radiative run described in Sect. 5.5.1. The initial temperature for the run SGRad1 is obtained from
the green line.
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Figure 5.9: Radial variation of the Toomre parameter for runs SGRad1 (green line) and SGIso (black
line) after 300 years. The red dashed line marks the threshold of the gravitational instability in the disk.

Fig. 5.9). The value of Q(r) never falls below the threshold value of unity for the run SGRad1.
While, the Toomre parameter is well below unity for the run with isothermal conditions. Even in
run SGRad1, we do not find any signatures of fragmentation. The reason could be either physical
or numerical.

The ability of the disk to efficiently cool down controls the amount of fragmentation in the disk.
The cooling time for the simulation run SGRad1 with adiabatic index γ = 5/3 is not zero as is the
case with an isothermal disk. Absence of fragmentation in the disk would imply that the cooling
time is longer than the dynamical time. Also, the most unstable wavelength in an self-gravitating
disk is proportional to its scale height (λm ∝ 6H). The effects of gravitational instability can
be seen if at least the most unstable wavelength is resolved. Since the run SGRad1 has half the
number of cells in radial and vertical directions as compared to SGIso, we do not resolve the
scale height of the disk sufficiently.

If we simply apply the equation (3.13) to calculate the cooling time, we find short cooling times
that should fragment the disk. Thus, it follows that the low resolution of the run hides the
physical nature of fragmentation. Nevertheless, we see accretion of matter within the disk due to
gravitational torques. One needs to perform high resolution runs to investigate this fact in more
detail. This is what we intent to do in the near future.
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5.6 Summary : Massive Disks

In this chapter, we have shown first results obtained en route to understand dynamical evolution
of inner disk around a young massive star. We address this problem using three dimensional hy-
drodynamical simulations of an accretion disk in presence of radiative transport and self gravity.
In particular, we have discussed the role of stellar irradiation and flux limited diffusion in shaping
the thermal structure of the disk. Additionally, we have described hydrodynamical evolution of
the self- gravitating disk with different thermodynamics.

Our first results indicate that the disk with mass ∼ 3 M� around a 10 M� star would develop
large spiral arms and fragment after about 400 years. Such a disk was fed with mass from the
outer boundary at a steady rate of 10−3 M� yr−1 and was evolved with an isothermal equation
of state. As the disk fragments into small clumps, they either accrete onto the star or leave the
domain from the outer boundary. We find an accretion efficiency of 10%. In summary, a locally
isothermal disk would develop spiral arms and fragment as it is fed with a steady mass flow from
the massive core (outer boundary). The low resolution run, SGRad1, however does not show any
signatures of fragmentation. The differences in these runs lies in the resolution and the initial
thermal structures. Also, the disk in the run SGRad1 is evolved using an adiabatic equation of
state.

In principle, radiation pressure from a young massive star could influence the thermal structure
of the inner accretion disk. This influence on the thermodynamics of the inner disk could play
an important role in its dynamical behavior. The impact of radiative transfer on a self gravitating
disk is currently under investigation. In Table 5.1, one of the first runs, Full2d1, that includes all
three modules is listed. However, this is done in an axisymmetric setup and a reflective boundary
is applied at the outer edge. This run basically allows the disk to reach an equilibrium state in
presence of self gravity and radiation effects. The axisymmetric profiles for each of the physical
quantities would then be projected into three dimensions and used as initial conditions to further
study the dynamics of these inner regions around young massive stars.

We summarize that in the absence of any viscous heating, gravitational instability could transfer
matter in a locally isothermal massive disk which is fed from outer core. However, in this case
only 10% of the mass added onto the disk is accreted onto the central star.



There are in fact two things, science and
opinion; the former begets knowledge,
the latter ignorance.

Hippocrates (460 BC-370 BC) 6
Summary and Outlook

6.1 Summary

Massive stars play a crucial role in shaping the ISM by injecting mass and energy throughout
their short life time. The main focus of this thesis was to understand the dynamics of inner
regions (< 100 AU) around young massive stars. The thesis follows the notion that massive stars
form in a similar fashion like low mass stars. However, the scales involved are different than
their low mass counterparts. The formation of young massive stars via disk accretion involves
numerous physical phenomena particularly close to the central star. Among them the important
ones are, (i) radiation pressure from the central luminous star, (ii) powerful molecular outflows,
(iii) strong stellar winds, (iv) magnetically driven jets and (v) rapid accretion via a massive disk.
This thesis has investigated the interplay between these processes using a semi-analytical and
numerical approach.

In the following, I will summarize the important findings of this thesis. I will begin with results
from the semi-analytic modeling of the inner accretion disk using proper gas and dust opacities
around young massive stars. Further, I will discuss the interplay of magneto-hydrodynamics
and radiation force in the perspective of jet formation from young massive stars. I will then
discuss first results from a full three dimensional modeling of inner accretion disk improving the
previous semi-analytic model. Finally, I will outline future pathways that can be developed from
the results presented in this thesis.

A Global accretion disk model around young massive stars - semi-analytic approach

The inner most regions around a young massive star have high extinction (AV ∼ 100-1000 mag)
and thus observing them is difficult. As a result, most of the physical quantities for these inner
regions are not known (e.g density, temperature). For understanding the interplay between var-
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ious physical processes it is therefore imperative to have an estimate of these quantities in such
inner regions. In doing so, we have adopted a steady state standard disk model for accretion
disks around a luminous high-mass star. We have essentially solved a set of steady accretion disk
equations with proper gas and dust opacity. Implementing proper opacities is a crucial step as the
influence of radiation pressure on disks around massive stars is of critical importance. In partic-
ular we have considered Rosseland mean dust opacities given from Ruden & Pollack (1991) and
the gas opacities from the OPAL opacity tables (Iglesias & Rogers 1996). The analysis not only
provided a measure of physical quantities in the region close to the central luminous star but also
provided a link between the inner region and observationally accesible outer parts of the disk.

In view of this semi-analytic calculations, we found high temperatures (∼ 105 K) in the mid-
plane of the disk around stars with mass 10 M�. The major implication of such high temperatures
is seen in the radial distance of the dust sublimation front from the central star. The main finding
from this work is the self-sublimation of the dust at a much larger radii then caused from the
stellar irradiation. Efficient transport of angular momentum is required to transfer matter at rates
of 10−3 − 10−5 M�yr−1, typically seen in disks around young high-mass stars. A highly turbulent
disk would ensure such an efficient transport of angular momentum. In our models, we have
prescribed turbulence in the form of standard αv viscosity. We found that the heating in the mid-
plane is dominated by viscous effects and the temperature reaches 1500 K around 10 AU from
the central star of ten solar mass. At this temperature most of the dust grains sublimate and the
disk is now simply gaseous. The dust sublimation radius obtained due viscous heating is three
times higher than caused by heating from stellar irradiation alone.

Thus, we observed that the dust sublimates much further away from the central star using one-
dimensional analysis for standard disk models and applying mean opacities due to dust and gas.
Destruction of dust grains at large radii results in a significant reduction of opacity. This aided
in an efficient accretion in the gas phase. The inner hot gas disk forms a launching base of the
outflow. Hence, the stability of the inner disk is critical to achieve long-lasting outflows.

We have investigated the hydrodynamical stability of the disk using the physical quantities ob-
tained from the above semi-analytical model. Inside 100 AU (around a 10 M� star), the disk is
hot enough to resist gravitational instability. The cooling in the disk is very efficient for higher αv

values. We have proposed that inner disks are stable up to 100 AU to gravitational torques and
fragmentation for αv < 0.1. The radial velocities estimated from typical values of steady mass
accretion rates can be used to compute the ram pressure and further compare it with the radiation
pressure from the central star. We found that the ram pressure wins over the radiation pressure
in the inner stable region thereby proving the fact that radiation pressure is not important to halt
accretion on to the central star. These results are published in Vaidya et al. (2009).



SUMMARY AND OUTLOOK 129

Jets around young massive stars : An interplay of magneto-hydrodynamics and radiation
pressure

One-dimensional calculations to derive the physical quantities in the region close to the massive
star provides a stable inner disk. Such a disk forms an ideal launching base for large scale
molecular outflows. Powerful jets and molecular outflows are ubiquitous in massive star forming
regions. In low mass stars, they are believed to be magnetically driven. The presence of magnetic
fields around young massive stars is evident from maser and polarimetric observations. This
points to the fact that even the jets from young high-mass stars could be magnetically driven.
However, effects due to strong radiative forces have to be considered to study jet formation in
these objects consistently.

To this end, we have done a numerical study of the interplay of MHD and radiative forces to
explore the acceleration and collimation of jets for young high-mass stars. Our approach was to
launch a pure magnetically driven jet from an underlying accretion disk until it achieves a steady
state. Then, we switched on the radiative force from the central star or inner hot accretion disk
to see its influence on the existing MHD jet. In our approach, we have considered the radiative
line driving force derived using the Castor, Abbot and Klein approximation (CAK model).

Our main result from this work is that the line driven force from the central star for the param-
eters considered does play a significant role in modifying the dynamics in terms of collimation
and acceleration of the outflow. For our reference run considering a 30 M� star, we found that
the outflow velocity is increased by a factor of 1.5 - 2 by radiative forces as compared to the
pure MHD flow. Typical values obtained are ∼ 200 km s−1. Also, the degree of collimation is
decreased, visible as a 30%-change in the opening angle of the magnetic field lines.

To get a qualitative picture of the jet formation around young high-mass stars, we have investi-
gated how the dynamics of the jet is altered by means of an extensive survey of physical param-
eters in our model. We have mainly varied three physical parameters - (i) the central stellar mass
(or luminosity) (ii) the strength of the magnetic field and (iii) the line force parameter α, that
governs the contribution of radiative acceleration from optically thick lines. We found that as the
central mass of the star is increased, the radiative force also increases which causes the outflow
to accelerate to high velocities and also make it morphologically wider. Weaker magnetic fields
have less Lorentz force thereby reducing its effect in comparison to the radiative force. Thus jets
launched in a weaker magnetic field environment are more de-collimated due enhanced influence
of the radiative force as compared to jets with strong fields. The value of the line force parameter
α gives a measure of self shadowed lines. A lower value implies fewer self shadowed lines that
would result in efficient line driving force, which eventually leads to a wider and faster outflow.

Our results from this numerical study are in qualitative agreement with the evolutionary sequence
of massive outflows put forward by Beuther & Shepherd (2005). On basis of this empirical
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picture, the outflow becomes wider in shape as the mass (or luminosity) grows with time. Our
numerical study has given a detailed physical understanding of this empirical trend.

Line forces due to the hot accretion disk do not play a significant role in controlling the dynamics
of the MHD outflow, simply because they are orders of magnitude smaller than all other forces
that affect the flow dynamically. Implementing high disk radiation forces (by taking into account
the inner hotter part of the disk), has resulted into a flow in which intermittent shells are ejected
typical of the so called line driven instability.

In summary, our study of the interplay between the magnetically driven jets and the radiative line
driving force from the central star and underling hot disk has given a physical base to the qual-
itative evolutionary picture of outflows from young high-mass stars. These results are accepted
for publication in the Astrophysical Journal (Vaidya et al. 2011).

The dynamics of massive inner accretion disk

The semi-analytic one-dimensional modeling of the disk provided a headway by estimating es-
sential physical quantities in inner regions of young high-mass star. However, both the treatment
of radiation and dynamics were highly simplified. A more realistic perspective of inner dynamics
can be obtained in a full three-dimensional radiative transfer analysis. The ongoing numerical
study of a massive disk inside of 120 AU aims to understand the evolution of disks with complex
radiative transfer analysis. In addition, effects due to self gravity are also considered for this full
3D study of massive accretion disks around high-mass stars.

We aim to study the transport of material under the influence of radiation. The material is in
falling at a rapid rate from the outer (outside of 120 AU) core onto the disk. In our initial
attempts we assume that the transport of angular momentum is purely due to gravitational effects
(no αv viscosity as used for 1D model). Our first results using an isothermal equation of state
indicates the formation of spiral arms and fragmentation in the inner disk regions. We find
vigorous transport of matter on to the star in form of short lived clumps (or fragments). This is
expected as indicated by similar previous studies pertaining to planet formation by gravitational
instability (e.g Rafikov 2005, Durisen et al. 2007, Meru & Bate 2010).

Our next step for this problem is to relax the isothermal assumption and consistently solve the
disk hydrodynamics with radiative transfer effects. The results from the simulations will give
important clues about transport of matter in realistic accretion disks around young high-mass
stars. These results would also provide insight into the multiple nature of massive stars via disk
fragmentation.
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6.2 Future Work

Despite revolutionary progress in our understanding of massive star formation over the last
decade, there are many fundamental questions that are yet unresolved. In particular, concern-
ing the inner disk around young massive stars. These regions are difficult to understand from a
theoretical as well as an observational point of view. High optical depths due to dust and gas
makes it difficult to observe and thus obtain any constraints on essential physical quantities like
the density, velocity etc. Theoretically, one has to include numerous physical processes that are
present at these small scales. The work in this thesis was an attempt to study the interplay be-
tween the complex physical processes involved in such close by regions around young high-mass
stars. However, the lack of observational constraints on the physical parameters leads to a huge
parameter set to explore. Even though this thesis has included most of the important physical
processes, some issues are yet to be integrated for a thorough numerical study as discussed here.

The detailed numerical study of the complex inter-relation of radiative and magnetic forces has
confirmed the qualitative picture of outflows from young massive stars. While a complete anal-
ysis of jet acceleration and collimation was presented, the underlying accretion disk was treated
as a boundary. In future, we would like to include consistently the disk and the central star inside
the numerical domain for such a study. Also, it would be interesting to see the effects of stellar
winds that might be important during the later stages of high-mass stellar evolution. These strong
high-velocity stellar winds could as well contribute in deflecting the MHD driven jet leading to
a wide angle outflow.

The ongoing disk simulations rely on the fact that transport of angular momentum is mainly
due to gravitational torques. In our future study, we would like to also include effects to αv

viscosity as carried out in our semi-analytical model. Such an inclusion could prove essential to
transport matter in the inner most regions. The physical explanation for such a transport could
be related to possible magneto-rotational instability. We also plan to perform post-processing
routines on our disk simulations so as to give observers a template for the future observations
with Atacama Large Millimeter Array (ALMA) and European Very Large Array (EVLA). The
advent of ALMA would surely give better handle on some essential parameters at such scales
which could be compared to results from the work presented in this thesis.

In a nutshell, our understanding concerning the dynamics of inner regions around young massive
stars can be improved with following contributions from observers and modelers in the future.

• Observations -

– Better constraints on the physical parameters from high resolution observations with
future telescopes and interferometers.
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• Theory and Simulations -

– Modeling the impact of stellar winds on MHD driven outflow.

– Launching large-scale outflows by consistently modeling a massive accretion disk.

– Adopting full magneto-hydrodynamical radiative transfer calculations in studying the
dynamics in these regions.

To summarize, this work has provided estimates of essential dynamical quantities for the launch-
ing base of jets from stars with mass > 10 M�, particularly the presence of high temperatures.
Ongoing complex three-dimensional simulations will give direct clues for future observations.
Numerical studies of jet formation from young high-mass stars has revealed the importance of
the radiative force from the central star in controlling the acceleration and collimation of magnet-
ically driven jet. Finally, I would conclude that this study has opened a new vista to the complex
physics involved in the accretion and outflow processes around young high-mass stars and end
with words from Max Planck :

Anybody who has been seriously engaged in scientific work of any kind realizes that over the
entrance to the gates of temple of science are written the words : YE MUST HAVE FAITH !
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Appendix : Basic Equations

Table A.1: Set of standard HD and MHD equations solved by the PLUTO code. a

Name Equations

A. Hydrodynamics
Mass conservation ∂ρ

∂t + ∇ · (ρ~u) = 0

Momentum conservation ρ(∂~u
∂t + (~u · ∇)~u) = −∇P − ρ∇Φ

Energy conservation ∂
∂t (ρE) + ∇ ·

[
ρE + P

]
~u = −ρ∇Φ · ~u

Total specific energy E = ε + u2

2

Equation of state P = (γ − 1)ρε

B. Magneto-Hydrodynamics

Mass conservation ∂ρ

∂t + ∇ · (ρ~u) = 0

Momentum conservation ρ(∂~u
∂t + (~u · ∇)~u) = −∇P − ρ∇Φ + 1

4π (∇ × ~B) × ~B

Energy conservation ∂
∂t (ρE) + ∇ ·

[
ρE~u + (P + B2

8π )~u
]
− ~B(~u · ~B) = −ρ∇Φ · ~u

Total specific energy E = ε + u2

2 + B2

8πρ

Equation of state P = (γ − 1)ρε

Induction equation ∂~B
∂t = ∇ ×

(
~u × ~B

)
Solenoidal condition ∇ · ~B = 0

aIn the above equations,
• ρ is the mass density which is related to pressure P through an equation of state with an adiabatic index γ.
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• Φ is the gravitational potential.

• The total specific energy E comprises of the internal specific energy ε along with the specific kinetic energy
which is related to the flow velocity ~u and in addition there a contribution from specific magnetic energy for
the MHD module .

• The magnetic field in the ideal MHD equations is denoted by ~B.



B
List of Symbols

Symbol Description CGS Units Page Ref.

ρ Gas density g cm−3 16

P Pressure dyne cm−2 16

γ Adiabatic index 16

Φ Gravitational potential 16

~u Fluid velocity field cm s−1 16

E Total specific energy erg g−1 16

ε Internal specific energy erg g−1 16
~B Total magnetic field gauss 16

a Magnetic stream function gauss cm2 17
~J Current density statampere cm−2 25

I Total current statampere 25
~FL Lorentz force dyne 25

Σ Disk surface density g cm−2 26

H Disk scale height cm 26

Ω Angular velocity s−1 26

cs Sound speed cm s−1 26

T Temperature K 26

ϑ Viscosity poise 26

Ṁ Mass accretion rate gm s−1, M�yr−1 40

M∗ Mass of the central star kg, M� 40
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Symbol Description CGS Units Page Ref.

αv Viscocity parameter 26

κ Opacity cm2 g−1 26

Q Toomre parameter 28

Ωepi Epicylcic frequency s−1 28

ν Frequency hertz (Hz) 29

F Total flux erg cm−2 s−1 30

Bν Planck function 30

τ Optical depth cm 30

M(T ) Force multiplier 34

T Optical depth parameter 34

η Line strength 34

n̂ Unit vector along line of sight 34

α Line force parameter (Gayley 1995) 34

Q̄,Q0 Line force constant (Gayley 1995) 34

k Line force constant (Castor et al. 1975) 34

Iν Intensity erg s−1 cm−2 sr−1 Hz−1 31

Eν Radiation energy density erg cm−3 Hz−1 31

Pν Radiation pressure energy density erg cm−3 Hz−1 31

χν Absorbtion coefficient cm−1 32

jν Emission coefficient erg s−1 cm−3 sr−1 Hz−1 32
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Del Popolo, A. & Ekşi, K. Y. 2002, MNRAS, 332, 485
Drew, J. E., Proga, D., & Stone, J. M. 1998, MNRAS, 296, L6+

Dullemond, C. P., Dominik, C., & Natta, A. 2001, ApJ, 560, 957



143

Dullemond, C. P. & Monnier, J. D. 2010, ARA&A, 48, 205
Durisen, R. H., Boss, A. P., Mayer, L., Nelson, A. F., Quinn, T., & Rice, W. K. M. 2007,

Protostars and Planets V, 607
Edgar, R. & Clarke, C. 2003, MNRAS, 338, 962
Fallscheer, C., Beuther, H., Sauter, J., Wolf, S., & Zhang, Q. 2011, ApJ, 729, 66
Feldmeier, A. & Shlosman, I. 1999, ApJ, 526, 344
Fendt, C. 2006, ApJ, 651, 272
—. 2009, ApJ, 692, 346
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