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Zusammenfassung

Im ersten Teil der Arbeit führen wir eine relativistische hydrodynamische Simula-
tion einer 1,35-1,35M⊙ Doppelneutronenstern-Verschmelzung (DNS-Verschmelzung)
mit Neutrinos durch. Wir untersuchen den dynamische Massenauswurf sowie die
Eigenschaften der ungebundenen Materie und führen Nukleosynthese-Rechnungen
durch. Anschließend diskutieren wir eine systematische Studie von DNS-Verschmel-
zungen mit verschiedenen Zustandsgleichungen (EOS) und Neutronensternmassen.
Bei einer gegebenen Gesamtmasse beobachten wir für asymmetrisch Systeme mit
ungleichen Neutronensternmassen eine systematische Abnahme der dominanten
Oszillationsfrequenzen des Gravitationswellensignals. Zusätzlich erzeugen diese
asymmetrischen Verschmelzungen höhere Temperaturen, Elektronenanteile und
Neutrino-Leuchtkräfte in ihren Verschmelzungsüberresten. Die Simulationen zeig-
en insgesamt eine Zunahme der ungebundenen Masse, der Durchschnittstemper-
aturen und eine sphärischere Verteilung des Auswurfs. Trotz höhrer Tempera-
turen des ungebundenen Materials ist dieses bei asymmetrischen Verschmelzun-
gen neutronenreicher als bei symmetrischen Verschmelzungen. Insbesondere wird
bei asymmetrischen Verschmelzungen mehr Material bei größeren Radiien aus-
gestoßen, die weniger Neutrino-Bestrahlung erfahren.

Im zweiten Teil der Arbeit untersuchen wir die Auswirkungen von Pionen
auf Simulationen von Neutronenstern-Verschmelzungen und Gravitationswellen.
Im Vergleich zu Modellen ohne Pionen beobachten wir Veränderungen in den
Eigenschaften nicht-rotierender Neutronensterne, wie eine Reduzierung der maxi-
malen Masse, des Radius und der “tidal deformability”. Simulationen mit Pionen
zeigen eine erhöhte Gravitationswellenfrequenz nach der Verschmelzung und eine
reduzierte kritische Masse für die prompte Bildung eines Schwarzen Lochs. Em-
pirische Beziehungen zwischen dieser Schwelle oder der Gravitationswellenfrequenz
und stellaren Parametern bleiben nahezu unbeeinflusst. Die Einbeziehung von Pi-
onen führt zudem zu einer moderaten Erhöhung der ungebundenen Materie bei
Neutronenstern-Verschmelzungen.



Abstract

In the first part of the thesis, we perform a relativistic hydrodynamical simu-
lation of a 1.35-1.35M⊙ binary neutron star (BNS) merger with neutrinos and
investigate in detail dynamical mass ejection, ejecta properties and the associated
nucleosynthesis calculations. We conduct a systematic study of BNS merger simu-
lations considering different equations of state (EOSs), different total masses, and
mass ratios. For a given total mass, comparing the dynamics of postmerger evo-
lution, we observe a systematic decrease in the dominant oscillation frequencies
and a relatively quick approximate plateau of maximum densities in the remnants
of asymmetric mergers. Additionally, these asymmetric mergers produce higher
temperatures, higher average electron fractions, and higher neutrino luminosities
in their remnants. Considering ejecta properties, we notice an overall increase in
the ejecta mass, the average ejecta temperatures, and a more spherical distribu-
tion of the ejecta mass per angular bin. Despite the higher ejecta temperatures,
the neutron-richness of the dynamically ejected material from asymmetric merg-
ers is relatively higher than that of symmetric mergers. Specifically, asymmetric
mergers are found to produce a larger amount of material ejected from a larger
radii of the central remnant that undergo less neutrino irradiation.

In the second part of the thesis, we investigate the impact of pions on sim-
ulations of neutron star mergers and explore their effects on gravitational wave
observables. Compared to models without pions, we observe changes in the prop-
erties of cold, non-rotating neutron stars, including reductions in maximum mass,
radius, and tidal deformability. From simulations with pions, we find an increase
in the dominant post-merger gravitational wave frequency and a reduction of the
threshold binary mass for prompt black hole formation. We find empirical rela-
tions that correlate the threshold mass or the dominant post-merger gravitational
wave frequency to the stellar parameters of nonrotating neutron stars are found
to remain valid to good accuracy. Additionally, we also address the mass ejection
by neutron star mergers and observe a moderate enhancement of the ejecta mass
by the inclusion of pions.
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Nomenclature

List of acronyms

BNS binary neutron star
NS neutron star
BH black hole
GW gravitational wave
EOS equation of state
sGRB short gamma-ray burst
TOV Tolman–Oppenheimer–Volkoff
3D three-dimensional
SPH smoothed particle hydrodynamics
RK Runge-Kutta
CFC conformal flatness condition
ADM Arnowitt-Deser-Misner
ILEAS improved leakage-equilibration-absorption scheme
HMNS hyper massive neutron star

List of constants

c speed of light
G gravitational constant
M⊙ solar mass
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1. Introduction

“Where do all the heavy elements in the universe from iron to uranium come
from?”, one of the long-standing questions in physics with its most evident can-
didate, binary neutron star (BNS) mergers, unambiguously detected for the first
time in 2017. This question about the origin of heavy elements is the main moti-
vation for our study.

Neutron stars (NSs) are the final remnant product of the collapsed core of
a massive star formed in a core-collapse supernova explosion when it does not
undergo a collapse into a black hole (BH). They are one of the most compact
objects found in the universe, with a typical mass of 1-2 M⊙ and a radius of about
10-15 km [277]. As a result, it gives rise to densities in the core that can exceed
several times the nuclear saturation density (ρsat ∼ 2.7 × 1014 g/cm3). These
extreme conditions make NSs one of the best tools to probe the physics of high-
density matter, for which several efforts are being made to study these properties
in a laboratory, e.g. GSI-FAIR [90, 250, 73].

A BNS system consists of two neutron stars that long orbit each other for
millions of years (inspiral phase). These binaries radiate away energy and angular
momentum in the form of gravitational waves (GWs), shrinking their orbit, and
eventually merge within a timescale of a few milliseconds (merger phase). The
structure, composition, and properties of NS matter at high densities are governed
by the so-called equation of state (EOS) [140] which is not precisely known since
the fundamental constituents of high-density matter and their interactions are
not known. The EOS determines the outcome and observables of a BNS merger.
Depending on the EOS, the remnant of the merger can either promptly collapse
into a BH or become a massive differentially rotating NS [78, 21, 160, 255, 214,
252, 29, 39, 177, 206, 116, 234].

The ejecta material expelled from the collision generally has a very com-
plex structure and mass ejection occurs through different channels over various
timescales. “Dynamical” ejecta are defined as the material that is ejected on dy-
namical timescales of tens of milliseconds from tidal interactions and shock heating
exerted on the NSs. These typically consist of a mass range within 10−4–10−2M⊙
and ejecta velocities within 0.2c–0.3c [230, 239, 193, 134, 24, 109, 217, 16, 55]. “Sec-
ular” ejecta are the material which gets unbounded on longer timescales of about
tens of milliseconds to few seconds (mainly from the disk surrounding the cen-
tral remnant) through different outflow components such as magnetically driven,
neutrino driven, and viscously driven. They typically consist of more massive
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1. Introduction
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Figure 1.1: The time evolution of the GW170817 discovered on August 18, 2017
in NGC4993. The following are the detection images within the first 0.5-1.5 days
after the merger (left column) and 14 days after the merger (right column). Credit:
The image was taken from [261].

ejecta with a mass range of 10−2–10−1M⊙ and lower velocities ≲ 0.2c [77, 205,
118, 91, 256, 122]. Each of these ejecta components creates favourable conditions
for the rapid neutron capture process (r-process) [49, 51, 138, 139, 260, 60], which
is responsible for the formation of approximately half of all heavy nuclei in the
universe, from [55, 277].

1.1. Observational evidence and insights

On 17 August 2017, the first unambiguous multi-messenger detection of a BNS
merger took place, dubbed GW170817 [4, 1, 6]. The source was found to be
comprised of two neutron stars with masses of approximately 1.35M⊙ and the
merger occurring at a distance of approximately 40 Mpc from Earth [52]. A weak
short gamma-ray burst (sGRB) was detected 1.74 seconds after the GW signal was
measured, along with additional X-ray and radio signals [3, 98, 241, 174, 273, 102,
103, 155]. Within 11 hours after the GW trigger, an associated electromagnetic
transient, known as the kilonova [146, 158] AT2017gfo was detected across a broad
range of the electromagnetic spectrum, including ultraviolet, optical and infrared
emissions [14, 261, 59, 185, 126, 258, 279, 178], all from the same location in the
sky. The location in the sky where the event occurred was identified as close to the
galaxy NGC4993. An image showing the evolution of the kilonova by comparing
the images within the first 0.5-1.5 days after the merger and 14 days after the
merger is shown in Fig. 1.1, where a bright spot is seen near the marked position
and is seen to fade away within a timescale of two weeks. The observed spectrum
showed a peak emission shift from blue to red on this timescale.

On 25 April 2019, a second signal was detected (as a single detector event),
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1.2. R-process nucleosynthesis

likely emitted during the merger of two binary neutron stars, dubbed GW190425 [7].
But, compared to GW170817, this event was much weaker due to its larger dis-
tance (approximately greater than 100 Mpc) and no kilonova was found in the
aftermath from optical and infrared surveys [58].

Several insights were obtained from the observations mentioned above: The
GW signal and the subsequent electromagnetic counterparts carry information
about the cold properties of neutron stars (e.g. masses of NSs, radii of NSs, etc.)
involved in the merger [5, 6, 35, 251, 154, 76, 218, 240, 222, 130, 215]. In addition
to EOS constraints, the gravitational and electromagnetic data are also used to
determine the Hubble constant [2]. The discovery of sGRB confirms the idea that
BNS systems could be the source of sGRBs, which had been previously suggested
but not proven [74, 181, 176, 38]. The rapidly evolving emission in the optical and
infrared is in very good agreement with an expanding ejecta cloud (with a mass
of about a few 0.01M⊙) undergoing the r-process, where the radioactive decays
of the r-process heat the ejecta producing quasi-thermal radiation. The detailed
properties and evolution of the light curve thus provide very strong evidence that
heavy elements were created in the ejecta of this NS merger [124, 265, 61, 267, 72,
162, 159]. The spectrum of the kilonova which was later found to exhibit broad
absorption features, one of them being associated with strontium [282]. Strontium
is an element produced through the r-process, offering compelling evidence that
this nucleosynthesis process occurred in the ejecta of GW170817. Considering the
estimated merger rates and the estimated ejecta mass of GW170817, it appears
that BNS mergers likely are one of the major sources of heavy element production
in the Universe. So far, they are the only confirmed astrophysical sites to date
where r-process nucleosynthesis takes place [60, 116], from [277].

Despite the insights obtained from these events, models still encounter diffi-
culties in explaining certain aspects and details of the associated kilonova [283,
54, 120]. The combination of theoretical modelling, nuclear experiments, GW de-
tections, and electromagnetic observations continues to give more insights on the
nature of neutron stars and our understanding of the EOS of nuclear matter at
extreme densities. In this chapter, we describe the basics of the r-process nucle-
osynthesis, kilonova, importance of neutrinos and EOS closely following the cited
works [116, 252, 97, 96, 17, 16, 277, 278].

1.2. R-process nucleosynthesis

In dense neutron-rich conditions, where the neutron densities (nn) are greater than
about 1020 cm−3, i.e. nn > 1020 cm−3, and the neutron capture timescales (τn) are
shorter than the β-decay timescales (τβ), i.e. τn << τβ, the ejecta can synthesise
heavy elements beyond iron through rapid neutron captures [49, 51, 138, 139, 260,
60, 116].

When the ejecta material expelled from the merger expands and the tempera-
ture drops below 1 MeV (1010K), protons and neutrons combine to form the initial
seed nuclei. The lack of Coulomb repulsion and the abundance of neutrons make
neutron captures the dominant channel. Through a series of neutron captures, the
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1. Introduction

Figure 1.2: Nuclear chart showing different nucleosynthesis processes.,The stellar
burning path is shown in yellow colour and the so called s-process [260] path is
shown in orange colour. The topic of our interest for this study, the r-process, is
shown in violet colour. credit: EMMI, GSI.
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1.2. R-process nucleosynthesis

seed nuclei can move away from the valley of stability and reach to the far right of
the nuclear chart (see Fig. 1.2), resulting in the production of neutron-rich heavy
nuclei. This process leads to the creation of elements that are far from stability in
highly radioactive and neutron-rich areas. The abundance of these elements is de-
termined by the balance between photodisintegration and neutron captures, which
are in a state of chemical equilibrium. Nevertheless, even though the environment
is neutron-rich, these nuclei cannot become excessively neutron-rich because the
neutron capture process cannot take place when the nuclei reach a certain point
called the “neutron drip line” beyond which the nuclei cannot exist.

The nuclei located near the neutron drip line are extremely unstable and decay
through β− emission, causing the nuclei to move away from the drip line. However,
moving away from the neutron drip line allows neutron captures to take place
again, returning the nucleus to the drip. As long as there is a sufficient number of
neutrons available for recurring captures, the seed nuclei will progress along the
neutron drip line and continue to achieve a higher mass number through a series
of neutron captures and β−-decays.

As the density decreases and the neutrons have been used up (which happens
after about a second and indicates the end of the r-process), the rate of neutron
captures decreases. At this stage, β-decay becomes the dominant decay channel
and the collection of all nuclei that had been produced along the neutron drip line
decays through β-decay, α-decay, and fission channels, to the valley of stability.
Refer to Figs. 1.2 and 1.3, for a visualisation of the r-process in the nuclear chart,
and radioactive β-decay, α-decay, and neutron capture channels in a sample region
of the nuclear chart.

Taking into account the large number of nuclei moving along this r-process
path, the seed nuclei will pass through points with closed neutron shells (magic
numbers) which are comparatively more stable. As a result, the reaction rates
slow down at these points, leading to accumulation, which causes an increase in
the abundance of these nuclei. As a result, these points are carried along the
r-process path, and the final abundance of elements shows an imprint of these
nuclei with closed neutron-shells. The points at which these accumulations occur
are approximately at A = 80, A = 130 and A = 195 with the corresponding
peaks in the abundance distribution, commonly known as the first, second, and
third r-process peak (see Fig. 3.4). Approaching the valley of stability, the nuclear
half-lives progressively extend, resulting in a freeze-out that happens over a wide
range of timescales and includes the abundances obtained from extremely long-
lived nuclei that take billions of years to complete, adapted from [116, 60].

Some of the key quantities that characterise r-process nucleosynthesis are en-
tropy, expansion timescale, and Ye of the ejecta [211, 15, 150]. Among these, Ye,
i.e. the electron fraction, which determines the neutron richness or the neutron
to seed ratio is one of the crucial parameters in BNS mergers. Ye is defined as
the ratio of the number of charged leptons to the total number of baryons, i.e.
Ye = (n−

e −n+
e )/nB, where ne± are the number densities of electrons and positrons,

nB is the baryon number density [121].

Numerical simulations with detailed nuclear network calculations [100, 134,
281, 150] demonstrates that elements of the r-process with a mass number greater
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Figure 1.4: UVOIR (ultraviolet-optical-infrared) light curves of kilonova
AT2017gfo obtained from the combined datasets from various sources listed
in [279]. Credit: Image taken from [279].

than 120, such as the second and third r-process peak elements, are robustly pro-
duced for neutron-rich ejecta with Ye ≤ 0.1. Under these conditions, the produc-
tion of lighter r-process elements is found to be significantly reduced. Whereas, it
is also observed that for ejecta with Ye ≥ 0.25, heavy elements, such as lanthanides,
are not widely produced when there is not enough neutron abundance [252]. BNS
merger, owing to the wider range of Ye values in its ejecta components, from its
original cold β-equilibrium values to 0.5 and above, hosts ideal conditions for the
production of elements in a wider mass range of the nuclear chart (see Fig. 4.7 for
a typical range of cold β-equilibrium values of Ye involved in the mergers).

1.3. Electromagnetic transient (kilonova)

The primary mechanism that powers a kilonova is the radioactive decay of ele-
ments freshly produced in the merger ejecta through the r-process nucleosynthesis.
As discussed in the previous section, the neutron-rich, unstable nuclei produced
from r-process generally decay and reach stability within a few seconds through a
combination of β-decay, α-decay (as shown in Fig. 1.3) and fission. These decays
release significant amounts of energy in the form of high-energy charged particles,
including electrons, photons, α particles, and fission products. The produced par-
ticles further transfer their kinetic energy into thermal energy within the merger
ejecta and result in an electromagnetic emission [252, 60, 116]. In particular, the
specific heating rates of β-decay and γ-ray emission are one of the dominant heat-
ing sources of kilonovae. The β-decay channel generally loses energy in terms of
β-particles and neutrinos, and is primarily accompanied by γ-ray emission. The
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1.4. Neutrinos

decay channels such as α decay and fission also contribute to the heating, but they
depend sensitively on the amount of heavier nuclei produced. When considering
together all decay channels, it becomes apparent that r-process heating involves
various decay channels occurring across different timescales. The combination in-
volves numerous exponential decays with varying half-lives, leading to an overall
power-law decay [284, 158, 134, 116, 252]. This power-law heating from r-process
elements is also found to be consistent with the observations of AT2017gfo.

We note that in addition to radioactive decay, both the thermalisation effi-
ciency and the atomic opacities play an essential role in determining the light
curves and spectra of kilonovae. In the early hours following the merger, the den-
sity of the ejecta is so high that a large portion of the expanding outflow is optically
thick, and the radiation escapes only from the outer layers. During expansion, the
density decreases and eventually the optical depth becomes thin enough for a large
part of the outflow to become optically transparent [116]. This transition from an
initial opaque state to a transparent one essentially depends on the opacity of the
material, which gives a measure of photons interacting with matter. Primarily, ab-
sorption through bound-bound transitions of heavy elements affects opacity, and,
in particular, open f-shell elements, such as lanthanides and actinides, have a large
number of excited levels with low excitation energy, leading to a large number of
transition lines in the optical and infrared ranges [252]. From atomic structure cal-
culations, the mean opacity of lanthanide rich ejecta is approximately 10 cm2 g−1

and above, compared to 0.1 cm2 g−1 for lanthanide-free ejecta [252, 23, 266, 123].
Inferring from these results, depending on the presence of lanthanides/actinides,
low opacities are produced in the early emission (lanthanide-free) from hot ma-
terial, and light is emitted at shorter wavelengths (blue colour). Higher opacities
are produced in the late emission (lanthanide-rich) from colder material, and light
is emitted at longer wavelengths (red colour). Fig. 1.4 shows the evolution of
the light curve from blue to red across different electromagnetic spectra, taken
from [279].

In conclusion, it is evident that the ejecta mass, the ejecta velocity, the Ye dis-
tribution of the ejected material and the abundance of heavy elements produced by
the r-process are the primary determinants of the properties of the kilonovae. One
of the fundamental tasks of BNS merger modelling involves the accurate prediction
of these properties through reliable, self-consistent models and a comprehensive
understanding of the underlying physics [97].

1.4. Neutrinos

A key parameter in determining the abundance of elements synthesised by r-
process nucleosynthesis and to quantify the amount of neutrons present in the
system is the electron fraction Ye. In neutron star mergers, we start with an initial
configuration that corresponds to a cold neutron-rich neutron star (see Fig. 4.7).
During the merger, the remnant heats up to large temperatures, leading to weak
interactions producing neutrinos in copious amounts. These neutrinos interact
with free protons and free neutrons to change a significant amount of the com-

7



1. Introduction

position of the ejecta. In particular, high temperatures favour the production of
numerous electron-positron pairs and lead to positron captures on neutrons, which
increase Ye towards new equilibrium values [277, 60, 252]. The most important of
them are beta reactions,

νe + n ↔ p + e−, (1.1)

ν̄e + p ↔ n + e+. (1.2)

Neutrino Schemes

All these considerations exemplify the importance of including neutrino-matter in-
teractions in hydrodynamical merger simulations. Properly accounting for neutrino-
matter interactions in neutron star mergers remains a difficult problem, since
the evolution of the neutrino phase-space distribution function for each neutrino
species is governed by the Boltzmann transport equation, which involves a six-
dimensional (three spatial and three momentum directions) time-dependent prob-
lem [147], from [17]. As a result, historically, various approximations and schemes
have been developed to deal with the neutrino transport in numerical simulations.
These can be broadly classified into three groups: Monte-Carlo methods, moment
schemes, and leakage methods (see [16, 17, 96, 97] for more details and [85] for a
review on different schemes).

Monte-Carlo methods: The fundamental concept underlying Monte-Carlo
methods for radiation transport involves discretising the neutrino distribution
function through the utilisation of the so called Monte-Carlo packets, where each of
these packets represents a substantial amount of neutrinos [85]. Although Monte-
Carlo methods serve as a viable approach to solving the Boltzmann equation and
offer an accurate solution to the neutrino transport, they intrinsically produce
sampling noise, which vanishes only in the case where the number of packets used
in the simulation becomes infinite. The requirement of a large number of packets
to maintain this noise at a minimum level makes them computationally more ex-
pensive [96]. There exist a few Monte-Carlo methods in literature used in the study
of core-collapse supernovae [112, 113, 114, 128, 8] and BNS mergers [224, 84, 87].

Moment schemes: A moment scheme is an approximation to the full Boltz-
mann neutrino transport where the angular dependence in the equation is removed
by the well-defined moments of the neutrino distribution function, and only these
moments are evolved in time [147, 268, 48, 47, 163, 253]. The first n moment
equations contain all moments through order n+1. In order to achieve an approx-
imate solution, it is necessary to truncate the series of moments at a specific order.
This truncation requires a closure relation that typically expresses the highest em-
ployed moment as a function of all preceding moments in the form of an analytical
relation [145, 169, 259, 210]. The commonly used M1 scheme represents a multi-
dimensional, energy-dependent (spectral) approach where the truncation is done
after the first-order in which only the zeroth and first moments are evolved [96].
These moments correspond to the neutrino energy density and the energy flux
density. The M1 scheme has been extensively used in many applications, includ-
ing simulations of core-collapse supernovae [188, 192, 191, 187, 257, 202, 50, 189],
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1.5. EOS on merger dynamics and NS structure

in simulations of BNS mergers, with an energy-dependent form where the neutrino
energy space is discretised into energy bins with approximate logarithmic intervals
between 0 and 400 MeV [121], or in a gray form where the energy dependence is
eliminated by integrating the quantities over all energy bin values in the evolu-
tion equations [89, 84]. Despite their widespread use in characterising neutrino
transport, M1 schemes can become computationally expensive, particularly when
considering energy dependence. Furthermore, inherent approximations and the
use of closure relations in M1 schemes prevent them from converging to the exact
solution of the Boltzmann equations, even in the case of infinite resolution [85].

Leakage schemes: Leakage schemes are some of the simplest and widely
used approximations for addressing neutrino effects. The basic idea of leakage
schemes involves solving the local effective rates for neutrino number and en-
ergy through local source terms integrated into the hydrodynamical equations,
based on whether neutrinos are completely trapped or free streaming, which is
determined by optically thick and thin conditions [16, 17]. This approach fol-
lows the original implementations described in [236] and [229], used in Newto-
nian merger models [236, 237, 238, 239, 229, 235, 134, 228, 231], in relativis-
tic BNS merger simulations [245, 244, 131, 66, 86, 83, 184, 201, 142, 144, 42],
where, in some cases, the fundamental functionality is enhanced through the in-
corporation of hybrid treatments. These hybrid methods combine the features
of both the leakage and moment schemes depending on different neutrino condi-
tions [246, 247, 248, 93, 251, 137, 216, 212, 213, 218, 288]. Taking into account the
energy dependence of neutrino transport, there also exists an advanced spectral
leakage scheme [205, 204, 96, 97] employed for computationally efficient, mul-
tidimensional hydrodynamic simulations. In this study, we exclusively use an
advanced leakage treatment with leakage, equilibration and absorption (ILEAS),
from [16]. A detailed discussion on the different components of ILEAS with further
improvements will be presented in Sec. 2.2.

1.5. EOS on merger dynamics and NS structure

Merger dynamics: The EOS for high-density matter plays a crucial role in
determining the structure of NSs and influencing the dynamics, the evolution,
and the observable properties of BNS mergers along with their outcomes. The
GW signal emitted from BNS merger reflects the dynamical evolution and carries
an imprint of the EOS. In merger remnants that do not collapse into a BH, this
signal can last for several tens of milliseconds before it diminishes from dampening
effects. During this period, the GW emission from the BNS merger remnant is
dominated by a primary oscillation mode of the central remnant, with a single
distinct frequency, fpeak. Extensive studies of various BNS merger simulations
employing different EOSs have shown that this dominant oscillation mode fpeak
is closely related to the radius and fundamental cold properties of the NS [27, 26,
108, 30, 264, 41, 29, 223, 143, 46, 274, 43, 280]. Despite the low sensitivity of
current detectors within this frequency range, a measurement of fpeak can provide
a number of significant constraints on the EOS for high-density matter.
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Figure 1.5: Mass-radius relations of different candidate EOS models available in
the literature. Throughout this thesis, we exclusively use SFHo and DD2 EOS,
which are shown in red and blue. The blue-coloured areas indicate the most
massive pulsar measurements and the red-coloured areas provide lower and upper
bounds on the NS radii based on GW170817 analysis, which exclude very stiff
EOSs and some very soft EOSs [168, 225, 5, 4, 35]. Credit: Andreas Bauswein.

Depending on the total mass, when the binary mass exceeds a certain threshold
value Mthres [24, 34, 33], the final remnant of the merger can promptly collapse to
a BH or otherwise become a massive rotating NS until it goes through a delayed
collapse. The magnitude of Mthres is significantly influenced by the underlying
EOS, which dictates the stability of the merger remnant, i.e. the EOS determines
whether, for a specific binary mass configuration, the outcome leads to the for-
mation of a NS remnant or a BH torus system. This significantly have an impact
on the ejecta properties since it directly affects the early-stage dynamical mass
ejection and leads to a substantial reduction in the total ejecta mass from various
outflows. Therefore, a comprehensive understanding of the EOS is essential for
interpreting GW emission, nucleosynthesis, and the generation of electromagnetic
radiation during merger events [116, 278].

EOS composition: Several theoretical models have been put forward in the
literature to describe the EOS of neutron star matter based on nuclear physics,
quantum chromodynamics, and effective field theories [140, 196, 37, 220, 209, 219,
129]. In general, an EOS model includes neutrons (n), protons (p), nuclei (AZX),
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1.5. EOS on merger dynamics and NS structure

electrons (e−), positrons (e+) and photons (γ) as its constituents. Apart from
these particles, theoretically, NS matter can also include pions, muons, quarks,
hyperons, deconfined quarks, and kaons.

One of those particles of particular interest are pions, which for decades have
been speculated that they could exist in the cores of NSs [242, 164, 36, 285,
20, 165, 75, 166, 10]. Despite speculation, there do not exist many BNS merger
simulations in the literature where they properly take into account the effects
from the inclusion of pions. The presence of pions has been widely neglected
in most of the currently available EOSs. Specifically, from previous discussions,
there exist relations that connect the stellar properties of NSs to the dominant
oscillation mode fpeak and the threshold mass Mthres of the binary system. These
relations have been formulated based on calculations that neglect pions and, to
some extent, might be used or are already used in interpreting observations to
infer EOS properties. One of the main motivations for the second part of this
thesis is to investigate to what extent neglecting pions in existing previous studies
could affect these empirical relations and whether it introduces any systematic
bias [278].

NS structure: An EOS establishes a unique relationship between different
thermodynamic variables such as pressure, density, temperature, etc. The equa-
tions describing relativistic hydrostatic equilibrium, commonly referred to as the
Tolman–Oppenheimer–Volkoff (TOV) equations [269, 197] connect the cold stellar
properties of static NSs to the zero-temperature slice of the EOS models. For each
distinct EOS, the TOV equations can be solved by obtaining a specific value of
central density and the stellar configuration characterised by different parameters
(mass, radius, moment of inertia, etc.) [148]. Depending on different EOSs, the
TOV equations producing distinct stellar configurations produce the mass-radius
relations, see Fig. 1.5.

One of the ways of testing nuclear EOS models is by means of astrophysical
observations of the stellar parameters of static NSs, which allow us to constrain
both the mass and the radius [140, 199]. Inferring properties such as the radius of
the NS through X-ray pulsar observations is more challenging. Before GW obser-
vations became available, very important constraints on the EOS were obtained
from mass measurements of various radio pulsars. This offers lower bounds on the
maximum mass of the NS. Some of the currently available lower bounds on the
maximum mass of a NS (about 2M⊙) can be found in [67, 13, 62, 19, 226, 227].

Specifically, a crucial parameter that can be constrained through GWs is tidal
deformability [106, 79, 107, 69]. This parameter expresses the quadrupole defor-
mation of the star caused by the tidal field of the companion star [107]. It is
defined as,

Λ =
2

3
k2

(
R

M

)5

, (1.3)

for each individual star in the BNS system. M and R are the gravitational mass
and the radius of the individual non-rotating NSs, k2 is the tidal Love number [106].
In a binary system, the combined tidal deformability of two stars “1” and “2” is
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defined by [106, 79, 107],

Λ̃ =
16

13

(M1 + 12M2)M
4
1Λ1 + (M2 + 12M1)M

4
2Λ2

(M1 +M2)5
. (1.4)

The event GW170817 allowed us to constrain for the first time the combined
tidal deformability Λ̃ of the BNS system to be within the range of 100 < Λ̃ <
700 [5, 116]. Specifically, the upper bound of Λ̃ which tightly scales with the radius
of the NS (from Eq. 1.4 and 1.3) also provides an upper bound on the NS radii,
and provides important constraints on the EOS of high-density matter [5, 65]. For
instance, the upper bounds of Λ̃ inferred from the inspiral GW signal of GW170817
alone constrain the radius of a 1.4M⊙ NS to be not more than ∼ 13.5 km and
exclude any EOS that violates this constraint [4, 5, 76].

Figure 1.5 shows a number of available candidate EOSs used in BNS merger
simulations with constraints obtained from various measurements [168, 225, 5, 4,
35]. The tabulated Steiner, Fischer, and Hempel (SFHo) EOS [105, 104, 262] and
the DD2 EOS [275, 105, 276] are shown in red and blue to distinguish them from
other EOSs. SFHo and DD2 EOSs are among the most widely used EOSs in BNS
merger simulations. Throughout this thesis, we exclusively use these two EOSs
for all of our merger simulations. From Fig. 1.5, SFHo EOS is softer than DD2
EOS, that is, SFHo EOS produces a comparatively lower pressure support than
DD2 EOS. This leads to a higher compactness with lower maximum mass and
smaller radii in the mass-radius relationship. As a result, we note that SFHo EOS
produces more compact merger remnants than DD2 EOS.
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1.6. Goals and structure of the thesis

This thesis is structured in a way to explore two main goals.

Systematic study of BNS mergers with neutrinos (Ch. 3)

Steps toward any realistic kilonova modelling require a proper theoretical un-
derstanding of the ejected material and the heating produced from BNS merger
simulations, along with a reliable treatment of neutrinos. In pursuit of this ob-
jective, we first simulate a 1.35-1.35M⊙ BNS merger using the SFHo EOS and
exclusively discuss the impact of neutrinos, mass ejection, and the nucleosynthesis
yields from this simulation.

We note that this simulation is used as a starting point for several kilonova
modelling, such as the one presented in [55] which presents a 3D radiative transfer
kilonova modelling of a BNS merger, and a self-consistent 3D radiative transfer for
kilonovae and directional spectra from a merger simulation in [254] and towards
inferring the geometry of kilonovae in [56].

In addition, we also conduct several systematic simulations of BNS mergers
considering different total masses and mass ratios, in which a set of fewer simu-
lations with a similar setup is used for a complete end-to-end kilonova modelling
of neutron-star mergers with delayed BH formation presented in [122]. Based on
the data from all these simulations, we aim to address a number of questions.

• What is the distribution of ejecta quantities, such as mass, electron fraction,
average velocities, and temperatures, in binary neutron star mergers?

• How does the typical abundance pattern of the elements produced in the
BNS merger through the r-process nucleosynthesis look?

• What are the systematics observed in BNS merger simulations when con-
sidering different total binary masses, different EOSs, and different mass
ratios?

Systematic study of BNS mergers with pions (Ch. 4)

In the second part of the thesis, towards the goal of understanding the composition
of NS matter at high-densities, we explicitly introduce the contribution of pions in
two candidate EOSs and perform several systematic simulations of BNS mergers
using these incorporated pionic EOSs, as presented in [278]. We aim to understand
the impact of pions on the outcome of merger simulations and try to gain more
insight into a number of questions.

• What are the basic components of NS matter, other than n, p, AZX,e−, e+,γ?
Do pions exist in the interior of the NS?

• If pions exist, what is the impact of pions on observables such as GWs and
kilonovae?
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• Is the inference of these observables biased by neglecting pions in the cur-
rently employed empirical relations for observables?

Unless otherwise stated, throughout this thesis, we adopt the units where
G = c = 1, Greek indices denote time and space components (ranging from 0 to 3),
Latin indices represent spatial components (ranging from 1 to 3), Einstein summa-
tion notation is used, and we adhere to the metric signature (−,+,+,+). Differ-
ential operators such as ∇ and ∂i are defined with respect to a three-dimensional
flat metric. In systematic simulations with neutrinos (Ch. 3), when we discuss
binary systems where the two NSs have different masses, we define the mass ratio
as q = M1

M2
≤ 1, where M1 and M2 are the lighter and the heavier partner in the

binary system, respectively.

14



Declaration

The bulk of this chapter follows, “Improved leakage-equilibration-absorption
scheme (ILEAS) for neutrino physics in compact object mergers”, R.
Ardevol-Pulpillo, H-T. Janka, O. Just, A. Bauswein, Monthly Notices of the Royal
Astronomical Society, Volume 485, Issue 4, June 2019, where the text, figures, and
tables have been modified and adapted to suit this thesis.

My contribution of this chapter only includes the implementation of a deter-
ministic version of the code and the hybrid MPI parallelisation of the neutrino
scheme.





2. Numerical simulation tool

2.1. Relativistic smoothed particle

hydrodynamics

All the compact binary neutron star merger simulations presented in this thesis
are simulated using the smoothed particle hydrodynamics (SPH) approach [153,
95, 172] that was described in [194, 193, 28]. The hydrodynamical evolution of
the system is computed using the three-dimensional (3D) relativistic Euler equa-
tions. The solution to the Einstein field equations is solved on an overlaid 3D
Cartesian grid using the CFC approximation [110, 286]. A Lagrangian formalism,
i.e. derivatives are evaluated in a comoving reference frame attached to a moving
fluid element [194, 232], is employed, with an additional time-dependent artificial
viscosity scheme [173, 233] to deal with hydrodynamical shocks and discontinu-
ities. A backreaction scheme [193] is implemented to simulate the loss of energy
and angular momentum carried away due to GWs.

Similar to the Eulerian relativistic schemes used in grid codes, the hydrody-
namical solver within SPH evolves “conserved” quantities ρ∗, ûi, τ , namely the
conserved rest-mass density, conserved specific momentum and conserved energy
density. They relate to their “primitive” variables, rest mass ρ, velocity vi, specific
internal energy ϵ, through,

ρ∗ = ραu0ψ6, (2.1)

ûi = hui = h(vi + βi)ψ4u0, (2.2)

τ = hW − p

ρW
−
√

1 +
ûiûjδij

ψ4
, (2.3)

where W = αu0 =
√

1 + γijuiuj is the Lorentz factor. γij = ψ4δij is the spatial
part of the spacetime metric with the Kronecker delta δij, u

0 and ui are the time
and spatial components of eigenvelocity, h = 1 + ϵ + p

ρ
is the relativistic specific

enthalpy, p is the pressure and α,ψ,βi are the metric potentials.

The hydrodynamical evolution of the system is described using the relativistic
Euler equations with the inclusion of neutrino source terms, Qtot, in the momen-
tum and energy equations,
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dt
ρ∗ = −ρ∗∂ivi, (2.4)

d

dt
ûi = − 1

ρ∗
αψ6∂ip− αû0∂iα + ûj∂iβ

j +
2ûkûk
ψ5û0

∂iψ

+
Qtotαûi
ρhW

, (2.5)

d

dt
τ = −ψ

6

ρ∗
(vi + βi)

(
1 − hW

ω

)
(∂ip) − ψ6 p

ρ∗
∂i(v

i + βi)

− 6ψ5 p

ρ∗
(vi + βi)(∂iψ) − ûi

ψ4

(
1 − hW

ω

)
(∂iα)

+
1

ψ4

(
1

hW
− 1

ω

)[
ûiûj∂jβ

i − 1

3
ûiûi∂jβ

j

]

+
Qtotα

ρ

[
1 − ûiûjδ

ij

ψ4hWω

]
, (2.6)

where d
dt

= ∂t + vi∂i and ω =
√

1 +
ûiûjδij

ψ4 .

Within the SPH formalism, the fluid is represented by a number of SPH par-
ticles, each having a constant rest mass mi and a coordinate position ri. Unlike
classical point particles, these SPH particles are spread out in space characterised
by the so-called kernel function W (|r − ri|, hi). The kernel functions are chosen
such that it is normalised, continuous, differentiable, and peaks at the position of
the particle, ri and gradually decreases to zero within a specific spatial range that
is determined by the smoothing length, hi. We note that, unless otherwise stated,
this smoothing length is restricted to a maximum length of ∼ 150km, in all our
simulations. For the kernel, we use a spherically symmetric cubic spline kernel,

W (r − ri, hi) =
1

πh3i





1 − 3
2
d2 + 3

4
d3, for 0 ≤ d ≤ 1

1
4
(2 − d)3, for 1 < d ≤ 2

0, for d > 2

(2.7)

where, d = |r − ri|/hi. Using the kernel, any function can be expressed using a
smoothing operator [28],

⟨A(r)⟩ =

∫

R3

A(r′)W (|r − r′|, hi)d3r′. (2.8)

where r′ is the integration variable. In terms of SPH particle discretisation,

⟨A(r)⟩ ≃
∑

i

ViA(ri)W (|r − ri|, hi), (2.9)

where Vi is the particle volume. Using the rest mass of the particles mi which are
fixed, the above expression can be rewritten as,

⟨A(r)⟩ ≃
∑

i

mi

ρ∗i
A(ri)W (|r − ri|, hi). (2.10)
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Using SPH discretisation, the hydrodynamical equations result in a set of ordinary
differential equations which are evolved in time with a 4th-order Runge-Kutta
(RK) method. The system is closed with a microphysical EOS which is generally
provided in the form p(ρ, ϵ, Ye) that describes the thermodynamic properties of
the stellar fluid. In the case without neutrinos, where the neutrino source terms
become zero, the initial electron fraction Ye of the particles is obtained by solving
for the beta-equilibrium condition of the cold stars and advected with the fluid,
i.e. dYe

dt
= 0. This approximation is used in the simulations discussed in chapter 4,

where we only consider pions, and neutrinos are not taken into account. However,
for BNS merger simulations with neutrinos (see all the simulations discussed in
chapter 3), the inclusion of neutrinos introduces a source term for Ye which is
evolved together with the hydrodynamical equations. See Sec. 2.2 for more details.

The metric potentials are obtained by solving the Einstein field equations in
the 3+1 formalism (also known as the ADM formalism) [18] within the conformal
flatness condition (CFC) [110, 286] on the spatial metric. Within this approxima-
tion, the metric is written as,

ds2 = (−α2 + βiβ
i)dt2 + 2βidx

idt+ ψ4δijdx
idxj, (2.11)

where ψ is the conformal factor and δij is the Kronecker delta. α is the lapse
function and βi is the shift vector. By employing the maximum slicing gauge
condition, K = tr(Kij) = Ki

i = 0, the Einstein field equations reduce to,

∆ψ = −2πψ5E − 1

8
ψ5KijK

ij, (2.12)

∆(αψ) = 2παψ5(E + 2S) +
7

8
αψ5KijK

ij, (2.13)

∆βi +
1

3
∂i∂jβ

j = 16παρWûi + 2ψ10Kij∂j

(
α

ψ6

)
≡ Sβ, (2.14)

where E is defined as E = ρhW 2 − p, S = ρh(W 2 − 1) + 3p and the extrinsic
curvature is,

Kij =
ψ4

2α

(
δil∂jβ

l + δjl∂iβ
l − 2

3
δij∂kβ

k

)
. (2.15)

These equations are then discretised on a 3D Cartesian grid that encompasses the
size of the binary system. The outer boundary conditions are determined by a
multipole expansion of the source terms up to second order [17]. The system is
evolved in time by solving the hydrodynamical equations through the SPH scheme
using the RK method.

In numerical simulations, full 3D general relativistic studies commonly require
solving elliptic equations to determine initial data and hyperbolic equations to
determine the evolution. Within our SPH simulations, at each timestep, the mat-
ter distribution is mapped onto the metric grid and the metric is solved through
iterative solutions of the above given elliptic partial differential equations with-
out explicit time dependence until convergence is achieved. The newly acquired
metric potentials are then mapped again back to the SPH particles. Compared
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to full GR schemes, in our SPH approach with the CFC approximation, we only
need to solve the initial value problem repeatedly rather than dealing with the
hyperbolic equations. The loss of energy and angular momentum due to gravi-
tational radiation drives the binary system to inspiral and eventually merge. By
construction, gravitational radiation is not included in the CFC approximation.
In order to simulate mergers, an additional GW backreaction scheme [193] within
a post-Newtonian framework is included that provides corrections to the metric
potentials [17].

In the SPH method, we also employ an artificial viscosity scheme ( [173, 233],
with additional modifications from [22] in simulations without neutrinos) to ac-
count for the hydrodynamical shocks that can be produced during the merger.
The initial data for the simulations are constructed by creating two NSs from
zero temperature1 neutrinoless beta-equilibrium slices of the EOS models and by
solving the Tolman–Oppenheimer–Volkoff (TOV) equations [270, 198] for these
barotropic relations. The stars are assumed not to have any intrinsic rotation and
are placed at an orbital separation chosen such that the merger takes place after
a few revolutions. The system is then relaxed without any GW backreaction force
until a quasi-circular equilibrium orbit is obtained with a modified orbital angular
velocities. This relaxation procedure is carried out using a damping force during
this initial phase.

2.2. Modelling of neutrinos with ILEAS

Neutrinos are included in the simulations using the advanced leakage scheme
ILEAS [16], which is implemented on a 3D Cartesian grid. Throughout this thesis,
we note that we use the same prescriptions given in [16] with an additional im-
plementation of MPI parallelisation in certain modules. ILEAS consists of three
main modules to model the various aspects of neutrino transport, namely, leakage,
absorption and equilibration. The leakage module calculates the local number and
energy rates of the escaping neutrinos by making use of an interpolation between
the trapping conditions and free streaming conditions. The absorption module
uses a ray-tracing algorithm to determine the number and energy deposition rates
of neutrinos that interact with matter in optically thin regions. Meanwhile, at high
optical depths, neutrinos equilibrate with matter and can be treated as part of
the fluid contributions to its total energy and pressure. This is taken into account
separately with an equilibration module.

We incorporate three distinct types of neutrino species in our simulations: elec-
tron neutrinos (νe), electron antineutrinos (ν̄e) and heavy lepton neutrinos (νx)
to account for both µ and τ neutrinos and their antiparticles. All three species
are included in the neutrino leakage. Since we do not explicitly include muons or
taons in our simulation, only the interactions of electron neutrinos (νe) and elec-
tron antineutrinos (ν̄e) are considered in the absorption module. All neutrinos are
assumed to be massless, given that the energy scales are several MeVs, which are

1For simplicity, we use the term “zero temperature” despite the lowest temperature listed in
the EOS tables is 0.1 MeV, as same as in [278].
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orders of magnitude larger than the neutrino rest mass values. Neutrino flavour
oscillations are ignored. Since leakage and absorption involve energy emission and
absorption, they provide neutrino cooling rates Q−

νi
and heating rates Q+

νi
, respec-

tively. The total energy source term described in the hydrodynamical evolution
equations in Sec. 2.1 (equations 2.5, 2.6), is calculated as,

Qtot =
∑

i=νe,ν̄e

Q+
νi
−

∑

i=νe,ν̄e,νx

Q−
νi
. (2.16)

Similarly, the total electron flavour lepton change rate is calculated from,

Rtot = R+
νe −R+

ν̄e −R−
νe +R−

ν̄e . (2.17)

In simulations where the weak interactions are not included, the net electron
fraction Ye is normally advected with the fluid (dYe

dt
= 0). However, in the presence

of neutrinos, total electron flavour lepton change rate provides a source term for
the evolution equation for Ye,

dYe
dt

=
Rtotα

AρW
, (2.18)

where A is Avogadro’s constant, written in CGS units A = 1
mb

and mb is the
atomic mass unit.

Under trapping conditions, in addition to Ye, we also advect the fractions of
trapped electron neutrinos (νe) and electron antineutrinos (ν̄e),

dY trap
νe

dt
= 0, (2.19)

dY trap
ν̄e

dt
= 0. (2.20)

At the end of every timestep, the final value of trapped lepton fraction is obtained
using,

Ylep = Ye + Y trap
νe − Y trap

ν̄e . (2.21)

From this Ylep, at the end of each time step, the equilibration module computes
the new equilibrium values for Ye, Y

trap
νe and Y trap

ν̄e through an inversion from the
constructed set of EOS tables f(ρ, ϵ, Ylep) which takes into account the contribution
of the energy and pressure of trapped neutrinos and antineutrinos.

As the main components of ILEAS operates on a 3D Cartesian grid, weak inter-
actions are computed at the grid level, necessitating the mapping of evolved ther-
modynamic quantities and metric potentials from SPH particles to the grid [17].
After calculating neutrino source terms, these values are remapped from the grid
back to SPH particles at the end of each time step. To reduce the computational
cost, in simulations involving MPI parallelisation, we skip every second timestep
by keeping the values obtained in the previous step constant when calculating the
neutrino source terms. Unless explicitly stated otherwise, throughout the thesis,
all simulations maintain a standard grid resolution of 0.738 km and a grid size
of approximately 225 km for the ILEAS scheme. The components of the ILEAS
scheme from [16] is shown in Fig. 2.1. We also show the additional implementa-
tion of the MPI parallelisation in the absorption module and in the calculation of
diffusion timescales in Fig. 2.1.
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Figure 2.1: The components of ILEAS scheme is illustrated from [16]. It is also
shown, the additional implementation of hybrid MPI parallelization in both the
absorption module and in the calculation of diffusion timescales.

2.2.1. The neutrino leakage

The leakage part of the code is based on [236]. It calculates the number of produced
neutrinos with an effective neutrino production rates by means of an interpolation
between the production timescales (optically thin, free streaming regimes), tprodνi

and diffusion timescales (optically thick regimes), tdiffνi . Given the local neutrino
production rates for number and energy, Rνi and Qνi respectively, the effective
neutrino production rates are given by,

R−
νi

= Rνiγ
eff
νi,num

, (2.22)

Q−
νi

= Qνiγ
eff
νi,en

, (2.23)

where,

γeffνi,j =

(
1 +

tdiffνi,j

tprodνi,j

)−1

. (2.24)

We use the notation j = 0 to denote the neutrino number, and j = 1 to denote
the neutrino energy density.

Production time scale

Assuming that the neutrino spectrum can be modeled using a Fermi-Dirac distri-
bution with temperature, T (expressed in energy units), and neutrino energy, ϵ,
we have,

f(ϵ;T, ηνi) =
1

1 + e(ϵ/T−ηνi )
. (2.25)
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The neutrino degeneracy parameter, ηνi = µνi/T , is chosen to be,

ηνi = ηeqνi (1 − e−τνi ), (2.26)

where µνi is the chemical potential of neutrinos and ηeqνi is the degeneracy pa-
rameter calculated at equilibrium condition. The degeneracy parameter reaches
equilibrium values at high optical depths and approaches extremely low values at
low optical depths.

The equilibrium degeneracy ηeqνi for electron neutrinos is determined by the
chemical equilibrium condition,

ηeqνe = ηe + ηp − ηn −
Q

T
, (2.27)

where ηe is the electron degeneracy including electron rest mass contributions,
while ηp and ηn are the proton and neutron degeneracies without including their
rest masses. Q = mnc

2 − mpc
2 = 1.2935MeV is the neutron and proton rest

mass energy difference. The equilibrium degeneracy of electron antineutrinos is
assumed to be, ηeqν̄e = −ηeqνe , and for heavy lepton neutrinos it is assumed to be
zero, ηνx = 0. Assuming neutrinos will follow the paths with minimal interactions,
it is fair to assume that they typically travel along directions characterised by the
lowest optical depth values. Under this assumption, the optical depth, τνi for
neutrino species νi, is computed as the minimum value among the optical depths
calculated in the six Cartesian directions (±x,±y,±z) using,

τνi =

∫ ∞

r

κ̄j=1
νi

(r′)dr′, (2.28)

where κ̄jνi is the spectrally averaged total neutrino opacity. We consider the ab-
sorption of electron neutrinos on neutrons, electron antineutrinos on protons, the
scattering of all neutrino species on nucleons, alpha particles, and nuclei as the
source terms for opacity calculations. The complete details on the calculation
of opacities is given in the Appendix in [16]. Since ηνi is already necessary for
the calculation of the opacities, we perform one iteration step by assuming the
optical depth to be a function of the density, τνi ∝ (1011/ρ)2 where ρ is given in
g/cm3. As the results converge very quickly, we do not go for multiple iterations.
Once we obtain the neutrino degeneracies, we calculate the neutrino number and
energy production rates, Rνi and Qνi for different neutrino interactions. All neu-
trino interactions considered in the calculation of neutrino production rates are
provided in Tab: 2.1. Detailed explanations of these interactions can be found in
the reference [16].

As a final step, we define the energy dependent neutrino number and energy
density,

Ej
νi

(ϵ) = gνi
4π

(hc)3
ϵ2+jf(ϵ;T, ηνi), (2.29)

where gνi is the multiplicity factor, which is equal to unity for νe and ν̄e, and 4 for
νx. When integrated over the neutrino spectrum, Eq. 2.29 yields,

Ēj
νi

= gνi
4π

(hc)3
T 3+jF2+j(ηνi), (2.30)
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Table 2.1: Neutrino interactions implemented in the calculation of neutrino pro-
duction rates, from [16]. We denote nucleons, encompassing both neutrons and
protons, using N = p, n. While scattering through alpha particles and nuclei is
implemented, it is important to note that the EOSs employed in our simulations
consist only of nucleons, electrons, positrons, neutrinos, and photons.

Name Interactions ν species
β-react. for νe p + e− ↔ n + νe νe
β-react. for ν̄e n + e+ ↔ p + ν̄e ν̄e
e−e+ annihil. e− + e+ → νi + ν̄i νe, ν̄e, νx
Plasmon decay γtrans → νi + ν̄i νe, ν̄e, νx
N-N bremsstr. N +N → N +N + νi + ν̄i νx
Nucleon scatt. N + νi → N + νi νe, ν̄e, νx
α part. scatt. α + νi → α + νi νe, ν̄e, νx
Nuclei scatt. (A,Z) + νi → (A,Z) + νi νe, ν̄e, νx

where Fk =
∫∞
0
xkf(x;T, ηνi) dx are the relativistic Fermi integrals of order k.

From this, we obtain the production time scales for number and energy as,

tprodνi,num
=
Ēj=0
νi

Rνi

, (2.31)

tprodνi,en
=
Ēj=1
νi

Qνi

. (2.32)

Diffusion time scale

When neutrinos are at high optical depths, they become trapped and diffuse slowly
through the medium over longer time scales, tdiffνi , similar to a random walk pro-
cess. By neglecting the neutrino source terms and assuming a static background
medium, an energy diffusion equation with energy dependence is derived as,

∂Eνi(ϵ)

∂t
= −∇ · F νi(ϵ), (2.33)

where Eνi(ϵ) is the neutrino energy density. Assuming an isotropic neutrino dis-
tribution, the neutrino flux F νi(ϵ) is obtained from Fick’s law for diffusion (re-
fer [167]) as,

F νi(ϵ) =
−c

3κνi(ϵ)
∇Eνi(ϵ). (2.34)

Since neutrinos with different energies have different diffusion rates, and affect
the spectrally averaged diffusion time scale, we keep the energy dependence and
integrate Eq. 2.33 to obtain the diffusion timescale,

tj,diffνi
=

Ēj
νi

∇ ·
∫∞
0

−c
3κνi (ϵ)

Λj
νi(ϵ)∇Ej

νi
(ϵ) dϵ

. (2.35)
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The details on the calculation of the energy-dependent total opacities can be
found in the Appendix of [16], where the energy integration is performed by di-
viding it into 15 energy bins in logarithmic spacing ranging up to 400 MeV. In
(semi)transparent regions where κ→ 0, to maintain causality, a flux limiter Λj

νi
(ϵ)

is used to ensure the appropriate limits on diffusion. For each energy bin, we use
a flux limiter from [287, 145] with energy dependence,

Λj
νi

(ϵ) =

(
1 +

|∇Ej
νi

(ϵ)|
3κνi(ϵ)E

j
νi(ϵ)

)−1

(2.36)

With relativistic corrections from [253] for an asymptotically flat space-time, we
obtain for the diffusion timescale,

tj,diffνi
=

ψ2Ēj
νi

∇ ·
(
αψ2

∫∞
0

−c
3κνi (ϵ)

Λj
νi(ϵ)∇Ej

νi
(ϵ) dϵ

) , (2.37)

for j = 0 number and j = 1 energy density. We note that in order to reduce the
time spent by the code in the calculations of the diffusion time scale, we imple-
ment a hybrid MPI [94] parallelisation (coupled to OpenMP [64]). This involves
splitting the grid cells across different MPI tasks. A comprehensive explanation
of this hybrid MPI parallelisation approach is provided in the absorption mod-
ule (Sec. 2.2.2). The interdependencies among the components of the leakage
module from [16] are illustrated in Fig. 2.2. It is also shown in Fig. 2.2, the addi-
tional implementation of hybrid MPI parallelisation in the calculation of diffusion
timescales.

2.2.2. The neutrino absorption

The neutrinos decoupled from matter typically escape at low optical depths, and
depending on the thermodynamical conditions, a considerable fraction of these
neutrinos can interact and be re-absorbed from the expanding ejecta. The num-
ber and energy of neutrinos absorbed in semi-transparent conditions can have a
major impact on the composition of the material that is expelled, and thus on
the results of various astrophysical scenarios. This is especially relevant in situa-
tions like the shock revival of supernovae, neutrino-driven winds, the composition
of ejecta in mergers and the characteristics of kilonovae, from [16]. Traditional
leakage schemes generally do not account for the transfer of energy, momentum,
and lepton number due to the re-absorption of neutrinos in the ejecta. In these
schemes, neutrinos are assumed to either leave the system or become completely
trapped, but the interactions between emitted neutrinos and surrounding matter
do not influence the evolution of the stellar fluid [85]. Therefore, an absorption
scheme is essential for any reliable modelling of compact object mergers. In this
study, we use a simple ray-tracing algorithm presented in [16], that is based on
the one-dimensional formulation of radiation attenuation by [115]. The approach
is expanded to accommodate any 3D geometry, ensuring a more comprehensive
treatment of neutrino interactions with the surrounding matter.
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Figure 2.2: Components of Leakage module and their mutual interdependencies,
from [16], with an additional implementation of hybrid MPI parallelisation in the
calculation of diffusion time scales.
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As a first-order approximation, the absorption module assumes that neutrinos
emitted from the centre of a given cell escape roughly in the direction of the
gradient of the neutrino energy density, −∇Ē

j=1
νi

, following a straight path. For
a given ray, we use a 3D slab formalism from [127] to find the crossing cells.
Depending on the distance travelled by the ray, the luminosity of the neutrino
is reduced along the path and the deposited energy is estimated. Using a ray
coordinate s to describe the position along the rays and the Cartesian coordinates,
x, to define the centre of the cell, we have for a ray emitted from the centre of
a cell, s = 0 corresponds to the Cartesian coordinate, x, of the cell. And, for
the path of the ray which crosses an absorbing cell at x2, the boundaries of the
cell which is intersected by the emitted ray are denoted by s−2 and s+2 . It should
be noted that the re-absorption of neutrinos by the emitted cell itself is included
considering a path from the centre, s−1 = 0 to the boundary of the cell, s+1 [16].

The luminosity emitted from a cell at the position x1 is estimated as,

Lray
νi

(x1) ≈ Q−
νi

(ψ6V )cell,em, (2.38)

with the respective metric corrections to the volume of the cell. For a ray that
travels along the path from s−2 to s+2 , the amount of energy transferred to the
absorbing cell per unit volume at position x2 is calculated to be [115],

[Lray
νi

(s+2 ) − Lray
νi

(s−2 )](ψ6V )−1
cell,ab =

Lray
νi

(s−2 )

[
1 − exp

(
−
∫ s+2

s−2

κ̄νi,a(x2)

⟨χνi(x2)⟩ ds
′

)]
(ψ6V )−1

cell,ab, (2.39)

where Lray
νi

(s−2 ), Lray
νi

(s+2 ) are the neutrino luminosities when a ray enters and leaves
an absorbing cell. κ̄νi,a denotes the spectrally averaged value of the absorption
opacity and ⟨χνi(x2)⟩ is the energy averaged value of the flux factor. The attenu-
ation of neutrino luminosity is calculated along the path of a given ray, where all
relevant thermodynamic and metric quantities are assumed to be uniform within
each cell, e.g. a(s−j ) = a(s+j ) = a(xj). In addition, the luminosity value at the
absorbing cell can be related to the luminosity value of the originating cell through
the formula,

Lray
νi

(s−2 ) = Lray
νi

(s−1 )exp

(
−
∫ s−2

s−1

κ̄νi,a(xj)

⟨χνi(xj)⟩
ds′

)
α(x1)2

α(x2)2
(2.40)

where Lray
νi

(s−1 ) = Lray
νi

(x1) and j runs over cells crossed by the originating ray
before it reaching the absorbing cell at x2, i.e. s−2 . It should be noted that the
gravitational red-shift of the originating and absorbing cells is taken into account
following [190] and Doppler effects are neglected.

The energy averaged neutrino flux factor ⟨χνi⟩ is defined to be proportional to
the ratio between the neutrino flux and the neutrino energy density. Outside the
diffusive regime, this definition of local neutrino number or local neutrino energy
density becomes invalid, and rather an approximation is necessary to make an
estimation. Apart from the two extremes of the flux factor, where it approaches
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towards the value 1 in the free streaming conditions and very low values at high
optical depths, the flux factor also strongly depends on the geometry. In our
BNS merger scenarios with complex 3D geometries, we use the interpolation given
in [190],

⟨χνi⟩−1 = 4.275τνi + 1.15. (2.41)

Combining everything, we obtain for the absorption rate, Q+
νi

of an absorbing cell
at position x2 as,

Q+
νi

(x2) = γeffνi,en
∑

rays

Lray
νi

(s−)

(ψ6V )cell,ab
[
1 − exp

(−κ̄νi,a(x2)(s+ − s−)ray
⟨χνi(x2)⟩

)]
, (2.42)

where the summation runs over all the rays crossing the absorbing cell and which
deposits energy according to Eq. 2.39. The factor γeffνi,en is used to ensure that
absorption is applied only in the optically thin regions and (s+ − s−)ray is used
to restrict the path of each ray within the boundaries of the absorbing cell. The
mean absorption opacity of a given cell, κ̄νi,a, is calculated with the respective
neutrino spectra at a given position in the reference frame of the fluid.

We examine the spectrum of the produced number of neutrinos which slowly
diffuse from the hot merger remnant and thermalise the medium (until the op-
tical depth becomes low enough for them to escape) by differentiating distinct
cases. We define the neutrinosphere at an optical depth, τνi = 2/3. For neutrinos
produced from a cell at any position s1 and re-absorbed by cells at s2 which are
inside the neutrinosphere (τνi > 2/3), we characterise the neutrino spectrum with
a Fermi spectrum based on the local temperature and neutrino degeneracy of the
absorbing cell, i.e. thermal spectrum, f(ϵ;Ts2 , ηνi,s2). For neutrinos produced from
the inside of the neutrinosphere (τνi > 2/3) and re-absorbed by cells which are
outside the neutrinosphere (τνi < 2/3), we characterise the spectrum with a Fermi
spectrum based on the fluid temperature and the neutrino degeneracy of the last
cell crossed by the emitted ray within the neutrinosphere, i.e. neutrinospheric
spectrum, f(ϵ;Tτνi=2/3, ηνi,τνi=2/3). Finally, for neutrinos that are produced out-
side the neutrinosphere (τνi < 2/3) and also re-absorbed by the cells outside the
neutrinosphere (τνi < 2/3), we use the same Fermi spectrum of the emitting cell
that is described by the fluid temperature and the neutrino degeneracy of the pro-
duction cell, i.e. production spectrum, f(ϵ;Ts1 , ηνi,s1), from [16]. Once we obtain
the absorption rate, the deposition rate of the lepton number is calculated similar
to those presented in the gray absorption schemes [190].

In terms of computational resources, the absorption module appears to be the
bottleneck of the simulation, demanding the highest computational cost, which
is almost equivalent to 90% of the total computation period. The absorption
module determines the total absorption rate by tracing rays emitted from each grid
cell in the neutrino grid and calculating their absorption on every other possible
cells. For simplicity, rays are not tracked in any random direction like a vector
but all the vector quantities are decomposed into different Cartesian components
and the absorption is calculated for each of these component. In the end, the
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(a) 3D

(b) X-Y plane projection

Figure 2.3: A qualitative 3D and a X-Y plane projected visualisation of the MPI
hybrid parallelisation implemented in the neutrino absorption and in the calcu-
lation of diffusion time scale of ILEAS-SPH code. As an example, we depict
the scenario where only two MPI tasks are used and a BNS snapshot is taken
about 0.39ms before the merger.

27



total absorption rate is determined by summing the contribution from all these
components and from each individual cell across the entire neutrino grid.

We employ a hybrid MPI parallelisation by dividing the total number of neu-
trino grid cells into different sections, based on the desired number of MPI tasks
(nodes, when each MPI task is split into a different node) used in the computation.
Each of these MPI tasks computes the total absorption from all the grid cells con-
tained in that corresponding MPI task. The distribution of grid cells for a specific
MPI task is grouped on the basis of a set of planes containing a fixed number of
grid cells, separated from each other in a cyclic manner (cyclic block distribution
of a do loop). As an example, for a simple case with two MPI tasks split in two
different nodes, we provide a qualitative visualisation of the cyclic block division
of the grid cells, in Fig. 2.3, both in 3D and in projection on the equatorial plane.
We used a snapshot of the BNS system taken approximately 0.39 ms before the
merging takes place. The cyclic block distribution of neutrino grid cells into dif-
ferent MPI tasks facilitates an evenly allocated allocation of SPH particles among
different MPI tasks. This ensures a balanced distribution of the computational
workload among different MPI tasks and promotes efficient parallel processing.
Additionally, the MPI tasks are also divided in such a way as to contain a set
of planes along the z-direction, perpendicular to the dominant matter ejection
direction. This helps, in addition to parallel processing, an evenly spread of the
workload from different cells, since the BNS merger remnant structure along the
equatorial plane is spread out more than in polar directions.

In the end, the absorption rates from all these neutrino grid cells are computed
within their respective MPI tasks and then summed at the end of each absorption
call during the evolution. To ensure the consistency of simulations with hybrid
MPI parallelisation compared to simulations without parallelization, a comparison
of all relevant hydrodynamical and thermodynamical quantities is made between
these two setups. This comparison is presented in Appendix A. We find a good
agreement between the results obtained from the simulation that uses MPI paral-
lelisation and the one without MPI parallelisation. We note that apart from MPI
parallelisation, a deterministic version is also implemented in the code. Addition-
ally, a small resolution study based on the neutrino grid cell size is carried out in
Appendix B.

Extraction of the final luminosity and mean energy

From the obtained neutrino emission and absorption rates, the combined total
neutrino luminosity that reaches a distant observer in the centre of mass reference
frame of the source can be approximated as [16],

Len
νi

(xobs) =

∫
(Q−

νi
(x) −Q+

νi
(x))

α(x)2

α(xobs)2
ψ(x)6 dV, (2.43)

for energy, and,

Lnum
νi

(xobs) =

∫
(R−

νi
(x) −R+

νi
(x))

α(x)

α(xobs)
ψ(x)6 dV, (2.44)
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for number. The integral runs over all cells of our assumed neutrino grid. x and
xobs are the respective positions of the last interacting cell and the observer. In
the rest frame of an observer at an infinite distance, α(xobs) = α(∞) = 1.

Unlike traditional leakage schemes, in ILEAS, the mean energy of the neutrinos
cannot be directly calculated from the neutrino energy and number luminosity.
This is due to the fact that ILEAS modifies the neutrino spectra depending on
the optical depth values and requires a different description at optically thick and
thin regions. Recalling the definition of neutrinosphere at τνi = 2/3, in optically
thin regions,

⟨ϵthinνi
⟩(xobs) =

Q−
νi

(x1)exp
(
−2
∫ s+1
s−1
κ̄j=1
νi,a

(x1)/⟨χνi(x1)ds′⟩
)
α(x1)

R−
νi

(x1)exp
(
−2
∫ s+1
s−1
κ̄j=0
νi,a(x1)/⟨χνi(x1)ds′⟩

)
α(xobs)

, (2.45)

where the spectrally averaged values of opacities for energy and number, κ̄j=1
νi,a

and
κ̄j=0
νi,a

are calculated in the same way as in [16].
While considering neutrinos from optically thick conditions i.e. inside the

neutrinosphere, and their mean energy, we define an absorption correction factor,

cabs =




exp
(
−
∫ s+
s−
κ̄j=1
νi,a

(x)/⟨χνi(x)ds′⟩
)

exp
(
−
∫ s+
s−
κ̄j=0
νi,a(x)/⟨χνi(x)ds′⟩

)




τνi=2/3

, (2.46)

and calculate their mean energy to be,

⟨ϵthickνi
⟩(xobs) =

[
cabsT

F3(ηνi)

F2(ηνi)

]

τνi=2/3

α(xτνi=2/3)

α(xobs)
. (2.47)

The final total mean energy of the emitted neutrinos are then obtained by
taking a weighted average over rays emitted from everywhere, both optically thick
and thin regions,

⟨ϵtotνi ⟩ =

∑
k,τνi>2/3

⟨ϵthickνi,k
⟩∆Lνi,k(x)

∑
k∈V ∆Lνi,k(x)

+

∑
k,τνi<2/3

⟨ϵthinνi,k
⟩∆Lνi,k(x)

∑
k∈V ∆Lνi,k(x)

(2.48)

where the summation runs over all the rays, k, from both inside and outside the
neutrinosphere. The denominator runs over the entire grid volume.

2.2.3. The neutrino equilibration

In a NS merger remnant at very high densities and high optical depth conditions,
the neutrino diffusion time scales are long enough to safely assume that the neutri-
nos are trapped in these regions within the typical dynamical timescales. Under
these conditions, the trapped neutrinos attain a state of local beta equilibrium
with the surrounding matter and contribute to the energy and pressure of the
stellar fluid. To close the set of evolution equations in these regions, i.e. hydrody-
namical evolution, given in Sec. 2.1, we construct an additional set of EOS tables

29



Non-equilibration regime
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Figure 2.4: The illustration of the functions of the neutrino equilibration treatment
in ILEAS, from [16].

which incorporate the contributions of the trapped neutrino species. After each
hydro step, we carry out an equilibration step where the total lepton fraction,
Ylep, is advected and the fraction of the different leptons is recovered from the new
equilibrium values of the respective thermodynamic conditions [16].

Neutrino species are treated separately, which requires the construction of
additional EOS tables for each possible combination of overlapping equilibration
regions of different neutrino species. For example, if in a cell only neutrinos and
antineutrinos are trapped and equilibrated, it is necessary to have an EOS table
where the total energy and pressure values include only the contributions of energy
and pressure from neutrinos and antineutrinos. Depending on the combination of
the trapped neutrino species, there exist several possible equilibration regions.
Therefore, with the three different neutrino species νe, ν̄e and νx, we have in total
eight different possible combinations, listed in Tab. 2.2. Each of these equilibration
regions employs a different EOS table that provides the relevant thermodynamical
quantities as a function of density, ρ, the specific internal energy of the fluid with
the corresponding contribution of the trapped neutrinos, ϵ, and the trapped lepton
fraction, Ylep. Since νx are produced in pairs and do not carry any electron flavour,
only νe and ν̄e does affect the trapped lepton fraction.

During the evolution, depending on the thermodynamical conditions, the SPH
particles may transition between various equilibration regions and, correspond-
ingly, the grid cells. To avoid violation of energy conservation, in each timestep,
we retrieve the specific energy of neutrinos, ϵνi , from the EOS tables and add or
subtract the respective contribution of neutrinos to the internal energy of the fluid.
Since the ϵνi values are only updated inside the equilibration regions (optically
thick) of νi, outside the equilibration, we advect the ϵνi values by assuming that
they are not in equilibrium with the surrounding matter. Likewise, the individ-
ual neutrino fractions, Yνi are advected in the whole region according to Eq. 2.19
and 2.20 instead of the respective trapping regions, to avoid the non-physical be-
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haviour of energy or lepton loss by fluid elements oscillating around the boundary
between equilibration and non-equilibration regimes.

Table 2.2: Equilibration regions employed in ILEAS from different possible com-
binations of trapped neutrino species, from [16].

Equilibration regions Trapped ν species
1 νe, ν̄e, νx
2 νe, ν̄e
3 νe, νx
4 ν̄e, νx
5 νe
6 ν̄e
7 νx
8 none

The tabulated quantities in our new EOS table are the fluid pressure with
the included contributions from the trapped neutrinos, p, the temperature, T ,
the chemical potentials of neutron, proton and electron, µn, µp and µe, individual
lepton fractions, Ye, Y

trap
νe , Y trap

ν̄e and the neutrino specific energy contributions,
ϵνe , ϵν̄e ,ϵνx . The pressure of each of these neutrino species is calculated from the
neutrino equilibrium energy density (j = 1) (Eq. 2.30) as,

pνi =
Ē1
νi

3
, (2.49)

and, the trapped neutrino fraction is obtained from the equilibrium number density
of neutrinos j = 0 as,

Y trap
νi

=
Ē0
νi

ρA
. (2.50)

Finally, the specific internal energy of each neutrino species is obtained from the
equilibrium energy density of neutrinos as,

ϵνi =
Ē1
νi

ρc2
. (2.51)

We note that an analytical approximation is used for the Fermi integrals from [263]
and the equilibrium energy density contribution for νxν̄x pairs is calculated from
the analytical expressions given in [44]. The diagram illustrating the functions of
the neutrino equilibration scheme is given in Fig. 2.4.

31





Declaration

The parts of this chapter are based on the works, “Neutrinos and their impact
on the nucleosynthesis in binary neutron star mergers”, Vimal Vijayan,
Andreas Bauswein, Gabriel Martinez-Pinedo, PoS FAIRness2022, 061, June 2023,
and,
“3D radiative transfer kilonova modelling for binary neutron star merger
simulations”, Christine E. Collins, Andreas Bauswein, Stuart A. Sim, Vimal Vi-
jayan, Gabriel Mart́ınez-Pinedo, Oliver Just, Luke J. Shingles, Markus Kromer,
Monthly Notices of the Royal Astronomical Society, Volume 521, Issue 2, May
2023. The text and illustrations have been modified and adapted to suit this
thesis.





3. Binary neutron star merger
simulations with neutrinos

In this chapter, we investigate in detail the dynamical mass ejection from BNS
merger simulations including neutrinos. The hydrodynamic evolution of the merger
is described by a 3D relativistic smoothed particle hydrodynamics (SPH) code [193,
28] with an improved leakage plus absorption scheme [16] to describe neutrino
cooling and heating. Throughout, we consistently use this state-of-the art ILEAS
scheme (see Sec. 2.2) for the treatment of neutrinos. The numerical settings
adopted in the SPH simulations are the same as detailed in [16, 136, 55, 277,
122, 254, 56], and the initial data are constructed as discussed in Sec. 2.1. For all
simulations, we use a total number of about 300000 SPH particles, and the neu-
trino source terms are computed on a uniform three-dimensional Cartesian grid
having 305 cells of size 738 m along each dimension.

In the first part of this chapter, we simulate a 1.35-1.35M⊙ BNS merger using
the SFHo EOS and exclusively discuss the impact of neutrinos, mass ejection,
and the nucleosynthesis yields from this simulation. Recalling the importance
of the electron fraction Ye in ejecta properties and in determining the amount
of elements created by r-process nucleosynthesis, we find that the distribution of
Ye and most of the properties of the ejecta are consistent with existing simula-
tions [248, 217, 136, 96, 92, 182, 40, 207, 42, 63]. We calculate the nucleosynthesis
yields for the dynamical ejecta and observe that the second and third r-process
peaks are robustly generated with isotopic abundances that closely resemble the
solar abundance [99]. Contrary to many simulations in the literature, we do not
find a collapse of our simulation into a BH at the end of the simulation. We ob-
serve relatively higher temperatures in our ejecta composition and consequently
larger Ye values that span a wider range.

In the second part of this chapter, we conduct a systematic study of BNS
merger simulations with neutrinos based on SFHo and DD2 EOS considering dif-
ferent total masses and mass ratios. We focus on the merger dynamics and assess
the correlation between the mass of the dynamical ejecta and its properties, taking
into account variations in the binary parameters and the NS EOS.

When comparing the postmerger evolution of symmetric binaries to their asym-
metric counterparts with the same total mass, we observe a systematic decrease
in the dominant GW oscillation frequencies and a relatively quick approximate
plateau of the maximum densities for a larger asymmetry of the binary mass. Ad-
ditionally, the merger remnants of asymmetric mergers produce higher tempera-
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tures, higher average electron fractions, and higher neutrino luminosities following
a hierarchy Lν̄e > Lνx ≥ Lνe , which is consistent with the results of [16].

Looking at the ejecta properties, we notice an overall increase in the mass
of the ejecta for simulations that feature higher total masses and larger binary
mass asymmetry. For a given total mass, we also observe higher temperatures
generated within the ejecta of asymmetric merger, and a more spherical distribu-
tion of the ejecta mass per unit solid angle. Despite these higher temperatures
produced within the ejected particles, we find that the typical neutron-richness
of the dynamical ejecta in asymmetric mergers tends to be relatively higher com-
pared to their corresponding symmetric counterparts [248, 92, 136, 120, 183, 40].
Specifically, we find a relatively larger number of particles ejected from the larger
radii of the central remnant compared to symmetric mergers. These particles
which are ejected from larger radii experience less neutrino irradiation, and the Ye
value of these particles does not evolve much (from Eq. 2.18). This results in the
ejecta particles being close to their β-equilibrium values (see Fig. 4.7), preserving
the neutron-richness of the material, and contributing less to the increase in the
average Ye value of the ejecta.

3.1. A 1.35-1.35M⊙ BNS merger simulation with

neutrinos

Motivated by the inferred mass range of GW170817 [53], we simulate a BNS sys-
tem with 1.35-1.35M⊙ using the SFHo EOS as our first model. The simulation
is run until approximately ∼ 20 ms after the merger, and during this simulation
period, we do not find a collapse to a BH. We find that quantities such as the min-
imum of the lapse function, the maximum density, the quadrupole moment, and
fpeak, which are mainly dependent on the high-density part of the central remnant,
are minimally affected by the inclusion of neutrinos. The neutrino production has
only mild softening effects, but has an overall negligible impact on the dynamics
of the central remnant. However, ejecta properties such as the mass of the ejecta,
the temperature distribution, the distribution of Ye and the velocity distribution,
are considerably affected by the inclusion of neutrinos. In order to estimate the
importance of including neutrinos in BNS merger simulations, we also simulate
a BNS merger with the same initial setup but by turning off neutrinos after the
merger when the minimum of the lapse function occurs (similar to the setup “with-
out neutrinos” in [136]). Here, we denote this simulation by “ν turn off”. Note
that it is possible to run the entire simulation without including neutrinos, as
in [28, 24, 43, 278] where the values of Ye are just advected throughout the simula-
tion. However, the magnitude of Ye distribution in these simulations remains low
and narrow (Ye ≲ 0.1), since they correspond to the initial Ye values obtained from
neutrinoless beta-equilibrium condition (see Fig. 4.7). Hence, for better visualisa-
tion purposes and to evolve the electron fractions of the particles to higher values
from their original β-equilibrium values, we stick to this prescription in which the
neutrinos are turned off after the merger.
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3.1.1. Distribution of the ejecta

Clearly, a key quantity of interest is the mass of the ejecta Mej, which determines
the overall production of heavy elements and the properties of the electromagnetic
transient. The mass ejection of BNS mergers includes several phases, as discussed
in chapter 1. Here, we focus mainly on the properties of the ejected SPH particles
only during the first 20 milliseconds after merging, since the simulations used
in this study can only assess the dynamical ejecta. These ejecta particles are
identified by considering an energy criterion which compares kinetic, thermal,
and gravitational energy to check which fluid elements become gravitationally
unbound [193].

The initial data for kilonova calculations (used in [55, 254, 56]) are obtained
using homologous expansion of the ejected trajectories up to a few hundreds of
milliseconds (∼ 0.5s). It is a reasonable approximation to assume that within this
time period, the position of the particle moves along the direction of its velocity
such that the angular dependence of the particles is purely determined by the
angle of the velocity vectors. For this reason, in all of our figures where we show
the angular distribution, we use the angles subtended by the velocity vectors as
our polar angles instead of the angles based on the position of the particles at the
end of the simulation. Angle binning is made relative to the positive z-axis with
the angle subtending from 0◦ to 180◦ in small intervals of 10 degrees, as shown in
Fig. 3.1.

In Fig. 3.1(a), we compare the angular distribution of the ejected mass Mej per
unit solid angle for the simulation that includes neutrinos with the simulation in
which neutrinos are turned off. We notice an overall decrease in the ejecta mass
in simulation with neutrinos. This is due to the reduction in temperatures caused
by the presence of strong neutrino cooling. Figures 3.1(b), 3.1(c) and 3.1(d) show
the mass-averaged1 value of the ejecta temperatures, ejecta velocities and ejecta
Ye with respect to the ejecta masses in each angular bin. Note that, along with
the mass of the ejecta, a decrease in the mass-averaged temperature of the ejected
particles is also observed in Fig. 3.1(b).

Figure 3.1(c) shows the comparison of the mass-averaged velocity along each
angular bin. It is observed that the angular distribution of the mass-averaged
velocities is nearly spherical with an average velocity of approximately 0.2c-0.3c
in simulation with neutrinos, while it shows strong fluctuations when neutrinos
are turned off. Looking at Fig. 3.1(d), we find a considerable increase in the
mass-averaged Ye values when neutrinos are included. This is evident from the
discussions in Sec. 2.2 and from Eq. 2.18 where the source terms from neutrinos are
the main contribution that drives the Ye to higher values due to weak interactions.
Without neutrinos, the distribution of Ye values does not evolve and remains close
to the β-equilibrium values of the initial cold NSs. In addition, it is also observed
that the mass-averaged values of Ye along the polar direction are comparatively

1We calculate a mass-averaged value by summing the contributions from all SPH particles,
with each contribution weighted by the mass of the particle relative to the total mass, as same
as in [278]. Note that we often use the mass-averaged value in SPH simulations to explore the
average value of any quantity.

35



0° 10° 20°
30°

40°
50°

60°

70°

80°

90°

100°

110°

120°

130°
140°

150°
160°170°

polar angle (degree)

0.0000

0.0002

0.0004

0.0006

0.0008

M
ej
[M
�

]

SFHo
SFHo(ν turn off)

(a) Ejecta Mass

0° 10° 20°
30°

40°
50°

60°

70°

80°

90°

100°

110°

120°

130°
140°

150°
160°170°

polar angle (degree)

0.00

0.25

0.50

0.75

T m
av

g,
ej

[M
eV

]

SFHo
SFHo(ν turn off)

(b) Mass-averaged ejecta temperature

0° 10° 20°
30°

40°
50°

60°

70°

80°

90°

100°

110°

120°

130°
140°

150°
160°170°

polar angle (degree)

0.0

0.1

0.2

0.3

vm
av

g,
ej

[c
]

SFHo
SFHo(ν turn off)

(c) Mass-averaged Velocity

0° 10° 20°
30°

40°
50°

60°

70°

80°

90°

100°

110°

120°

130°
140°

150°
160°170°

polar angle (degree)

0.0

0.1

0.2

0.3

0.4

0.5

Y
m

av
g,

ej
e

SFHo
SFHo(ν turn off)

(d) Mass-averaged electron-fraction

Figure 3.1: The angular distribution of ejected mass, mass-averaged temperature,
mass-averaged velocity and mass-averaged electron fraction in each bin, within the
end of the simulation period for a 1.35-1.35M⊙ BNS merger using SFHo EOS. The
simulation with ILEAS neutrino leakage scheme is represented by blue histograms,
and the simulation where the neutrinos are turned off after the merger (where the
minimum of the lapse function occurs) is represented by orange histograms. The
width of the histogram bin is reduced by half and shifted to accommodate the
visualisation of both simulations within a single angular bin.
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Figure 3.2: The angular distribution of ejected mass constrained by velocity range
between 0.15c-0.45c and above 0.5c, within the end of the simulation period for a
1.35-1.35M⊙ BNS merger using SFHo EOS. The simulation with ILEAS neutrino
leakage scheme is represented by blue histograms, and the simulation where the
neutrinos are turned off after the merger (where the minimum of the lapse function
occurs) is represented by orange histograms. The width of the histogram bin is
reduced by half and shifted to accommodate the visualisation of both simulations
within a single angular bin.

higher than those in the equatorial direction. This is expected since the amount
of neutrinos produced along the polar direction is larger (Fig. B.1) and gives rise
to higher electron fraction values. Further discussions on this, and a detailed
mapping of Ye along the z-axis of a BNS merger snapshot can be found in [16].

While we did not see a considerable difference in the distribution of the mass-
averaged velocity in each polar direction (from Fig. 3.1(c)), we cannot rule out
the possibility that the amount of ejecta mass produced within different velocity
intervals may have a completely different angular distribution. In Figs. 3.2(a)
and 3.2(b), we show the amount of ejecta mass per unit solid angle within the
velocity range of 0.15c-0.45c and above 0.5c. When considering only the velocity
range 0.15c-0.45c, the mass distribution of the ejecta almost looks symmetric.
Note that, due to the limited resolution of the underlying SPH particles, variations
can occur in each polar bin from one to another. Increasing the bin intervals to
larger angles could significantly alter these values to a more spherical distribution;
see [56]. It is important to note that most of the high-velocity (> 0.5c) ejecta
components are ejected along the equatorial direction, where the relative Ye values
are lower and more neutron-rich [161].
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Figure 3.3: Mapping of the dynamical ejecta onto a Cartesian grid in velocity
space, with the vz axis corresponding to the rotation axis (or polar axis) of the
system. The equatorial plane is represented by vz = 0. For visual clarity, we do
not display grid cells with contributions from fewer than 5 SPH particles. The
colour scale is determined by isosurfaces that show the average Ye in each grid
cell. Generally, the material near the equator has a lower Ye than in the polar
directions, based on [55].

3.1.2. Composition and nucleosynthesis

As a starting point for the kilonova modelling, at the end of our simulation (∼ 20
ms after the merger), we extract the trajectories of all the ejected particles from our
SPH simulation despite mass still being ejected through different channels (see the
introduction of chapter 1) and will continue. We obtain a total mass of about 0.005
M⊙ produced from our dynamical simulation. As discussed in Sec. 1.3, the Ye and
velocity distribution of the ejected material is one of the fundamental quantities
which determines the properties of the produced kilonova. It is important to
understand which regions of the BNS merger remnant produce high Ye and at
which velocity these ejecta are produced. We present this in Fig. 3.3, by showing
a 3D mapping of the dynamical ejecta of the merger remnant in velocity space,
approximately ∼ 20 ms after the merger. The colour scale indicates Ye of the
ejecta, where the values of Ye are taken to be the values at the end of the merger
simulation, indicating the three-dimensional structure produced by the merger.
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As already demonstrated in Fig. 3.1(d), the illustration in Fig. 3.3 reveals that
the material near the equator has lower values of Ye, while the material in the
polar directions has higher values of Ye, consistent with results from previous
works [217, 87, 96, 136, 55]. However, we point out that the polar directions are
not composed only of high Ye material, but rather mixed with lower Ye and higher
Ye materials [119].
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Figure 3.4: The mass-averaged total abundance (black line) from each ejected
SPH particle in a 1.35-1.35M⊙ BNS merger simulation using the SFHo equation
of state is compared to the solar abundance (black triangles) [99]. The mass-
averaged abundance for various amounts of ejecta binned by different angular
ranges is shown in blue, green and purple lines using the polar angle θ (blue:
0◦ < θ < 15◦, orange: 0◦ < θ < 30◦ and green: 0◦ < θ < 45◦). The transparent
grey lines in the back indicate the individual abundance pattern obtained from
each ejected SPH particle trajectories, based on [277].

To calculate the energy release in the ejecta and the various amounts of
elements produced, we start a time-dependent nuclear network calculation for
each SPH particle when the temperature of the ejected particle falls to 1 MeV
(∼ 1010K). In cases where the temperature of the particle remains above 1 MeV
at the end of the simulation, we adopt the temperature reached at the last time
step of the hydrodynamical simulation as our starting point for network calcula-
tions. Furthermore, we also use the Ye value of the SPH particle to determine the
composition at the beginning of the network calculations. Since the nucleosyn-
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thesis calculations extend beyond the end of our hydrodynamical simulation, it
intrinsically assumes that the value of Ye at the end of the SPH simulation remains
constant and does not change further during the network calculations. In fact, this
is anticipated by the simulations, where during this phase the expansion time scale
is significantly shorter than the weak interaction time scale, and the Ye values of
most ejected particles are observed to reach a plateau [55]. Given the temperature
and Ye, the initial composition of the ejecta is determined by assuming nuclear
statistical equilibrium (NSE) for the density derived from the SPH data. After
the end of our hydrodynamical simulation, these densities are extrapolated by as-
suming homologous expansion that satisfies the condition ρ(t)r(t)3 = ρ0r

3
0. Here

r(t) = r0 + v0(t− t0), where r0 and v0 are the radial position and velocity at time
t0. We note that t0 is the time of the end of the simulation period (∼ 20 ms
after the merger in our case). Thus, the density evolution is determined using the
expression,

ρ(t) = ρ0

(
∆ + t0
∆ + t

)3

(3.1)

where ∆ = r0
v0

− t0.
We employ the same nuclear reaction network as presented in [157], using the

set of nuclear reactions labelled “FRDM”. In summary, the reaction network in-
corporates neutron capture and photodissociation rates calculated within the sta-
tistical model, using FRDM masses [170]. For nuclei with experimentally unknown
β-decay rates, we refer to the compilation provided by [171]. Fission rates [203]
are calculated based on the Thomas-Fermi fission barriers outlined in [175] and
β-decay rates are calculated using the Viola-Seaborg formula [71] for nuclei lacking
experimental values.

Following the calculations of the nucleosynthesis network, we derive the abun-
dance of each individual trajectory. Considering all trajectories, we compute
the total mass-averaged abundance, which is then compared to the solar abun-
dance [99]. This is illustrated in Fig. 3.4 for a 1.35-1.35M⊙ BNS merger using the
SFHo EOS. We further evaluate the abundance pattern with respect to different
polar angles based on various amounts of ejecta mass binned by different angular
ranges. This is shown in Fig. 3.4 using blue, green and purple lines where different
angular ranges are indicated by the polar angle θ, 0◦ < θ < 15◦, 0◦ < θ < 30◦ and
0◦ < θ < 45◦, respectively.

Along the polar direction, the ejecta are observed to exhibit higher values of
Ye and result in a notable reduction in the abundance of heavy elements. Con-
sequently, the production of lanthanides along the polar direction decreases as
we move closer to the polar z-axis. Despite the reduction in the amount of lan-
thanides, we observe that the second and third r-process peaks are more robustly
generated with isotopic abundances that closely resemble the solar abundance.
Therefore, we observe a distinct correlation between the initial Ye composition
of the ejecta (at the beginning of nuclear network calculations) and the resulting
heavy elements, consistent with the existing results (see [60] for a review). We
note that, at the end of the nuclear network calculations, heating rates and abun-
dances are derived attributed to radioactive decays and are subsequently used in
advanced kilonova modelling through radiative transfer calculations [55, 254, 56].
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3.2. Systematic study of neutrino simulations

Table 3.1: The list of simulations used in the systematic study of BNS merger
simulations with neutrinos. The table lists characteristics of the simulations, such
as the EOS, the individual masses of the NSs in the binary system, the mass ratio,
the total mass, the dominant postmerger oscillation frequency fpeak, the ejected
mass Mej, and the mass-averaged electron fraction ⟨Ye⟩ej of the ejecta.

EOS M1 M2 q Mtot fpeak Mej ⟨Ye⟩ej
[M⊙] [M⊙] [M⊙] [kHz] 10−3[M⊙]

SFHo 1.3 1.3 1 2.6 3.229 2.974 0.308
1.35 1.35 1 2.7 3.372 4.077 0.304
1.375 1.375 1 2.75 3.431 5.057 0.307
1.4 1.4 1 2.8 3.561 6.820 0.307
1.45 1.45 1 2.9 - - -

1.11428 1.48571 0.75 2.6 3.074 8.878 0.276
1.15714 1.54286 0.75 2.7 3.221 11.324 0.261
1.17857 1.57143 0.75 2.75 3.304 11.895 0.288

1.2 1.6 0.75 2.8 3.412 12.017 0.294
1.24286 1.65714 0.75 2.9 - - -

DD2 1.3 1.3 1 2.6 2.581 2.715 0.345
1.35 1.35 1 2.7 2.639 3.105 0.328
1.375 1.375 1 2.75 2.662 2.951 0.328
1.4 1.4 1 2.8 2.685 3.280 0.320
1.45 1.45 1 2.9 2.749 3.712 0.319

1.11428 1.48571 0.75 2.6 2.524 6.824 0.250
1.15714 1.54286 0.75 2.7 2.580 7.461 0.257
1.17857 1.57143 0.75 2.75 2.601 7.723 0.256

1.2 1.6 0.75 2.8 2.627 8.968 0.268
1.24286 1.65714 0.75 2.9 2.680 9.358 0.276

In this section, we extensively investigate 3D relativistic BNS merger simula-
tions using the SPH code with neutrinos and describe the results with particular
attention to their dependence on the total mass and the mass ratio. We perform a
systematic set of BNS merger simulations by changing the total mass of the BNS
system from 2.6M⊙ to 2.7M⊙, 2.75M⊙, 2.8M⊙ and 2.9M⊙, and the mass ratio
from q = 1 to q = 0.75, using the SFHo and DD2 EOS. This amounts to a total
of 20 BNS merger simulations. The characteristics of these simulations, such as
the EOS, the individual masses of NSs in the binary system, the mass ratio, the
total mass, the dominant postmerger oscillation frequency fpeak, the ejected mass
Mej, and the mass-averaged electron fraction ⟨Ye⟩ of the ejecta are tabulated in
Tab. 3.1. It is worth mentioning that these systematic simulations have slight
modifications and improvements compared to the previously discussed simulation
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of a 1.35-1.35M⊙ BNS merger with neutrinos2. As a consequence, apart from the
common statistical fluctuations, these simulations are not expected to produce the
exact same values of remnant properties or ejecta quantities. Minor variations in
different quantities are unavoidable.

Due to the high computational cost, all simulations are run only until ∼ 15
ms after the merger, and in some cases with DD2 EOS, they are run longer up
to ∼ 20 ms after the merger. For all the merger models listed in Tab. 3.1, we
do not find a collapse into a BH except for the SFHo EOS with a total mass of
2.9M⊙, which promptly collapses to a BH since it exceeds the threshold mass limit
(we refer to [34, 33] for an elaborate discussion on the threshold mass values for
various EOSs).

3.2.1. Merger dynamics and remnant properties

Throughout this section, we follow the convention that we show the simulations
using the SFHo EOS in the left column panels and the simulations using the DD2
EOS in the right column panels. As discussed in Sec. 1.5, it is widely known that
SFHo EOS being softer than DD2 produces more compact remnants with higher
densities, higher temperatures, higher GW frequencies, higher luminosities and
higher ejecta mass. Since the properties of simulations with different EOSs have
been widely discussed in many previous works in the literature [24, 217], we do not
discuss in detail the comparison of the remnant properties based on the softness
or stiffness of different EOSs.

We present the results of our simulations with particular emphasis on the
dependence of the mass ratio and the total mass. Looking at the high-density
central part of the remnant, for a given total mass, in simulations where the BNS
merger remnant does not collapse into a BH, a rotating double-core structure is
formed and undergoes strong oscillations in the postmerger phase. As the cores
merge, the maximum density of the central core increases with each cycle of the
oscillation and eventually approaches a plateau within tens of milliseconds. From
Figs. 3.5(a) and 3.5(b), for models using the same EOS (either the left column
panels for SFHO EOS or the right column panels for DD2 EOS), the rate at which
the maximum density increases appears to depend on the mass ratio of the BNS
system. This is understandable since the maximum density of the heavy partner in
an asymmetric BNS system starts at a density comparatively higher than that of
the one with symmetric binary masses. Consequently, it quickly reaches relatively
higher possible values and follows an approximate plateau where the comparative
changes in the maximum density become small. Hence, we find that the maximum
densities in the remnants of asymmetric mergers achieve an approximate plateau
faster than their symmetric counterparts.

Another quantity of importance that is tightly correlated with the high-density
central region of a BNS merger remnant is the GW signal. With regard to GW

2Unlike the neutrino simulation discussed in Sec. 3.1, to better assess the properties of the
ejected material, we do not restrict the smoothing length of each SPH particle to a maximum
of ∼ 150 km (Sec. 2.1) but rather allow it to spread up to a length of 0.75 times the distance of
this particle from the coordinate centre.
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Figure 3.5: Time evolution of the maximum baryonic rest-mass density (top
panel), cross-polarisation amplitude of the GW spectra for an observer at 20 Mpc
along the polar axis (middle panel), and the dominant postmerger GW oscillation
frequency with respect to the total mass of the binary system (bottom panel) for
BNS systems using SFHo EOS (left column panels) and DD2 EOS (right column
panels). Symmetric models are indicated by solid lines, and asymmetric models
are indicated by dashed lines. The dominant postmerger oscillation frequencies
are indicated by crosses for symmetric mergers and by plus signs for asymmet-
ric mergers. The time zero corresponds to the instant of maximum compression
during the first bounce after merging (minimum in the lapse function), defined as
in [278].
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Figure 3.6: Time evolution of the maximum temperature (top panel), the mass-
averaged temperature (middle panel) and the mass-averaged electron fraction
(bottom panel) for BNS systems using SFHo EOS (left column panels) and DD2
EOS (right column panels). Symmetric models are indicated by solid lines, and
asymmetric models are indicated by dashed lines. The time zero corresponds to
the instant of maximum compression during the first bounce after merging (min-
imum in the lapse function).

44



0 2 4 6 8 10 12
t [ms]

0

2

4

6

8

10
L ν

e[
10

52
er

g/
s]

Mtot = 2.6
Mtot = 2.7
Mtot = 2.75
Mtot = 2.8

(a) Lνe
(SFHo)

0 2 4 6 8 10 12
t [ms]

0

1

2

3

4

5

6

L ν
e[

10
52

er
g/

s]

Mtot = 2.6
Mtot = 2.7
Mtot = 2.75
Mtot = 2.8
Mtot = 2.9

(b) Lνe
(DD2)

0 2 4 6 8 10 12
t [ms]

0

5

10

15

20

25

30

L ν̄
e[

10
52

er
g/

s]

Mtot = 2.6
Mtot = 2.7
Mtot = 2.75
Mtot = 2.8

(c) Lν̄e(SFHo)

0 2 4 6 8 10 12
t [ms]

0

5

10

15

L ν̄
e[

10
52

er
g/

s]

Mtot = 2.6
Mtot = 2.7
Mtot = 2.75
Mtot = 2.8
Mtot = 2.9

(d) Lν̄e(DD2)

0 2 4 6 8 10 12
t [ms]

0

2

4

6

8

10

12

14

L ν
x[

10
52

er
g/

s]

Mtot = 2.6
Mtot = 2.7
Mtot = 2.75
Mtot = 2.8

(e) Lνx(SFHo)

0 2 4 6 8 10 12
t [ms]

0

2

4

6

8

10

L ν
x[

10
52

er
g/

s]

Mtot = 2.6
Mtot = 2.7
Mtot = 2.75
Mtot = 2.8
Mtot = 2.9

(f) Lνx(DD2)

Figure 3.7: Time evolution of the electron neutrino luminosity (top panel), electron
antineutrino luminosity (middle panel) and the heavy lepton neutrino luminosity
(bottom panel) for BNS systems using SFHo EOS (left column panels) and DD2
EOS (right column panels). Symmetric models are indicated by solid lines, and
asymmetric models are indicated by dashed lines. The time zero corresponds to the
instant of maximum compression during the first bounce after merging (minimum
in the lapse function).
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emission, there exists a single dominant post-merger frequency that reflects the
dominant oscillation mode of the central remnant known as the fpeak (as discussed
in Sec. 1.5). This dominant post-merger oscillation frequency is known to scale
tightly with the NS radii, the tidal deformability, ρmax and other NS parame-
ters [27, 26, 264, 41, 29, 43]. More discussion on these empirical relations is also
given in Sec. 4.3.3. In Figs. 3.5(c) and 3.5(d), we show the amplitude of the post-
merger GW spectra for an observer at 20 Mpc along the polar axis, for all our
BNS merger simulations that do not collapse to a BH. Looking at these figures,
we find that this dominant oscillation frequency systematically increases with the
total mass of the binary and shifts to lower values with a decrease in the mass
ratio (as shown in Figs. 3.5(e) and 3.5(f)). We hypothesise that for a given total
mass, the central neutron star remnant formed in asymmetric mergers is less mas-
sive because of the increased production of ejecta mass (which will be discussed
in the following) and leads to a decrease in the angular momentum profile. In
addition, the merger occurs at a larger orbital separation because of the larger
tidal deformabilities involved in asymmetric mergers. Thus, both the larger tidal
deformabilities and the overall lower angular momentum involved in asymmetric
mergers result in a decrease in the energy and angular momentum released by
gravitational radiation, and a decrease in GW frequencies.

Regarding neutrinos, the production of neutrinos in the merger remnant is
strongly dependent on local temperature values. In Fig. 3.6, we show the max-
imum and the mass-averaged temperatures for simulations using the SFHo EOS
(left columns) and the DD2 EOS (right columns). Both the maximum value
(Figs. 3.6(a) and 3.6(b)) and the average value (Figs. 3.6(c) and 3.6(d)) of the
temperature are found to increase for systems with a larger total mass and greater
asymmetry in the mass ratio. This is related to the fact that the increase in the
total mass of the merger system leads to more violent collisions that produce larger
temperatures, while the asymmetry in the mergers produces larger temperatures
from larger tidal disruptions. Also, we observe that the maximum temperatures in
asymmetric mergers seem to cool down faster3 than the maximum temperatures
in symmetric mergers, and reach about the same values at the end of the sim-
ulation. We note that the number of particles in the high-density regime of the
merger remnant is comparatively much larger than the total number of ejected
particles. For this reason, the mass-averaged values of any quantity with respect
to the whole merger system are always mainly dominated by the higher abundance
of particles in the central remnant.

The higher overall temperatures produced within the remnants of asymmetric
mergers lead to increased neutrinos production and an overall increase in the val-
ues of Ye. In Figs. 3.6(e) and 3.6(f), we show the mass-averaged electron fraction
weighted over all particles and indeed find that asymmetric mergers produce an
overall increase in the mass-averaged Ye values compared to symmetric mergers. In
Fig. 3.7, we show the electron neutrino luminosity (top panels), electron antineu-
trino luminosity (middle panels), and heavy-lepton neutrino luminosity (bottom
panels) for models using SFHo EOS (left column) and DD2 EOS (right column).

3We caution that these maximum temperatures are calculated on the SPH particle level and
are very susceptible to resolution dependencies (see the discussion in Sec. 4.3.1 and Fig. 4.15).
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We observe luminosities in asymmetric mergers that are comparatively higher than
those of symmetric mergers within the first few milliseconds after the merger. At
later times, this difference seems to get smaller and, in many cases, overlap each
other within the end of our simulation period. We relate this trend to the initial
offset of central densities and temperatures to higher values in asymmetric mergers
compared to their symmetric counterparts (Figs. 3.5 and 3.6). The same trends
are also observed with increasing total mass. As the merger evolution progresses to
later times, both the densities and the temperatures reach a plateau independent
of the mass ratio; consequently, these trends seem to disappear gradually. Inter-
estingly, we observe a hierarchy in the neutrino luminosity values Lν̄e > Lνx ≥ Lνe
(consistent with the findings in [16]) and find it to be preserved independent of
the total mass and the mass ratio in most of our BNS merger simulations within
the first few milliseconds.

3.2.2. Ejecta properties

The primary mechanisms by which dynamical mass ejection occurs in BNS mergers
are shock heating and the tidal torque by the hyper massive neutron star (HMNS)
remnant [92, 252]. Shock heating which produces higher temperatures and the
subsequent increase in neutrino irradiation in the merger remnant generally in-
crease Ye for a large fraction of the ejecta. However, all the ejected particles from
the HMNS merger remnant do not always undergo weak interaction. Specifically,
if the matter is ejected from regions of the merger remnant where the effects of
weak interaction are not significant and less neutrino irradiation is present, i.e.
far away from the central remnant, the Ye value of these ejected particles does not
evolve much (from Eq. 2.18). Consequently, a large fraction of the ejecta can re-
tain its low Ye values from cold neutrinoless β-equilibrium conditions (see Fig. 4.7)
and maintain the neutron richness of the ejecta. As a result, the dynamical ejecta
from BNS mergers broadly consists of components with a wide range of Ye values
from its initial low β-equilibrium values up to and above ∼ 0.5.

From Figs. 3.8(a) and 3.8(b), it is quite clear that the simulation with a higher
total mass and a higher mass ratio produces a larger amount of ejecta. In addition,
higher temperature distributions and the larger amount of neutrinos involved in
the asymmetric merger can cause the ejecta to be more spherical. To obtain a

measure of the sphericity of the ejecta distribution, we define a quantity
(
Mpol

Meq

)ej

that calculates the total mass of the ejecta within a polar angle of 45 degrees about
the north and south poles and the total mass of the ejecta within 90 degrees around
the equatorial direction. Mpol is the total mass of the ejecta per unit solid angle
from the polar angle 0◦−45◦ and 135◦−180◦, Meq is the total mass of the ejecta per
unit of solid angle from the polar angle 45◦ − 135◦. From Figs. 3.8(c) and 3.8(d),
it is seen that binary systems with larger asymmetry produce a more spherical
ejecta distribution than symmetric BNS systems within the first few milliseconds
after the merger.

To separately take into account the Ye distribution of only the ejected mass, we
show the mass distribution of the ejecta based on the bin Ye values in Figs. 3.9(a)
and 3.9(b), and the angular mass distribution based on the bin Ye values in
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Figure 3.8: Time evolution of the ejecta mass and the ratio of the ejecta mass
per unit solid angle along the poles (0◦ < θ < 45◦ and 135◦ < θ < 180◦) and

about the equator (45◦ < θ < 135◦),
(
Mpol

Meq

)ej
, for BNS mergers using SFHo EOS

(left column panels) and DD2 EOS (right column panels). Symmetric models are
indicated by solid lines, and asymmetric models are indicated by dashed lines.
The time zero corresponds to the instant of maximum compression during the
first bounce after merging (minimum in the lapse function).
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Figure 3.9: The scaled mass distribution of the ejecta with respect to the elec-
tron fraction values (top panel) and the angular distribution of the ejecta mass
with respected to the mass-averaged electron fraction values for each angular bin
(bottom panel), for BNS systems using SFHo EOS (left column panels) and DD2
EOS (right column panels). Symmetric models are indicated by solid lines, and
asymmetric models are indicated by dashed lines. The vertical lines represent the
weighted average of the distribution and give a rough estimate on how the distri-
bution is shifted from one simulation to another.
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Figure 3.10: The angular distribution of the mass-averaged temperature of ejected
particles within each angular bin, for BNS mergers using SFHo EOS (left column
panels) and DD2 EOS (right column panels). Symmetric models are indicated by
solid lines, and asymmetric models are indicated by dashed lines.

Figs. 3.9(c) and 3.9(d). Note that, from the discussions in Sec. 3.1, considering the
complications involved in plotting histograms for a large number of simulations
and for better visualisation, we plot the data bins with lines instead of histograms.
Since the total ejecta mass varies a lot from one simulation to another, consider-
ing different total mass and mass ratio, we scale the mass distribution to the total
ejected mass of the system. The vertical lines represent the weighted average of
the distribution and give a rough estimate on how the distribution is shifted from
one simulation to another.

Unlike our previous finding on the trend of total mass-averaged Ye values, which
attain higher values in asymmetric mergers, we actually find that the whole dis-
tribution of Ye with respect to the ejecta mass is shifted to lower values (indicated
by the vertical lines in Figs. 3.9(a) and 3.9(b)). The same trend is also observed
by looking at the angular distribution of Ye in different angular bins (Figs. 3.9(c)
and 3.9(d)). This is consistent with the results of [248, 92, 217, 182, 40], where they
also find a shift in the distribution of Ye to lower values in their ejecta composition.

However, despite the shift of the Ye distribution to lower values, we do not
find a systematic decrease in ejecta temperatures, but rather find that the mass-
averaged ejecta temperatures increase for each polar angle in asymmetric mergers
(see Figs. 3.10(a) and 3.10(b)). We also observe that this change in the distribution
of Ye to lower values is related to the larger ejecta mass produced from the larger
radii of the central merger remnant. Since the luminosity of neutrino irradiation
decreases with distance, particles that are ejected from farther distances of the
central remnant do not evolve much from their original beta-equilibrium values
of Ye. As a result, the overall distribution of the ejecta mass shifts to lower Ye
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Figure 3.11: The scaled ejecta mass distribution based on the radial position of
all the ejected particles at about 10 milliseconds after the merger (top panel) and
the corresponding mass-averaged Ye values in each of these radial positions, for
BNS mergers using SFHo EOS (left column panels) and DD2 EOS (right column
panels). Symmetric models are indicated by solid lines, and asymmetric models
are indicated by dashed lines. The vertical lines represent the weighted average of
the distribution and give a rough estimate on how the distribution is shifted from
one simulation to another.

values independent of the temperature distribution of the merger ejecta. This
is seen in Figs. 3.11(a) and 3.11(b), where the positions of the ejected particles
are binned in different radius bins by calculating the trajectories of each ejected
particle and trace them backward in time to find the originating radial positions at
about 10 milliseconds after the merger. We see a clear shift in the average radial
position (indicated by vertical lines) to larger radii with a pattern similar to that
observed in the neutrino-richness of the ejecta. Using the same radial positions
and calculating the corresponding mass-averaged values of Ye, we again find a
consistent shift of Ye to lower values in asymmetric mergers, shown in Figs. 3.11(c)
and 3.11(d). Thus, we find that the neutron-richness of the dynamical ejecta is
higher for merger systems with larger asymmetry compared to symmetric BNS
systems, and is mainly caused by the increase in the number of particles ejected
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from farther radii of the central merger remnant.
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4. Impact of pions on binary
neutron star mergers

The EOS for high-density matter plays a crucial role in shaping the structure
of NSs and influencing the behaviour of BNS mergers and their outcome. The
incompleteness of our understanding of the EOS of NS matter prompts the pro-
posals of various theoretical models along with the efforts to obtain insights
from observations of, for instance, BNS mergers. These theoretical models em-
ploy diverse approaches to tackle the complex nuclear many-body problem and
require distinct assumptions regarding the components of high-density matter,
e.g. [140, 196, 37, 220, 209, 219, 129]. In addition to neutrons, protons, and elec-
trons, certain models also incorporate other particles, including hyperons, decon-
fined quarks, muons, quarks, pions, kaons, and, at finite temperatures, positrons,
photons, neutrinos, and anti-neutrinos. The finite-temperature regime of the EOS
is especially relevant for phenomena such as core-collapse supernovae and binary
neutron star mergers, where temperatures can reach several 10 MeV, as discussed
in the reviews above.

For decades it has been speculated that negatively charged pions could form
a Bose-Einstein condensate in the cores of NSs [242, 164, 36, 285, 20, 165, 75,
166, 10]. However, the occurrence and density at which such a condensate forms
depend on the detailed interactions between pions and nucleons, which are cur-
rently unknown. It is anticipated that pions are influenced by an effective pion
mass that deviates from its vacuum value of approximately 140 MeV. At finite
temperature, it gives rise to the possibility of the presence of a thermal pion
population, that encompasses positively and negatively charged pions, as well as
neutral pions [156, 111, 179, 180, 195, 208, 81].

The impact of pions in the context of BNS mergers, whether in the form of a
condensate or as part of a thermal population, remains largely unexplored. But
see refs [179, 180, 208], which investigate pions in simulations of core-collapse su-
pernovae. In fact, currently only a limited number of temperature-dependent EOS
tables are available for astrophysical applications that incorporate pions [111, 195,
243, 81]. These calculations indicate that the inclusion of pions in the models leads
to a softening of the EOS compared to models without pions, as they primarily
alter the proton fraction in the system.

In this study, we provide a first assessment of the potential influence of pions
within BNS merger simulations. We adopt a relatively simple model characterising
pions as a non-interacting Bose gas with a chosen effective mass, and by this we
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consider both a condensate and a thermal population of pions. We incorporate
the pion contributions into existing EOS tables and calculate properties of isolated
NSs under conditions of neutrinoless beta-equilibrium at zero temperature. We
then focus on the impact in dynamical simulations of BNS mergers and analyse
the influence of pions on the dynamics, on BH formation, on the GW signal, and
on the mass ejection in these events.

A primary objective of this exploration is to assess the degree to which ne-
glecting pions in prior studies influences empirical relations for the dominant
postmerger GW frequency and the threshold mass for prompt BH formation,
e.g. [26, 27, 24, 108, 30, 41, 264, 223, 143, 133, 46, 274, 9, 43, 280, 33, 271, 125, 132].
These relationships have been established based on calculations that do not in-
corporate pions1 and, partly, they are already employed to interpret observations
and to infer EOS information, or they may be used in future measurements.

We observe that the majority of empirical relationships continue to hold true
for models that incorporate pions, despite the fact that these relationships were
originally established based on calculations that did not consider pions. These
relationships establish connections between the characteristics of isolated, cold,
non-rotating neutron stars and the observable properties of the merger. Since the
inclusion of pions affects both the properties of isolated stars and the merger itself,
these empirical relationships are not too much affected for the range of chosen
effective pion masses in this study. It is assumed that the values of the effective
pion masses used here somewhat encompass a reasonable spectrum and capture
the more complicated physics of pions in the dense environment of NSs [221, 117,
272, 82, 80], which we do not include here. Based on these findings, we conclude
that it is relatively safe to employ such relations in existing and future studies.

4.1. Pionic equation of state

In this section, we elaborate on our approach to incorporating pions into an ex-
isting non-pionic EOS. The tabulated SFHo EOS [105, 104, 262] and the DD2
EOS [275, 105, 276] are used in this study as base EOSs. These EOSs include
neutrons, protons, light nuclei (deuterium, tritium, 3He, etc.), alpha particles,
heavy nuclei (charge number Z ≥ 6), electrons, and positron as their constituents.
They assume nuclear statistical equilibrium (NSE) across a wide range of density
and temperature. The base non-pionic EOSs provide tabulated data for various
thermodynamic quantities as functions of baryonic density ρ, temperature T , and
number fraction of positively charged particles Yp. It is worth noting that in the
absence of pions, the net electron fraction Ye = Ye− − Ye+ is equal to Yp, where
Ye− , Ye+ represent the number fractions of electrons and positrons, respectively.

The vacuum rest masses of the charged pions π−, π+ and the neutral pion
π0 are given by mπ± =139.57039 MeV and mπ0 =134.9768 MeV [200]. We treat

1Some of these studies do include a few models with pions such as the APR EOS [11, 243].
However, most of the EOS models in use disregard the presence of pions. Consequently, the
models incorporating pions have a minimal influence on the resulting fits. For simplicity, in the
following discussion, we will refer to these empirical relations as derived from models without
pions.
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pions as a free non-interacting Bose gas and assume that their masses do not
change with baryonic density. For extensive discussions on the variation in pion
mass in dense medium, see [186, 117, 272, 80]. We also assume that pions are
in thermal and chemical equilibrium with nucleons due to the strong interaction.
Therefore, the chemical potentials of the pions follow µπ± = ∓(µn − µp) and
µπ0 = 0, where µn, µp, µπ− , µπ+ , and µπ0 are the chemical potentials of neutrons,
protons, negatively charged pions, positively charged pions, and neutral pions,
respectively. Given our assumption that pions are a non-interacting Bose gas, it
follows that the chemical potential of negatively charged pions should be either
equal to or smaller than their vacuum rest mass. Additionally, charge neutrality
requires Yp = Ye + Yπ = Ye + Yπ− − Yπ+ , where Yπ represents the net number
fraction of charged pions, while Yπ− and Yπ+ are the number fraction of negatively
charged pions and positively charged pions, respectively.

To incorporate charged pions into the base EOS, we apply the following proce-
dure. For a given baryonic density ρ, temperature T , and net electron fraction Ye,
we iteratively determine Yp until charge neutrality Yp − Yπ = Ye is satisfied. The
base EOS provides µ̂ = µn − µp, and if |µ̂| < mπ± , we calculate the net number
fraction of pions Yπ using Bose-Einstein statistics, with given T , and µπ± = ±µ̂
in each iteration.

In a neutron-rich environment when Yp < 0.5, the base EOS can yield µ̂ > mπ− ,
where the chemical potential difference between neutrons and protons can exceed
the rest mass of negatively charged pions. However, the maximum allowed value
for the chemical potential of negatively charged pions, denoted as µmax

π− , corre-
sponds to their rest mass, as pions behave as a Bose gas. Under such thermo-
dynamic conditions when µ̂ > mπ− , the negatively charged pions can form the
Bose-Einstein condensate which, unlike thermal pions, has zero kinetic energy. In
such conditions, we iteratively solve for a new value of Yp using µ̂ = µmax

π− = mπ− ,
under fixed baryonic density, temperature, and electron fraction. Subsequently,
we employ the charge neutrality condition to obtain the number fraction of neg-
atively charged condensed pions Y c

π = Yp − Ye − Y thermal
π , where the number frac-

tion of thermal pions Y thermal
π is evaluated from the Bose-Einstein statistics with

µπ− = mπ− .

This condensed portion of negatively charged pions does not contribute to the
total pressure and the total thermal energy. Under certain proton-rich conditions,
it is conceivable for a condensate of positively charged pions to develop. However,
such scenarios are generally not anticipated in the context of zero-temperature β-
equilibrium NSs and HMNSs. It is straightforward to calculate the number fraction
of neutral pions since their production depends only on the temperature of the
Bose gas. In the end, we combine everything and determine the net contribution
of pions to the pressure, the internal energy, and the total entropy per baryon
using the Bose-Einstein statistics.

We note that the base SFHo and DD2 EOSs employed in this study include
the electronic contributions corresponding to Ye = Yp in the total pressure, the
total energy, and the total entropy of the gas, and they tabulate these thermo-
dynamic quantities against ρ, T, andYp. Hence, when constructing our modified
EOSs to include pions, which tabulate thermodynamic quantities as a function
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Figure 4.1: Comparison between the SFHo EOS and the modified SFHo EOS
with pion masses equal to their vacuum values at a baryon density of 1015 g/cm3.
The net number fraction of charged pions (solid lines) and number fraction of
condensed negative pions (dashed lines), neutral pions (dotted lines), and positive
charges (dotted-dashed lines) are shown in the top row. The total pressure and
total specific internal energy are shown for the SFHo EOS (dashed lines) and the
modified SFHo EOS with pions (solid lines) in the second and third rows, respec-
tively. Different columns represent different electron fractions. Taken from [278].
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of ρ, T, andYe with Ye ̸= Yp, we first subtract the electronic contributions corre-
sponding to Yp = Ye + Yπ from the total pressure, the total energy, and the total
entropy, and then we add the electronic contributions corresponding to Ye to the
total pressure, the total energy, and the total entropy of the gas.

The base EOS takes into account the Coulomb interactions between charged
particles and includes their respective contributions to the pressure, the internal
energy, and the proton chemical potential. Since the mean separation length
between positive charges and pions can be smaller than the mean separation length
between positive charges and electrons, the Coulomb contributions for pions can
differ from the ones that correspond to electrons. Despite that, we refrain from
making modifications to these contributions in thermodynamic quantities within
the scope of this study, which constitutes a limitation of our approach. However, at
densities above the nuclear saturation density, which is the most relevant for pion
production, the nuclear contributions dominate over the Coulomb contributions.
Therefore, our approximation regarding the Coulomb interactions is expected to
have a minor impact on the structure of NSs and the GWs emitted during merger,
which are the two main topics of this chapter.

In a dense medium, it is also possible for the effective mass of the pion to vary
with baryon density, temperature, and composition, due to the pion-pion interac-
tion and the pion-nucleon interaction (see, e.g., [186, 117, 272, 80]). Reference [80]
has shown a considerable increase in the mass of negatively charged pions at den-
sities above saturation density and zero temperature. However, further studies
are required to provide a clear understanding on the behavior of pions at typ-
ical temperatures of a few 10 MeV, which is relevant for postmerger remnants.
To probe the consequences of the effective pion mass variation on the various
thermodynamic quantities, we construct our pionic EOSs with different constant
effective pion masses. For simplicity, we use three different fixed pion masses by
adopting the vacuum mass, 170 MeV, and 200 MeV and assume that the neutral
and charged pions have the same masses. As we have already pointed out, pos-
itively charged pions are significantly suppressed under the relevant conditions.
Therefore, we do not anticipate substantial effects from a potential mass splitting
between negatively and positively charged pions. Although our approach may not
account for all the intricacies of how the dense medium can influence the pionic
EOS (see, e.g., [221, 151, 82, 80] for discussions about the medium modification
of pionic EOSs), it provides a simple way to examine the potential impact of pion
mass variations on BNS mergers.

Throughout this chapter, we consistently adopt the following notation: “SFHo”
for the base SFHo EOS, “SFHo+π, mπ = Vac.mass”, “SFHo+π, mπ = 170 MeV”,
“SFHo+π, mπ = 200 MeV” for SFHo based EOSs that include pions with effective
pion masses equal to the vacuum mass, 170 MeV and 200 MeV, respectively. A
similar notation is used for models based on DD2.

In Fig. 4.1, we present a comparison between the base SFHo EOS and the
modified SFHo EOS, with pion masses equal to their vacuum values at a baryon
density of 1015 g/cm3. The panels display various quantities as functions of gas
temperature. The top panels show the net number fraction of the charged pions
Yπ (solid lines), the number fraction of the condensed negatively charged pions
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Y c
π (dashed lines), the neutral pions Yπ0 (dotted lines), and the positive charges
Yp (dotted-dashed lines). The middle and bottom panels show the total pressure
and the specific internal energy, respectively, for the SFHo EOS (dashed lines)
and the modified SFHo EOS with pion masses equal to their vacuum values (solid
lines). Each column represents different electron fractions, namely Ye = 0.06 (first
column), 0.1 (second column), 0.14 (third column), and 0.18 (fourth column).
These values of the electron fraction, along with a baryon density of 1015 g/cm3,
are representative of conditions within a HMNS (see, e.g., [249, 143, 88, 217, 16]).

Under these thermodynamic conditions, both the total number fraction of
charged pions and the number fraction of condensed negatively charged pions
remain constant until a certain threshold temperature Tthres is reached. At tem-
peratures below Tthres, pions exist predominantly in the Bose-Einstein condensate
form, where Yπ ≈ Y c

π . As the temperature rises beyond Tthres, an increasing num-
ber of pions transition out of the condensate form. Furthermore, the net number
fraction of charged pions rises with temperature due to the substantial production
of thermal pions, which are characterised by non-zero kinetic energies. We also
observe that the threshold temperature increases with increasing baryon density
and decreases with increasing electron fraction, as shown in Fig. 4.2, where Tthres
are marked by crosses for various densities and electron fractions. We approxi-
mate Tthres as the temperature where the number fraction of condensed negatively
charged pions differs by one percent from the net number fraction of charged pions.
We also observe that neutral pions are predominantly generated at high temper-
atures, and their number fraction remains relatively unaffected by the changes in
the electron fraction since their chemical potential is assumed to be zero. In con-
trast, the net number fraction of charged pions decreases as the electron fraction
increases. The fraction of positively charged particles follows the charge neutrality
condition Yp = Ye + Yπ. In the neutron-rich conditions illustrated in Fig. 4.1, the
π− are more abundantly produced than π+, i.e. Yπ > 0, which leads to Yp > Ye.
As a result, the inclusion of pion production causes baryonic matter to approach
a more symmetric state (Yp → 0.5), which in turn affects the pressure.

The total pressure shown in the middle row of Fig. 4.1 contains contribu-
tions from baryons, electrons, positrons, photons for both EOSs and, in addition,
includes contributions from thermal charged pions and the neutral pions for the
modified SFHo EOS. The bottom panels of Fig. 4.1 display the specific internal
energy, which represents the relativistic specific internal energies with the vacuum
rest-mass energies of baryons subtracted. This quantity includes contributions
from baryons, electrons, positrons, photons, and, if present, from pions. It is
worth noting that the condensed negatively charged pions do not contribute to
the pressure, as they possess zero kinetic energy, and they only affect the specific
internal energies.

At temperatures below several 10 MeV, both the pressure and the specific in-
ternal energy of the EOS containing pions are lower compared to those of the base
EOS. This difference arises because a fraction of the pions exists in a condensed
form, and consequently, they do not contribute to the thermal pressure and ther-
mal energy. The reduction in pressure attributable to pion production is more
significant compared to the impact on the specific internal energy. Furthermore,
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Figure 4.2: Net number fraction of charged pions and number fraction of negative
pions in the condensate versus temperature at different densities for the modified
SFHo EOS with pion masses equal to their vacuum values. The top panel and
the bottom panel show these number fractions at electron fractions of 0.06 and
0.1, respectively. The crosses mark the threshold temperatures. We define these
threshold temperatures as the points where the number fraction of negative pions
in the condensate differs by one percent from the net number fraction of charged
pions. Taken from [278].

59



10−1 100 101 102

T [MeV]

0.0

0.1

0.2

0.3

0.4

Y
(Y

e
=

0.
06

)

Yπ
Y c
π

Yπ0

Yp

10−1 100 101 102

T [MeV]

0.0

0.1

0.2

0.3

0.4

Y
(Y

e
=

0.
1)

ρ = 1015 g/cm3

10−1 100 101 102

T [MeV]

0.0

0.1

0.2

0.3

0.4

Y
(Y

e
=

0.
14

)

10−1 100 101 102

T [MeV]

0.0

0.1

0.2

0.3

0.4

Y
(Y

e
=

0.
18

)

10−1 100 101 102

T [MeV]

3

4

5

6

p(
Y

e
=

0.
06

)
[1

035
er

g/
cm

3 ]

DD2 + pion

DD2

10−1 100 101 102

T [MeV]

3

4

5

6

p(
Y

e
=

0.
1)

[1
035

er
g/

cm
3 ]

10−1 100 101 102

T [MeV]

3

4

5

6

p(
Y

e
=

0.
14

)
[1

035
er

g/
cm

3 ]

10−1 100 101 102

T [MeV]

3

4

5

6

p(
Y

e
=

0.
18

)
[1

035
er

g/
cm

3 ]

10−1 100 101 102

T [MeV]

1

2

3

4

6

8

e(
Y

e
=

0.
06

)
[1

020
er

g/
g]

10−1 100 101 102

T [MeV]

1

2

3

4

6

8

e(
Y

e
=

0.
1)

[1
020

er
g/

g]

10−1 100 101 102

T [MeV]

1

2

3

4

6

8

e(
Y

e
=

0.
14

)
[1

020
er

g/
g]

10−1 100 101 102

T [MeV]

1

2

3

4

6

8

e(
Y

e
=

0.
18

)
[1

020
er

g/
g]

Figure 4.3: Comparison between the DD2 EOS and the modified DD2 EOS with
pion masses equal to their vacuum values. Quantities shown here are the same as
in Fig. 4.1. Taken from [278].
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the disparity between the two EOSs diminishes with a higher electron fraction,
primarily due to the reduction in the net number fraction of charged pions.

As the temperature increases and the pions transition out of their condensed
form, these reductions in pressure and specific internal energy vanish, and at
temperatures above several 10 MeV, the pressure and the specific internal energy
of the modified SFHo EOS surpass those of the base SFHo EOS. This is due to
the contributions from the thermal charged pions and the neutral pions, which are
produced in abundance at high temperatures.

In Fig. 4.3, we show a similar comparison of quantities as in Fig. 4.1, but
for the DD2 EOS and the modified DD2 EOS with pion masses equal to their
vacuum values. The qualitative trends discussed earlier for the modified SFHo
EOS are also evident in the case of the modified DD2 EOS. However, there are
some quantitative differences between the modified DD2 EOS and the modified
SFHo EOS, which are expected since the underlying base EOSs are different and
based on different nuclear models [262, 275, 276].

In Fig. 4.4, we show the total pressures (top panel) and the net number frac-
tions of charged pions (bottom panel) as a function of temperature, at a baryon
density of 1015 g/cm3 and an electron fraction of 0.06 for the SFHo EOS (black
lines) and the modified SFHo EOS with different pion masses, including the vac-
uum masses (blue lines), 170 MeV (orange lines), and 200 MeV (green lines). As
the pion masses become larger, the total pressure of the modified SFHo EOSs ap-
proaches that of the base EOS. This reduction in the difference in total pressure
between the modified SFHo EOSs and the base SFHo EOS is expected because
the production of charged pions decreases with increasing pion mass. The de-
crease in pion production is evident from the shift of the net number fraction of
charged pions towards smaller values as the pion masses increase (lower panel).
Recently, [80] discusses the density dependence of pion mass at T=0, showing that
the negatively charged pion mass can exceed 200 MeV at densities relevant for the
pion production, i.e., at densities greater than the nuclear saturation density. In
such high-density conditions, the net pion fraction will be extremely small, and the
influence of pion production on the total pressure, total energy, and other factors
will be negligible. Further research is needed to understand the dependence of pion
effective mass on density and temperature, as well as how the energy-momentum
dispersion relation of pions changes in a dense medium.

In Fig. 4.5, the net number fraction of charged pions is represented in the
baryon density-temperature plane (ρ-T plane) for modified SFHo EOSs with pion
masses equal to their vacuum values (top panel), 170 MeV (middle panel), and
200 MeV (bottom panel). Furthermore, the black lines indicate the ratios of the
number fraction of condensed charged pions and the net number fraction of charged
pions, denoted as Y c

π /Yπ, where Yπ and Y c
π are evaluated under the assumption

that the charged pions are in chemical equilibrium with the nucleons and elec-
trons. This gives the condition µπ− = µn − µp = µe, where µe is the chemical
potential of electrons. The Y c

π /Yπ = 0.99 line corresponds to the threshold tem-
perature Tthres (see also Fig. 4.2). From Fig. 4.5, it is evident that for a given
temperature, the net number fraction of charged pions generally increases as the
baryon density increases. The ratio between Y c

π and Yπ increases with the baryon
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Figure 4.4: Total pressure of matter (top panel) and net number fraction of charged
pions (bottom panel) versus temperature at a baryon density of 1015 g/cm3 and
at an electron fraction of 0.06 for the SFHo EOS (black lines) and the modified
SFHo EOSs with different pion masses, namely, vacuum mass (blue lines), 170
MeV (orange lines), and 200 MeV (green lines). The total pressure of matter for
the modified EOSs with pions approaches the SFHo EOS values as the mass of
the pion increases. Moreover, the net number fraction of charged pions decreases
with the growing pion mass. Taken from [278].
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Figure 4.5: Equilibrium net number fractions of charged pions, i.e., the net number
fraction of charged pions when the charged pions, nucleons, and electrons are in
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Figure 4.6: Same as Fig. 4.5 but for the EOSs based on the DD2 model. Taken
from [278].
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density for all modified EOSs. As the temperature decreases, a larger fraction of
negatively charged pions enters the condensed state, which is also evident from
Figs. 4.1 and 4.2. When comparing the panels for different modified SFHo EOSs,
which correspond to different assumed pion masses, in Fig. 4.5, we see that the
value of Yπ drops with increasing charged pion mass for a given baryon density
and temperature. As the charged pion masses grow, it becomes necessary to reach
higher densities and lower temperatures to achieve the same value of the Y c

π /Yπ
ratio because a larger value of µ̂ is required to form the pion condensate. Similar
qualitative trends in the behaviour of Yπ and Y c

π /Yπ with varying density, tem-
perature, and pion masses can be observed for the modified DD2 EOSs, as shown
in Fig. 4.6.

4.2. Stellar structure and merger modelling

To understand the impact of pions on BNS mergers, we first study the stellar
structure of isolated NSs using EOS models that include pions. We then perform
a series of simulations using the EOS models described in section 4.1 based on the
SFHo and DD2 models, with effective pion masses equal to their vacuum masses,
170 MeV, and 200 MeV. As a reference, we also consider simulations without pions
by utilising the base SFHo and the base DD2 EOS.

4.2.1. Stellar structure of isolated NS star

Before describing merger simulations with the new EOS models, we first explore
the influence of pions on stellar structure by examining the zero-temperature
neutrinoless beta-equilibrium slices of the EOS models and by solving the Tol-
man–Oppenheimer–Volkoff (TOV) equations [270, 198] for these barotropic rela-
tions.

The presence of pions in NS matter significantly affects the conditions for
chemical equilibrium and thereby influences the equilibrium stellar structure of
NSs and determines the initial conditions for binary mergers. In Fig. 4.7, we
show the beta-equilibrium conditions at zero temperature. The upper panel shows
the chemical potential difference between neutrons and protons as a function of
density. Once µn−µp reaches the value of the effective pion mass used in the model,
the difference remains constant. Consequently, the electron chemical potential
value also becomes constant, which implies that the electron fraction Ye decreases
with density because µe = const. ∝ n

1/3
e ∝ (ρYe)

1/3 for relativistic electrons. This
can be seen in the middle panel, where the thick lines exhibit Ye. Thus, in the
regime where µn−µp remains constant, the electron fraction value is independent
of the nuclear EOS.

With larger effective pion masses, the point at which the chemical potential
becomes constant sets in at a higher density. At this critical density, the presence of
condensed pions leads the proton fraction to diverge from the electron fraction (as
shown in the middle panel). Establishing the charge neutrality between protons,
electrons and pions, we see an increase in Yp compared to the base EOS. The proton
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potential as function of density at zero temperature for beta-equilibrium. The mid-
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Figure 4.8: Left: Gravitational mass versus central baryon density (top panels)
and gravitational mass versus the radius of NSs (bottom panels) for the base SFHo
EOS and the ones including pions, SFHo, SFHo + π, mπ = Vac.mass, SFHo + π,
mπ = 170 MeV and SFHo + π, mπ = 200 MeV. Right: Same plots as in the left
panel, but for DD2, DD2 + π,mπ = Vac.mass, DD2 + π, mπ = 170 MeV and
DD2 + π, mπ = 200 MeV. Taken from [278].
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fraction exhibits a dependence on the nuclear EOS at all densities, including the
regime with pion condensation. As a result, the fraction of pions also relies on the
EOS to maintain charge neutrality.

One can better understand this behaviour by considering the symmetry energy
of the EOS which is defined as the energy difference between neutron matter and
symmetric matter. In beta-equilibrium matter composed of neutrons, protons and
electrons, the symmetry energy determines the proton fraction from the difference
of chemical potentials between neutrons and protons, µ̂ = µn − µp, and Yp (see,
e.g. [101, 141]; noting that there exist slight variations in the definitions of sym-
metry energy used in the literature). Thus, in the regime of pion condensation
where µ̂ = const., the proton fraction is entirely determined by the symmetry en-
ergy. This symmetry energy is illustrated in the bottom panel of Fig. 4.7. With a
rise in symmetry energy for a constant µ̂, it is also evident from the middle panel
that the proton fraction increases after a certain critical density. Specifically, as a
consequence of a larger symmetry energy (bottom panel), the DD2-based models
display a higher proton fraction in comparison to the SFHo-based models.

In Fig. 4.8(a), calculated at zero temperature, we present NS gravitational
masses versus central densities (top panel) and NS gravitational masses versus NS
radii (bottom panel) for the SFHo EOS and the modified SFHo EOSs with pions.
Figure. 4.8(b) displays the same relations as in Fig. 4.8(a), but for the DD2 EOS
and the modified DD2 EOSs with pions. As we can notice from the top panel
of Figs. 4.8(a) and 4.8(b), the production of condensed pions in a NS lowers the
pressure support against gravity and leads to a reduced mass for the same central
density. Furthermore, the inclusion of pions leads to a reduction in the maximum
mass for both EOS models. This effect ranges from one to two percent for models
adopting the vacuum masses and diminishes for higher effective pion masses. See
Tabs. 4.1 and 4.2. Similar trends are also observed for NS radii, where we see a
reduction of about one percent for models adopting the vacuum masses.

In general, the inclusion of pions causes a softening effect, resulting in higher
compactness. Within a specific EOS with a constant effective pion mass, the
softening at higher densities is inversely proportional to the effective mass of the
pion incorporated in that EOS. In cases of large effective pion masses, the stellar
structure closely resembles that derived from EOSs without pions.

4.2.2. Simulation details

We conduct hydrodynamical simulations of NS mergers using our SPH code with-
out neutrinos that employs the conformal flatness condition to solve the general
relativistic Einstein field equations [110, 286, 194, 193, 28]. The initial setup of
neutron stars is constructed by imposing neutrinoless β-equilibrium conditions in
the respective EOSs. This ensures that neutrons, protons, electrons, and pions (if
present) are in both chemical and thermal equilibrium. The stars are assumed not
to have any intrinsic rotation and to be in a quasi-circular equilibrium orbit, with
an orbital separation designed to facilitate a merger after a few orbital revolutions.
Since we do not include any explicit interactions from neutrinos in any of our sim-
ulations with pions, we instead advect the initial electron fraction with the fluid,
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i.e. dYe
dt

= 0, which represents a relatively simple treatment of weak interactions
As a first approach, we only consider equal mass BNS systems. Specifically, we

select binaries with masses of 1.35-1.35M⊙ and total mass close to the threshold
binary mass for prompt BH formation, which we estimate for the EOSs with pions
from empirical relations [33]. We provide a complete list of simulations in Tab. 4.1
for SFHo based models and table 4.2 for DD2 based models2. These tables provide
details on the total mass of the binaries (M1 + M2) , the effective mass of pions,
the radius of cold, isolated NSs with half of the total mass of the BNS, the tidal
deformability of the binary system, and the chirp mass. We recall the definition of

tidal deformability from Eq. 1.3. The chirp mass is given by Mchirp = (M1M2)
3/5

(M1+M2)
1/5 ,

where M1 and M2 are the individual masses of the NSs in the binary. We also
specify whether the system undergoes a prompt gravitational collapse and include
the dominant GW frequency of the postmerger phase. For the models which
experience prompt collapse, this dominant GW frequency is not calculated.

4.3. Simulation results

In this section, we begin with the description of the general dynamics and the
evolution of the pion contributions in our binary merger simulations. Then, we
address the postmerger GW signal, associated empirical relations for postmerger
GW frequencies, the threshold mass for prompt BH formation, and the mass ejec-
tion to understand the extent to which these features are affected by the presence
of pions.

4.3.1. Dynamics and pion production in NS mergers

All binary neutron star merger simulations proceed in a qualitatively similar man-
ner. Apart from qualitative effects, no specific differences are observed between
calculations with the base EOSs and those with the modified EOSs incorporating
pions. Most of the simulated binaries result in the formation of a rotating HMNS
remnant. Only a few systems with relatively large total binary masses lead to
direct BH formation after merging (to be discussed below in Sec. 4.3.4).

In simulations where a NS remnant is formed, the merging stars create a ro-
tating double-core structure. As the densities in the postmerger phase increase,
the remnant undergoes vivid oscillations. These density oscillations can be seen
in Fig. 4.9, which shows the evolution of the maximum baryonic rest-mass density
for the 1.35-1.35 M⊙ BNS models. The quantitative trends align with existing
findings in the literature, where softer EOSs result in higher densities. This ob-
servation applies to both the comparison between the base EOSs, SFHo and DD2,
as well as the comparison between the respective base EOS and the versions in-
corporating pions. Smaller effective pion masses result in softer EOSs and more

2In these tables we do not list all simulations performed for this study but provide only those
for which we run the same total binary mass for all four versions of the EOS model. To determine
the threshold binary mass for the individual EOS models we conducted additional simulations
for specific total binary masses.
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Figure 4.9: Time evolution of the maximum baryonic rest-mass density for 1.35-
1.35M⊙ BNS systems using SFHo EOS (left panel) and DD2 EOS (right panel).
The time zero corresponds to the instant of the maximum compression during
the first bounce after merging (minimum in the lapse function). We evaluate the
maximum baryonic rest-mass density at the SPH particle level, which is why some
noise is visible. Taken from [278].
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Figure 4.10: Time evolution of the maximum and mass-averaged temperature for
1.35-1.35M⊙ BNS systems using SFHo EOS (left panel) and DD2 EOS (right
panel). The time zero corresponds to the instant of the maximum compression
during the first bounce after merging (minimum in the lapse function). Taken
from [278].
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(a) Base DD2 (b) DD2 + π,mπ = Vac.mass

Figure 4.11: The panels (a) and (b) show snapshots of neutron and proton chemical
potential difference µn − µp in the equatorial plane for a 1.35-1.35M⊙ BNS model
after the merger, using the base DD2 EOS without pions and the modified DD2
EOS that includes pions with an effective pion masses equal to their vacuum
masses, DD2 + π,mπ = Vac.mass. The density regions of 2 × 1014g/cm3, 4 ×
1014g/cm3 and 5×1014g/cm3 are shown by dashed contour lines. Taken from [278].

compact stellar configurations, leading to higher ρmax values in the merger rem-
nant. Quantitatively, these maximum densities in the merger remnant are con-
sistent with empirical relations for ρmax derived from a large sample of candidate
EOSs without pions (see discussion below in Sec. 4.3.3).

As discussed in Sec. 4.1, depending on the density and temperature, the pro-
duction of pions depends on the chemical potential difference between neutrons
and protons. At typical densities in the context of NSs and NS merger remnants,
the contributions from thermal pions become significant only when the temper-
ature exceeds a certain threshold value of several tens of MeV (see Fig. 4.2 and
discussion in Sec. 4.1). To assess the temperatures produced in merger remnants,
we show the evolution of the maximum temperature and the mass-averaged tem-
perature in Fig. 4.10 for 1.35-1.35 M⊙ BNS simulations.

The highest temperatures are observed at the collisional interface between the
merging NSs, with this contact layer typically having a thickness ranging from
some hundreds of meters to kilometers. It is important to note that the exact
values of Tmax are influenced by numerical resolution, with the general trend indi-
cating an increase in the maximum temperature by a few tens of percent, shown in
Fig. 4.15. We have investigated this resolution dependence by running additional
simulations with about 600,000, 1,200,000 and 2,400,000 SPH particles compared
to our default resolution of about 300,000 SPH particles. The maximum tempera-
tures show a slight increase with higher resolution by at most a few 10 MeV, which
is roughly comparable to the differences between models with and without pions.
However, we observe that relative changes in Tmax over time are independent of the
resolution. While the maximum temperatures can reach around 100 MeV, such
extreme conditions are confined to a small volume within the remnant and do not
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(a) DD2 + π,mπ = Vac.mass (b) DD2 + π,mπ = 170MeV (c) DD2 + π,mπ = 200MeV

Figure 4.12: Ye distribution (top row panels), Yπ distribution (middle row panels)
and Yp distribution (bottom row panels) in the equatorial plane for 1.35-1.35M⊙
BNS systems using DD2+π,mπ = Vac.mass (left column panels), DD2+π,mπ =
170 MeV (middle column panels) and DD2 + π,mπ = 200 MeV (right column
panels). Taken from [278].
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(a) T [MeV] (b) Y c
π

(c) Y thermal
π (d) Yπ0

Figure 4.13: Temperature, Y c
π , Y thermal

π and Yπ0 distribution in the equatorial plane
for a 1.35-1.35M⊙ BNS system using the DD2 + π,mπ = Vac.mass model. The
densities of 2× 1014g/cm3, 4× 1014g/cm3 and 5× 1014g/cm3 are shown by dashed
contour lines. Taken from [278].
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Figure 4.14: Time evolution of the mass-averaged pion fraction Y mavg
π of total

pion fraction Yπ, condensed pion fraction Y c
π and thermal pion fraction Y thermal

π

for 1.35-1.35M⊙ BNS systems. The time zero corresponds to the instant of the
maximum compression during the first bounce after merging (minimum in the
lapse function). Taken from [278].
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Figure 4.15: Time evolution of the maximum temperature for 1.35-1.35M⊙ BNS
systems using SFHo EOS. The solid lines indicate simulations with 300K SPH
particles and the dashed lines indicate simulations with 600K SPH particles. In
addition, we also show the results from the simulation with 1.2 million and 2.4
million SPH particles using dashed-dotted and dotted lines. Due to high computa-
tion cost, these runs were ran only until the first one or few milliseconds after the
merger. The time zero corresponds to the instant of the maximum compression
during the first bounce after merging (minimum in the lapse function).

necessarily correspond to the highest densities. Average temperatures within the
merger remnant are significantly lower and of the order of about 20 MeV. This
suggests that the contribution from thermal pions likely play only a sub-dominant
role in the merger remnant of the systems considered here and the inclusion of
pions in BNS merger simulations overall has a softening effect.

In Fig. 4.10(a), we notice that the models with the softer SFHo EOS exhibit
slightly higher maximum temperatures compared to the models with DD2 EOS.
This can be attributed to the more violent collisions of stars described by the for-
mer EOS, which leads to stronger compression of the remnant. Additionally, there
is the tendency for models incorporating pions to yield slightly lower maximum
temperatures. We also note from Fig. 4.4 that at these high temperatures, the
inclusion of pions can result in a stiffening of the EOSs, a trend which appears to
be relatively independent of the effective pion mass. Since the evaluation of the
temperature is based on individual SPH particles, we caution that they are sus-
ceptible to noise and one should not overinterpret the differences in the maximum
temperature between EOSs. Note that in Fig. 4.15, we also run simulations with
about 600,000 SPH particles for all SFHo models with and without pions. The
evolution of Tmax in the first few milliseconds after merging follows approximately
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the one in the simulations with our default resolution. Only for the model with
mπ equal to the vacuum mass, we find that Tmax is higher (by about 20 MeV)
compared to the run with 300,000 particles. Comparing runs with 600,000 par-
ticles, the model with pion mass equal to the vacuum mass actually features the
highest temperatures in the first milliseconds after merging somewhat in contrast
to the finding for the default-resolution simulations, where the base models yields
the highest Tmax.

Upon directly evaluating the ratio between the number of thermal pions and
pions in the condensate, we indeed find that thermal pions are subdominant in
the hot merger remnant and the primary effects of pions appear to originate from
the condensate (Figs. 4.13 and 4.14 except for the case with mπ = 200 MeV). In
this regard, it is instructive to directly compare the chemical potential difference
µ̂ between neutrons and protons for the base model and the calculation that
incorporates pions. In Fig. 4.11, we show the distribution of µ̂ in the equatorial
plane of the merger remnant for the base DD2 model and the model with pions
which adopts the vacuum pion mass. In the latter case due to condensation, µ̂ is
restricted to the mass of the pion (∼ 139.6 MeV for this case), which otherwise can
exceed more than 200 MeV in the central remnant if pions are not included. For
models with pions where the effective mass is equal to their vacuum mass, a pion
condensate is found to be present throughout the whole high-density region of the
remnant. From the range of µ̂ in the left panel of Fig. 4.11, it is evident that the
condensation of pions in the remnant depends on the chosen effective pion mass.
For instance, µ̂ increases towards the centre and reaches 200 MeV only in the
innermost region of the base model. As a consequence, for mπ = 200 MeV, pion
condensation occurs solely in the centre of the remnant at the highest densities.
This clearly illustrates the significant impact of the effective pion mass on the
production of pions in BNS mergers.

In Fig. 4.12, we display the snapshots of the electron fraction (top panel),
the pion fraction (middle panel) and the proton fraction (bottom panel) for a
1.35-1.35M⊙ BNS merger remnant in the equatorial plane at approximately 18.95
milliseconds after merging. These simulations utilise the pionic DD2 EOSs, where
the columns represent different mπ increasing from left to right. From the presence
of pions, it is obvious that the electron fraction in the remnant which is determined
by µ̂ is affected by both their effective mass and their properties in the progenitor
(see Fig. 4.7).

With the produced number of pions, the proton fraction in the remnant in-
creases while the electron fraction in the remnant remains rather small (Fig. 4.12(a)).
For example, the highest Ye and the lowest Yp is found for the case when mπ =
200 MeV (Fig. 4.12(c)) where less number of pions are produced. Recalling the
simplistic treatment of weak interactions employed in these simulations where neu-
trinos are ignored and electron fraction is advected, both the behaviour of the pion
fraction and the proton fraction are consequences of the advected electron fraction.
They follow similar trends as for equilibrium NSs, i.e. Ye is strongly suppressed
for smaller effective mass with a larger pion fraction and larger proton fraction
(see Fig. 4.7). Despite these simple approximations involved in the treatment of
weak interactions, Fig. 4.12 indicates a potentially significant impact by pions on
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the conditions for the chemical potentials in the remnant and consequently on the
microphysics of weak interactions.

The dependence of the pion content in the remnant on the effective pion mass
is depicted in the middle row panels of Fig. 4.12. As anticipated, the amount
of pion content in the HMNS shrinks in size as the effective mass of the pion
increases. For mπ = 200 MeV, the presence of pions is so significantly suppressed
that it occurs only in the centre where µ̂ reaches more than or equal to 200MeV,
i.e. the effective mass of the pion. As a result, we understand from this panel that
the model with DD2 +π,mπ = 200 MeV should behave very similar to the models
adopting the base EOS.

To examine the distribution of thermal and condensed pions in various re-
gions of the merger remnant, we present the distribution of Y c

π and Y thermal
π in

Fig. 4.13 for the DD2 + π,mπ = Vac.mass model along with the corresponding
temperature distribution. The correlation between thermal pions and local tem-
perature is evident from the hot ring-like structure in the merger remnant shown
in Figs. 4.13(a) and 4.13(c). At relatively lower temperatures, the distribution
of condensed pion fraction, i.e. Y c

π , roughly follows the density distribution in
Fig. 4.13(b). Regarding neutral pions, it is important to note that while the num-
ber of neutral pions increases with temperature, their relative magnitude remains
very low (Fig. 4.13(d)). From Figs. 4.1 and 4.3, we anticipate that the contribu-
tion of neutral pions will only become noticeable at high temperatures, around ∼
100 MeV, corresponding to SPH particles with maximum temperature.

As temperatures and densities rise during the dynamical evolution, more pions
are generated compared to the pion content of the initial stars. This pion produc-
tion is quantified in Fig. 4.14, which presents the mass-averaged fraction of the
total number of pions, condensed pions, and thermal pions as a function of time
for both SFHo and DD2 EOSs.

The production of pions is notably sensitive to the effective pion mass. When
the pion mass equals the vacuum mass, a substantial number of pions is already
present in the initial stars in condensate form, and the additional increase in
the pion fraction during merging is moderate. In models with mπ = 170 MeV, in
addition to the condensate pions during the inspiral, a substantial increase in Yπ is
also observed by about a factor of four during the merger. If the effective pion mass
is as high as 200 MeV, no pions are present during the inspiral. Only subsequent
increase in density and temperature after merging leads to the production of pions,
which are predominantly thermal in nature.

In addition to the pionic contributions, SFHo EOS being inherently softer than
DD2 leads to higher densities in the inspiralling stars and higher temperatures
in the postmerger remnant. For this reason, the production of pions and the
softening effect is more pronounced for models based on SFHo compared to the
models utilising DD2 EOS.
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Figure 4.16: Comparison of the the cross-polarisation amplitude of the GW spectra
for an observer at 20 Mpc along the polar axis with the SFHo and DD2 EOSs for
1.35-1.35M⊙ binaries. The colour scheme is the same as in Figs. 4.9 and 4.10.
Taken from [278].

4.3.2. Gravitational wave signal

Inspiral

The GW signal in BNS mergers contains information on both the dynamical evo-
lution of BNS mergers and the properties of the EOS. During the inspiral, the
GW signal is primarily related to the tidal deformability Λ of the system. When
comparing the models with the base EOS without pions and the models with
modified EOSs adopting the vacuum mass for the effective pion mass, we observe
a reduction of Λ of up to about 10 per cent by the inclusion of pions. From the
mass-radius relations in Fig. 4.8, one can infer the dependence of the tidal de-
formability on the chosen effective pion mass values, and that larger effective pion
masses exhibit a smaller or even negligible impact on the tidal deformability.

These findings, although seem straightforward, serve as a caution that neglect-
ing pions in EOS calculations could introduce a systematic bias, especially if the
effective pion mass in the medium closely approximates its vacuum mass. This
situation is particularly relevant in cases where microphysical parameters of the
EOS, such as the slope of the symmetry energy, are determined from GW inspiral
signal using EOS models that exclusively consider baryonic and leptonic contribu-
tions, thereby omitting the effects of pions. Disregarding pions and consequently
overlooking an additional unaccounted softening in the EOS models could thus
introduce a systematic bias in these parameters. However, it is evident that the
severity of these issues cannot be fully assessed in our current exploratory study,
given the relatively basic inclusion of pions and the arbitrary selection of effec-
tive pion masses. It is conceivable that the influence of pions might become more
pronounced in the case of NSs and BNS systems with higher masses.
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Postmerger

The GW signal may encompass a high-frequency component arising from the post-
merger phase, specifically the dynamic evolution of the NS remnant. In contrast,
the high-frequency emission from a BH forming directly in a prompt gravitational
collapse is weak. If a rotating NS merger remnant is formed, the influence of pions
might be significant due to finite temperatures and higher densities in the post-
merger remnant compared to the inspiralling NSs. The GW emission from a BNS
merger postmerger remnant is primarily characterised by a single, approximately
constant frequency denoted as fpeak. This frequency represents the primary oscil-
lation mode of the central object and manifests as a prominent peak in the GW
spectrum.

In Fig. 4.16, the cross-polarisation amplitude of the GW spectra are depicted
for an observer located at 20 Mpc along the polar axis and BNS systems with
masses of 1.35-1.35M⊙, where the left panel corresponds to models employing the
SFHo EOS and the right panel represents BNS systems with the DD2 EOS. The
primary frequency fpeak is established to closely correlate with the NS radii, serving
as an indicator of the softness of the EOS [27]. The DD2 models exhibit oscillations
at notably lower frequencies, approximately around 2.6 kHz, in contrast to the
SFHo-based EOSs which oscillate at frequencies exceeding 3 kHz.

When considering the influence of pions, we observe that the inclusion of pi-
ons shifts the dominant peak of the GW spectrum to higher frequencies. This
effect is more prominent for smaller effective pion masses, a result that aligns with
the mass-radius relations of these EOSs. In particular, the shift is observed to
be slightly more pronounced for the SFHo-based models, with a modification of
approximately 200 Hz. For an effective pion mass, mπ = 200 MeV, this dominant
peak remains largely unaffected by the inclusion of pions, consistent with the find-
ings in Sect. 4.3.1, indicating a minimal contribution from pions in this particular
model.

Additionally, we observe an impact on the secondary features of the GW spec-
trum, such as subdominant frequency peaks. These secondary features have been
associated, for example, with the formation of massive tidal bulges on the surface
of the remnant or the non-linear coupling of the dominant mode with the quasi-
radial oscillation of the central object (as discussed in detail in [29]). Interestingly,
for models based on SFHo EOS, it seems to be appear that the influence of pions
on these secondary features is more substantial.

We present the frequency shift of the dominant peak and the quantitative im-
pact of the selected effective pion mass in Fig. 4.17, revealing a clear dependence
on mπ. Based on the observed shifts in SFHo based models compared to DD2
based models, this shift suggests a potentially stronger impact of pions in softer
EOSs. Considering that softer models can attain higher densities and tempera-
tures, and thereby a more pronounced influence from pions, this observation is not
unexpected and similar trends in the frequency shift are noted for other binary
masses as well (see Tabs. 4.1 and 4.2).
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Figure 4.17: The dominant postmerger GW oscillation frequency with respect
to the pion mass employed in the modified EOSs for 1.35-1.35M⊙ simulations.
fpeak for the respective base EOS is indicated by the black dashed line. Taken
from [278].

4.3.3. Empirical relations for postmerger GW frequencies

By examining an extensive set of EOS models without pions, several empirical re-
lationships have been widely established in the literature. These relations connect
the dominant postmerger frequency to the intrinsic properties of isolated, cold,
non-rotating NSs, such as their radii or tidal deformability, e.g. [26, 27, 108, 41,
264, 223, 143, 46, 274, 43, 280]. These relationships are significant as they form
the basis for inferring stellar parameters, such as radii and tidal deformability,
from measurements of fpeak, e.g. [53].

Our findings thus far have revealed that the inclusion of pions has an impact
on both the properties of isolated NSs and the characteristics of postmerger GW
emission. Since the empirical relations are derived from models that do not ac-
count for pions, it becomes crucial to examine whether models incorporating pions
comply with these empirical relationships or if there are any deviations. This in-
vestigation is significant because using existing relations for EOS constraints could
introduce a bias if the influence of pions is not properly accounted for.

We also recall that the influence of pions might vary across different regimes.
It is not straightforward to estimate, how the inclusion of pions can affect the
different EOSs at different conditions. As demonstrated in Sect. 4.1, the incor-
poration of pions can result in either a softening or a stiffening of the EOS when
compared to a base model without pions, depending on the temperature. To
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Figure 4.18: Dominant postmerger GW frequency, fpeak versus the radius of non-
rotating 1.6M⊙ NS for 1.35-1.35M⊙ BNS models using the modified SFHo and
DD2 EOSs (crosses) compared to models using different microphysical EOSs which
do not include pions (plus signs). The solid curve is a least squares fit to the data
points of EOSs without pions, with the grey shaded area visualising the largest
deviation of the data from the least squares fit. Taken from [278].

address this aspect, we approach the issue by examining mass-dependent empiri-
cal relations [43], specifically focussing on relations for a fixed total binary mass.
These relations offer the most stringent correlations, making it easier to pinpoint
potential deviations. In our analysis, we concentrate on binaries with a total mass
of 1.35-1.35 M⊙.

Figure 4.18 illustrates the relationship between fpeak and the radius R1.6 of
nonrotating NSs with a mass of 1.6 M⊙ [27]. The plot incorporates results from
our recent calculations and previous data from [43] for a broader range of EOSs,
which do not account for pions. The solid black line represents a least squares
polynomial fit to the data from [43], describing the behaviour of EOS models
without pions. The shaded band illustrates the maximum scatter in this relation
and its width is set to match the maximum residual between the fit and the data.

The figure demonstrates that the incorporation of pions does not result in sig-
nificant deviations from the empirical fpeak-R1.6 relation. The presence of pions
alters both the postmerger GW emission and the properties of nonrotating NSs.
Thus, the modifications by pions to a large extent cancel each other. Only for the
SFHo model with mπ equal to the vacuum mass of pions, fpeak shifts to higher
frequencies, making it marginally compatible with the inherent scatter of this rela-
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Figure 4.19: Dominant postmerger GW frequency, fpeak, versus the tidal deforma-
bility Λ of 1.35-1.35M⊙ BNSs using modified SFHo and DD2 EOSs (crosses) com-
pared to models using different microphysical EOSs which do not include pions
(plus signs). The solid curve is a least squares fit to the data points of EOSs
without pions, with the grey shaded area visualising the largest deviation of the
data from the least squares fit. Taken from [278].

tion defined by the shaded band (as discussed in detail in [149] regarding frequency
deviations in empirical relations for the postmerger GW signal). These findings
suggest that, at most, there might be a slight bias for soft EOSs, implying that
the actual relation could slightly shift towards higher frequencies if the effective
pion mass is close to its vacuum value.

A comparable scenario emerges for the relationships that connect the dominant
postmerger frequency and the tidal deformability, which is described in works
such as [264, 41, 43] and demonstrated in Fig. 4.19. Once again, models that
incorporate pions align with the relationships established from models without
pions. The SFHo + π,mπ = Vac.mass model results in a slightly more noticeable
frequency shift, and in this case, it is only marginally compatible with the relation.

Furthermore, we explore a relationship that links the dominant postmerger
frequency and the maximum rest-mass density, ρmax

max, which occurs during the ini-
tial stages of the evolution of the postmerger remnant. Specifically, this refers to
the highest maximum rest-mass density observed within the first five milliseconds
after merging [31, 43]. This correlation proves valuable, as it allows for an esti-
mation of the density regime of the central object. Figure 4.20 shows that models
incorporating pions also comply with this relation with high accuracy, and no sig-
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nificant deviations are observed. In comparison to the base model, the calculation
that incorporates an effective pion mass equal to the vacuum mass shows a slight
increase in ρmax

max. This observation aligns with the trends depicted in Figs. 4.9(a)
and 4.9(b), both of which illustrate an enhanced softening of the EOS due to the
inclusion of pions with this specific effective mass. This particular model exhibits
the highest pion content, primarily in condensate form, as illustrated in Fig. 4.14.
Consequently, it results in the most substantial shifts observed in Fig. 4.18, 4.19
and 4.20, with shifts not only parallel to the black solid lines, but also perpendic-
ular to them. Therefore, it is not entirely implausible that more extreme models
with even higher pion content could potentially result in slightly stronger devia-
tions from the various empirical relations. However, considering that our models
already encompass a comprehensive coverage of the allowed parameter space, more
significant deviations appear improbable.
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4.3.4. Threshold mass

The high-density EOS plays a crucial role in shaping the outcomes of BNS mergers.
It governs the nature, evolution, and stability of the merger remnants, which can
either lead to the formation of a BH for high total binary masses or result in the
creation of a massive, rotating neutron star if the total mass of the system does
not surpass the threshold mass for a prompt gravitational collapse. Therefore, it
is necessary to explore whether pions have an effect in this context as well.

We focus our attention on the threshold binary mass Mthres for prompt BH
formation. This measure serves as a general indicator of the stability of the rem-
nant formed during a BNS merger. Similar to previous studies [24, 34, 33], we
calculate Mthres by conducting simulations with varying total binary masses Mtot

for a specific EOS model. From this series of calculations, we determine the model
with the highest Mtot = Mstab that does not experience a direct collapse to a BH.
Simultaneously, we identify the lightest system with Mtot = Munstab that promptly
forms a BH. The threshold mass Mthres is then defined as,

Mthres = 0.5(Mstab +Munstab). (4.1)

To differentiate between prompt BH formation and a delayed gravitational col-
lapse, we analyse the evolution of the minimum lapse function αmin. If αmin con-
sistently decreases after initial contact, it indicates a prompt collapse. On the
other hand, if αmin stabilises and starts to increase, indicating a bounce in the
merger remnant, we classify this behaviour as a delayed collapse. In addition to
other possible numerical errors in the simulations, the method and definition of
Mthres used in this study indicate that Mthres can only be determined with a finite
level of accuracy. For each EOS model, we calculate the threshold mass to be at
least within a range of ±0.02 M⊙, i.e. Munstab −Mstab = 0.04 M⊙.

Table 4.3 provides a comprehensive list of threshold masses for all the EOS
models analysed in this study. Please note that the values for Mthres for our
base models may slightly differ from those presented in [33] for the same EOS.
This discrepancy arises because Mthres is determined using the above mentioned
bracketing method based on the results of binary simulations with other total
masses. In this study, we achieve a higher accuracy in determining Mthres within
±0.02 M⊙ compared to [33]. It is essential to highlight that despite the slight
differences in the threshold masses, the outcomes of the respective simulation
data are entirely consistent with each other.

In both base EOS models, the systematic inclusion of pions leads to a consistent
reduction in Mthres. Within a given base model, this decrease is more pronounced
for smaller mπ and can be as substantial as 0.08 M⊙ (approximately two percent
of Mthres). This aligns with the observed behaviour in the analysis of the GW
emission, where smaller effective pion masses result in a more significant overall
softening of the EOS. Interestingly, this behaviour might not be immediately intu-
itive since the inclusion of pions, independent of the effective mass values, actually
leads to a stiffening of the EOS in the regime of very high temperatures. However,
it appears that the overall softening has a more substantial impact on the stability.
This phenomenon could be explained by the fact that only a tiny volume of the
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Figure 4.21: Threshold binary mass for prompt collapse as a function of the radius
R1.6 of a 1.6 M⊙ NS and the maximum mass Mmax of nonrotating NSs. The blue
dots display the results for EOS models without pions, and the blue plane shows
a least squares fit to these data (set “b” from [33]). Vertical lines visualise the
deviation between the respective data point and the fit (plane). The red dots
show the data for the simulations with the EOSs employed in this study including
pions. Taken from [278].

remnant features conditions where stiffening by pions could occur, while the rest
of the remnant experiences a considerable softening effect.

Similar to the features of the GW signal, the threshold mass for prompt BH
formation also follows several empirical relations. These relations describe Mthres

as a function of stellar parameters of cold, nonrotating neutron stars (NSs). Several
such relations have been proposed, derived from the analysis of a large and diverse
set of EOS models without pions [24, 30, 133, 34, 9, 33, 271, 125, 132]. These
empirical relations usually rely on two key stellar parameters, with one of them
being the maximum mass Mmax of nonrotating NSs. Here we test an approach
that involves a bi-linear ansatz,

Mfit
thres(Mmax, Y ) = aMmax + bY + c, (4.2)

with fitting parameters a, b and c, while Y being either the radius R1.6 of a 1.6M⊙
NS or radius Rmax of a non-rotating neutron star at its maximum mass or tidal
deformability Λ1.4 of a 1.4M⊙ NS or tidal deformability Λ̃thres measure at the half
of the threshold mass [34, 33]. All these stellar parameters are detailed in Tab. 4.3.
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The inclusion of pions in an EOS model leads to simultaneous changes in the
stellar parameters of cold, nonrotating neutron stars and the threshold mass for
BH formation. Therefore, it is crucial to verify whether models incorporating pions
comply with the empirical relations derived from fits to EOS models without pions.
These relations are used to establish constraints on neutron star properties and
interpret BNS merger observations [34, 33]. In Table 4.3, we provide the estimated
threshold mass for all models in this study using empirical relations constructed
based on EOSs without pions [33]. We insert the stellar parameters from both our
modified EOS tables and the original EOS tables. Specifically, we list estimates
based on the fits numbered 1, 15, 29 and 43 in [33], which utilise the EOS set
labelled “b” containing viable EOS models without phase transition to deconfined
quark matter.

Models with pions closely follow these relations with exceptional accuracy,
and no significant deviations were found. The differences between the fits and the
actual threshold mass are provided in Tab. 4.3. These deviations are generally
small, especially when compared to the maximum residuals of the fits given in
Tab. 4.3. The accuracy of the fits is further demonstrated in Fig. 4.21, which
illustrates Mfit

thres(Mmax, R1.6). The models incorporating pions (red data points)
do not exhibit significant deviations. A similar behaviour is also observed for other
empirical relations, as detailed in [33].

Thus, in general, this comparison shows that the empirical relations for Mfit
thres

are accurate and can be effectively employed, even though they do not account for
the presence of pions. This is primarily due to the fact that pions influence both
the threshold mass and the stellar parameters of neutron stars in such a manner
that the resulting effects nearly cancel each other out. As a result, EOS constraints
based on relations for the threshold mass, such as those presented in [35, 32, 33],
remain unaffected by the exclusion of pions.

4.3.5. Mass ejection

Finally, we focus on the mass ejection in BNS mergers, a crucial aspect necessary
for the nucleosynthesis of heavy elements via the rapid neutron-capture process
and for the generation of electromagnetic counterparts, kilonovae, e.g. [78, 21,
252, 160, 29, 214, 177, 60, 234, 116]. Certainly, a crucial parameter of interest is
the ejecta mass Mej, as it significantly influences the production of heavy elements
and the characteristics of the resulting electromagnetic transient. Mass ejection in
BNS mergers comprises various phases. The simulations discussed here specifically
assess the dynamical ejecta, referring to the material that becomes gravitationally
unbound during the first few 10 milliseconds following the merger.

Figure 4.22 displays the amount of unbound material as a function of time
for the EOS models derived from SFHo (left panel) and DD2 (right panel) for
1.35-1.35 M⊙ binaries. It is evident that the dynamical mass ejection is increased
in models incorporating pions, and smaller effective pion masses tend to produce
larger amounts of unbound matter. This behaviour is in line with the expecta-
tion that softer equations of state leading to smaller neutron star radii result in
larger ejecta masses, a phenomenon observed in studies that ignore the effects of
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Figure 4.22: Time evolution of the ejecta mass for 1.35-1.35M⊙ BNS mergers using
modified SFHo EOSs and DD2 EOSs along with their base EOSs. The time zero
corresponds to the instant of the maximum compression during the first bounce
after merging (minimum in the lapse function). Taken from [278].
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Figure 4.23: Time evolution of the torus mass for 1.35-1.35M⊙ BNS mergers using
modified SFHo EOSs and DD2 EOSs along with their base EOSs. The time zero
corresponds to the instant of the maximum compression during the first bounce
after merging (minimum in the lapse function). Taken from [278].
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pions [25, 109]. Nevertheless, the softening effect due to the inclusion of pions is
relatively subtle, and neutron star radii do not exhibit significant changes, espe-
cially for larger effective pion masses. Given this, the observed impact of pions,
as depicted in Fig. 4.22 appears to be stronger than anticipated.

Considering previous research works, one would anticipate Mej to increase by
only a few percent if neutron star radii decrease by one or two percent. This expec-
tation is based on fit formulas linking the ejecta mass and neutron star radii, as il-
lustrated, for instance, in Fig. 22 of [116], which relies on fits from [70, 57, 135, 183].
However, in Fig. 4.22, it is observed that there is an increase of more than 20%
in the dynamical ejecta mass for models employing effective pion masses equal to
their vacuum values. Specifically, for models employing effective pion mass values
of 170 MeV and 200 MeV, the change in the NS radius is subdominant whereas
we see a considerable increase in the ejecta mass values. The absolute values of
the dynamical ejecta mass Mej for the base models in Fig. 4.22, approximately 10
milliseconds after merging, align with the results presented in [25], where Mej is
determined at the same time. Moreover, typical estimates from existing fit for-
mulas are roughly consistent with the observed Mej values around 10 milliseconds
after the collision. It is important to note that the relationships between Mej and
neutron star parameters typically exhibit large uncertainties. The ejecta mass is
a highly sensitive quantity to numerical methods, and simulations may not be
fully converged due to numerical limitations, in addition to the potentially miss-
ing physics in the calculations (as discussed in [116]). This sensitivity to various
factors might explain the absence of a precise hierarchy concerning mπ.

SPH simulations conducted with different numbers of particles (without neu-
trinos) as demonstrated in [25] reveal that the ejecta mass can vary by several tens
of percent. In these cases, Mej does not exhibit a clear trend with particle number,
but rather appears to fluctuate statistically. Therefore, the differences observed in
Fig. 4.22 are only tentative, but caution that ignoring the effects of pions might
have a more significant impact on mass ejection than implied by the changes in the
properties of cold, nonrotating NSs. These findings could significantly impact at-
tempts to deduce EOS constraints from observed kilonovae events, as highlighted
in studies such as [57]. It is crucial to recognise that the inclusion of pions affects
the EOS in a complex, non-continuous manner across different regimes, involving
both softening and stiffening with respect to a base model. This intricate interplay
might also contribute to the observed behaviour illustrated in Fig. 4.22.

We note that only an exceedingly small fraction of the ejecta (< 1% for SFHo,
0% for DD2) is produced from densities beyond the threshold density where the
pion condensation sets in at about 3 × 1014 g/cm3 in beta-equilibrium (as shown
in Fig. 4.7). Hence, in merger models with pions, the initial proton fraction of the
ejecta remains basically unaffected compared to the base model. This observation
suggests that the influence of pions on the composition of the ejecta might be a
secondary effect, even when weak interactions are considered in the simulations.

Figure 4.23 illustrates the evolution of the torus mass as a function of time. As
a coarse estimate, the torus is defined as the material with density below 1013g/cm3

and provides a rough estimate of the amount of secular ejecta, which constitutes a
fraction of a few tens of percent of the torus material (see, e.g., [119] for a detailed
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analysis of torus ejecta). Similar to the dynamical ejecta, we aim to investigate
whether the inclusion of pions has an impact on the torus mass since the same few
tens of percent of torus mass can become unbound, influence the r-process, and
the resulting kilonova. Similar to ejecta mass, in Fig. 4.23, we observe an increase
in the torus mass for models that incorporate pions, indicating an increasing trend
toward softer equations of state (with the exception of the DD2-based EOS with
mπ = 200 MeV).

We also consider fitting formulas that establish relationships between the torus
mass and the TOV properties. These formulas are derived from simulation results
and are compiled in Fig. 23 of [116], which includes formulas from [68, 135, 183]. It
is important to recognise that these relations are approximate, and that different
fitting formulas exhibit significant variations. However, they generally suggest
that softer equations of state lead to smaller torus masses. Therefore, these fit
formulas predict that changes in TOV properties induced by the inclusion of pions
would result in a decrease in the torus mass, contrary to our observed findings.
This demonstrates the complexity of the impact of pions on the torus mass and
highlights the need for further detailed investigations in this regard.
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5. Conclusions

5.1. Systematic study of BNS mergers with

neutrinos

In the first part of the thesis, we successfully ran a comprehensive set of BNS
merger simulations that include neutrinos with an advanced state of the art
leakage-equilibration-absorption scheme [16]. We investigate in detail the dynam-
ical mass ejection, the properties of the ejecta, and the associated nucleosynthesis
yields produced from mergers.

We first investigate exemplarily a 1.35-1.35M⊙ BNS merger using the SFHo
EOS [105, 104, 262] and focus on the influence of neutrinos and mass ejection. For
comparison, we also simulate a BNS merger with the same initial setup and by
turning off the neutrinos at the merger when the minimum of the lapse function
occurs [136]. For the run with neutrinos, we observe a decrease in the mass of the
ejecta and in the temperatures of the ejected material, due to considerable cooling
resulting from the emission of neutrinos. We also find a significant increase in
the Ye values of the ejected material compared to simulations without neutrinos,
since the source term of neutrinos (Eq. 2.18) is the one that drives the overall
Ye distribution from the initial cold β-equilibrium values (see Fig. 4.7) to higher
values, through weak interactions.

The distribution of Ye and the characteristics of most ejecta agree with existing
simulations [248, 217, 136, 96, 92, 182, 40, 207, 42, 63], where higher Ye values
are found along the polar axis and lower values are found near the equatorial
direction. In contrast to numerous simulations in the literature, our calculation
does not collapse into a BH at the end of our simulation. We observe higher
temperatures in the composition of the ejecta and a wider range of Ye values.

We perform full nucleosynthesis network calculations based on the trajecto-
ries extracted from this simulation with neutrinos. Along the polar direction,
the ejecta which are observed to exhibit higher values of Ye result in a notable
reduction in the abundance of heavy elements. Consequently, the production of
lanthanides along the polar direction decreases as we move closer to the polar
z-axis. Despite the reduction in the amount of lanthanides, the nucleosynthesis
yields from the dynamical ejecta are observed to produce a wide range of r-process
heavy elements and exhibit a more robust second and third r-process peaks within
the isotopic abundances that closely resemble the solar abundance [99]. There-
fore, we observe a distinct correlation between the initial Ye composition of the
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ejecta at the beginning of the nuclear network calculations and the resulting heavy
elements.

We then conduct a systematic study of BNS merger simulations with neutrinos
using the SFHo and DD2 EOS. This study encompasses varying total masses and
mass ratios while focussing on the dynamics and evaluating the correlation between
the mass of dynamically ejected material and its characteristics with respect to
variations in the binary parameters and the NS EOS.

Comparing the dynamics of postmerger evolution between the symmetric bi-
naries and the corresponding asymmetric binaries with the same total mass, we
observe a systematic decrease in the dominant postmerger oscillation frequencies
fpeak to lower values and find a relatively quick approximate plateau of maximum
densities within the remnants of asymmetric mergers. In addition, we also observe
higher temperatures, higher average electron fractions, and a resulting higher neu-
trino luminosities in the merger remnants of asymmetric mergers. When compar-
ing the neutrino luminosities of different neutrino species, a hierarchy is observed
between the luminosities of electron antineutrinos, heavy lepton neutrinos and
electron neutrinos, i.e. Lν̄e > Lνx ≥ Lνe , which is consistent with the results pre-
sented in [16]. This hierarchy is found to be preserved in most of the simulations
at least until the first few milliseconds after the merger.

Looking at the ejecta properties, we observe an overall increase in the mass of
the ejecta for simulations that feature higher total masses and larger asymmetry
of the binary mass. For a given total mass, we find that higher temperatures are
generated within the ejecta with a more spherical distribution of the ejecta mass
per unit solid angle for mergers with greater asymmetry. Despite this increase
in the temperatures of the ejected particles, we identify that the typical neutron
richness of the dynamically ejected material in asymmetric mergers tends to be
comparatively higher than that of their symmetric counterparts, consistent with
the findings in other works [248, 92, 136, 120, 183, 40]. Specifically, the number
of particles ejected from the larger radii of the central remnant is found to be
comparatively higher than that of the symmetric mergers. These particles ejected
from the larger radii experience less neutrino irradiation and do not change much
of their Ye values (from Eq. 2.18), thus preserving the neutron-richness of the
material, and contributing less to the increase in the average Ye value of the ejecta.

5.2. Systematic study of BNS mergers with

pions

In the second part of the thesis, we investigate in detail the impact of pions on
BNS mergers. For decades, the existence of pions has been speculated in the cores
of NSs, but has been neglected in almost most of the currently available BNS
merger simulations and the widely used EOS models. The study presented in this
thesis is basically the first study of the impact of pions in the context of BNS
mergers.

We use a temperature- and composition-dependent SFHo and DD2 EOSs [105,
104, 262, 275, 105, 276] and incorporate pions as a free, non-interacting Bose gas.
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We consider both neutral and charged pions, which can exist as either condensate
or thermal ones. We assume that the effective mass of the pion is constant under all
thermodynamical conditions and consider three different chosen values of constant
effective mass by adopting the vacuum mass of the pion, 170 MeV and 200 MeV.

Compared to models that do not include pions, the addition of pions leads to a
softening of the EOS for isolated, cold NSs in neutrinoless beta-equilibrium. This
is because the appearance of pions as a condensate does not add any additional
pressure but affects the total pressure at a given Ye by changing the composition,
equilibrium conditions, and baryonic contribution. For a given NS mass, the
introduction of pions results in a decrease in both the maximum mass and the
radius of the NS, showing an inverse correlation with the chosen effective mass.
As the effective mass of the pion approaches its vacuum value, the reduction in
radii reaches a maximum of about ∼ 200 m. In particular, the tidal deformability
shows a potential variation of up to 10 percent when the pion mass is equal to
its vacuum value. This shift could significantly influence the inference of the EOS
from a GW analysis of the inspiral, especially if the microphysical parameters of
nuclear matter used in EOS models do not consider the presence of pions.

We then conduct relativistic hydrodynamical simulations using various EOS
models, both with and without the inclusion of pions. We do not find any quali-
tative differences concerning the general dynamics between simulations with and
without pions. Although the treatment of weak interactions in our simulations is
rather basic and only advects the initial electron fraction, we observe a significant
change in the value of the electron fraction depending on the chosen value of the
effective mass. A more sophisticated approach of weak interactions requires the in-
clusion of neutrinos. Since the presence of pions implicates the presence of muons,
the inclusion of muons also become necessary. We provide a brief estimate of the
potential impact of muons in the Appendix C. Our analysis suggests that while
pions might substantially impact the stellar structure for effective pion masses
near vacuum values, the introduction of muons yields relatively minor changes.

Analysing the GW signals from our simulations, we observed an increase in the
dominant post-merger GW frequency, fpeak, up to 200 Hz in simulations with pions
compared to the base model. This frequency shift is more pronounced in scenarios
featuring smaller effective pion masses. We evaluate how these changes affect the
empirical relationships established between the stellar parameters of NSs and the
dominant post-merger frequency (e.g. [26, 27, 108, 30, 41, 264, 223, 143, 46, 274,
43, 280]) based on EOSs that neglect pions. We find that these established rela-
tionships still remain valid to good accuracy and justify the continued utilisation
of these established relationships for EOS inference in GW observations. We also
explore the effect of pions on the threshold binary mass Mthres for prompt BH
formation. We observe that the overall softening of the EOS due to the presence
of pions leads to a decrease in Mthres of up to 0.07 M⊙, with a pronounced decrease
for smaller pion masses. Despite these changes, the empirical relations for Mthres

established based on models without pions [33] are still found to be valid.

Considering the mass ejection in BNS mergers, we find that the presence of
pions results in an increase about a few tens of percent compared to models with-
out pions. It has been reported that the properties of the ejected material such
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as the mass of the ejecta, are related to the characteristics of non-rotating neu-
tron stars [25, 109]. However, we observe that the increase in ejecta mass in
models including pions is more substantial than one might expect solely based on
the changes observed in the stellar parameters of cold, non-rotating stars. This
discrepancy could potentially signify a systematic bias, impacting attempts to de-
duce stellar parameters of NSs from the observations of kilonovae. Nevertheless,
we caution that ejecta properties are generally challenging to precisely determine
and that there exist considerable uncertainties and inherent scatter in the rela-
tionships that describe kilonova features as a function of NS properties.

5.3. Outlook

We note that the simulations of the BNS mergers with neutrinos presented in
chapter 3 are used as a starting point for many sophisticated kilonova models [55,
254, 56] and end-to-end models [122]. Despite the advances, these models still lack
in explaining certain features of the kilonova AT2017gfo. Specifically, the mass
of the ejecta obtained from our simulation (see Sec. 3.1) is quite low compared
to the inferred mass of AT2017gfo, which is about a few 0.01M⊙. This is due to
the fact that all our simulations are run only until the first 20ms after the merger
(because of the high computational costs) and thus consider only the dynamical
ejection. It is important to note that our simulation does not collapse into a BH
within this dynamical period and still continues to eject mass through different
channels.

Thus, a computationally efficient, higher resolution, long-term simulation with
an accurate modelling of neutrino transport is necessary to accurately describe
the observed kilonova. In pursuit of this objective, our future goals are dedicated
in terms of producing a large set of long-term simulations, for a parameter study
with different binary masses, EOSs, ratios, and an extensive analysis of the results
with nucleosynthesis and radiative transfer calculations.

In addition to kilonova modelling, it is also important to properly understand
the systematic shifts observed in the dominant postmerger oscillation frequencies
of asymmetric binaries discussed in Sec. 3.2.1. Many of the empirical relations in
the literature [27, 26, 264, 41, 29, 43] that connect these frequencies to the stellar
properties of a NS generally deal with equal mass binaries. It is of essential impor-
tance to understand how these observed systematic shifts affect these empirical
relations when considering asymmetric mergers with different total masses and
different EOSs. Future research work will also focus on this.

Regarding pions, further research needs to be conducted to improve the initial
evaluation of the impact of pions on BNS mergers. We have described pions as
a non-interacting Bose gas and selected a fixed pion mass, which only provides a
rough description of the effective interactions at these high-densities. Therefore,
it is essential to properly take into account these effective interactions [186, 117,
272, 80] and consider more EOS models. In addition, a more advanced analysis of
weak interactions is also necessary to comprehend the effect of pions on the ejecta
composition, since our basic simulations already suggest a potentially significant
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influence. Specifically, the presence of pions affects the composition of NS matter,
changes the electron fraction, and leads to the presence of muons from its decay
channels. As a result, comprehensive studies that attempt to properly understand
the impact of pions on the properties of the ejecta should include both muons and
neutrinos. This is also one of our goals for future work.

In addition to the presence of pions, there exist a few hypotheses on the com-
position of NS matter at high densities. One of them is the presence of quarks
in the cores of the NSs and another one is the presence of an additional cooling
effect from the hypothesised axion-like particles. It is important to understand the
effects of these subatomic particles on the EOS and the subsequent implications
for nucleosynthesis and kilonova models. Thus, a detailed study of BNS merger
simulations with neutrinos in the presence of quarks and BNS merger simulations
with axion cooling in addition to the existing neutrino cooling, is planned in the
very near future.
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A. Comparison of a simulation
with hybrid MPI parallelisation
to a standard simulation

We implement a hybrid MPI parallelisation to overcome the high computational
periods involved in the calculation of the diffusion timescale and in the absorption
module as discussed in Sec. 2.2.2. Here, we make a detailed comparison of the all
relevant hydro and thermodynamical quantities from a 1.375-1.375M⊙ BNS merger
simulation with hybrid MPI parallelisation (referred to as “MPI”) with those from
a corresponding standard simulation without MPI (referred to as “STD”). It is
important to note that we do not expect the results to be exactly identical, since
there exists intrinsic scatter in these simulations even for the same setup run twice.
In addition, in simulations with MPI parallelisation, we also use the approximation
where we keep the neutrino source terms constant and evolve them only on every
second timestep, for a further speedup. Nevertheless, we expect the qualitative
behaviour of the results to be highly similar.

In Fig. A.1, we provide a comparison of various parameters, including the
minimum lapse function αmin, plus polarisation amplitude, the maximum density
ρmax, the total luminosity of neutrinos, antineutrinos and heavy neutrinos, the
maximum and the mass averaged temperature, the total ejecta mass and the mass
averaged electron fraction, Y mavg

e , between simulations with and without hybrid
MPI parallelisation. Indeed, we find an agreement between the standard simu-
lation (STD) and the one with hybrid MPI parallelisation (MPI). Despite some
quantitative differences in the neutrino luminosity, they all behave very similar.
Additionally, it is worth noting that the differences observed in certain quanti-
ties can be attributed to the neutrino grid size. In the standard simulation, the
neutrino grid size is increased from 289 grid cells to 305 grid cells, depending on
the number of particles outside the grid. Conversely, in simulations with hybrid
MPI parallelisation, the grid size is maintained at 305 cells throughout the en-
tire simulation period. This variation in grid sizes can account for some of the
discrepancies observed in the simulation results.

In typical simulations utilising hybrid MPI parallelisation, we allocate a total
of 20 processes distributed across 5 nodes, with 4 processes assigned to each node.
Alongside MPI parallelisation, standard simulations also incorporate OpenMP
(OMP) parallelisation. We typically employ 24 threads for OMP parallelisation,
in addition to MPI. In total, each simulation utilises 480 cores over a period of

99



0 10 20
t [ms]

0.3

0.4

0.5

0.6

0.7

α
m

in

STD

MPI

0 10 20
t [ms]

−1.0

−0.5

0.0

0.5

1.0

h +
(2

0M
pc

)

×10−21

Mtot = 2.75

0 10 20
t [ms]

0.4

0.6

0.8

1.0

1.2

1.4

1.6

ρ
m

ax
[1

015
g/

cm
3 ]

0 10 20
t [ms]

0

2

4

6

L ν
e[

10
52

er
g/

s]

0 10 20
t [ms]

0

5

10

15

L ν̄
e[

10
52

er
g/

s]

0 10 20
t [ms]

0

2

4

6

8

L ν
x[

10
52

er
g/

s]

0 10 20
t [ms]

0

20

40

60

80

100

120

T
[M

eV
]

Tmax

Tm,avg

0 10 20
t [ms]

0.000

0.002

0.004

0.006

0.008

0.010

0.012

M
ej
[M
�

]

0 10 20
t [ms]

0.0575

0.0600

0.0625

0.0650

0.0675

0.0700

Y
m

av
g

e

Figure A.1: Comparison of the hydro and thermodynamical quantities from a
1.375-1.375M⊙ BNS merger simulation with hybrid MPI parallelization (MPI)
and the respective standard simulation without MPI (STD). First row compares
the minimum lapse function αmin, plus polarisation amplitude and the maximum
density ρmax. Second row shows the total luminosity of neutrinos, anti-neutrinos
and heavy neutrinos. And, the third row compares the maximum and average
temperature, the total ejecta mass and the mass averaged electron fraction, Y mavg

e .
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3-4 weeks, covering several milliseconds post-merger. It is important to note that
the simulation duration is highly dependent on factors such as the EOS, the total
mass of the binary system, and other relevant parameters.
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B. Neutrino grid cell resolution in
SPH simulations
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Figure B.1: The isotropic-equivalent luminosities (displayed on the top) and mean
energies (shown at the bottom) are plotted as functions of polar angle for electron
neutrinos (indicated by solid lines) and electron antineutrinos (represented by
dashed lines). These results are obtained for various grid cell sizes ∆x of the
uniform Cartesian grid on which the ILEAS neutrino scheme is implemented.
Taken from [122].

The neutrino scheme ILEAS, coupled to our SPH hydro solver calculates the
source terms associated with neutrino emission and absorption on a uniform Carte-
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sian grid. In this Appendix, we conduct a brief study to assess the influence of
this grid resolution on basic neutrino quantities, following [122]. Conducting a
comprehensive resolution study, especially considering a larger neutrino grid size
involving a substantial number of grid cells throughout the entire dynamic evolu-
tion, demands extensive computational resources and memory requirements. Due
to this limitation, we instead opt to choose a snapshot from our symmetric merger
model used in [122] at tpostmerger ≈ 5 ms and run only the neutrino evolution on it,
keeping all hydrodynamic quantities fixed.

For various cases of the grid resolution ∆x, Fig. B.1, top panel depicts the
resulting polar-angle dependent isotropic-equivalent luminosities of neutrinos and
antineutrinos, L = 4πr2Fr (with radial neutrino flux Fr) measured at r = 100 km.
The bottom panel depicts the same but the mean energy of neutrinos and an-
tineutrinos, ⟨ϵ⟩, measured at r = 100 km. The resolution dependence appears
to be relatively gentle, implying that the grid cell size of ∆x = 0.738 km used
in our regular dynamical simulations is adequate. This also guarantees that the
discretization errors related to the grid are insignificant and that the results are
valid, at least for the initial postmerger stage, lasting up to several tens of mil-
liseconds [122].
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C. Inclusion of Muons
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Figure C.1: Gravitational mass versus NS radius for the Base, Base+π, Base+µ
and Base+π+µ models with SFHo(left) and DD2(right) as base model. Taken
from [278].

In chapter 4, we focus on the impact of pions on BNS mergers. However, we
do not consider muons, which one should expect to be also present in NS matter
despite being neglected in many currently available EOS tables (see [45, 152, 12] for
the incorporation of muons in simulations of core-collapse supernovae and neutron
star mergers). From Fig. 4.11, one can observe that within a neutron star merger
remnant, the chemical potential of electrons can readily reach the rest mass value
of muons (i.e., 105.7 MeV) as one moves towards the centre of the remnant. Since
muons are the dominant decay products of pions, a reliable modelling in principle
should also account for the presence of muons. Given that our primary interest
lies in the effects on the GW signal and the collapse behaviour, both of which
are primarily determined by the high-density regime of the EOS, we evaluate the
influence of muons by examining stellar equilibrium solutions of isolated stars,
following [278].

The evaluation of muons in EOS tables is conceptually straightforward, as they
can be treated as an ideal Fermi gas similar to electrons. However, adding muons
to existing tables necessitates minor adaptations because the base models calculate
the contributions of different constituents by assuming charge neutrality between
protons, electrons, and positrons. The addition of muons and pions alters the
conditions for charge neutrality. To incorporate muons into existing EOS tables,
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we begin by removing the contributions from electrons (and positrons for T > 0)
from the base model, similar to our approach for adding pions. Subsequently, at
each point of the EOS table, we recompute the contributions of all considered
leptons and pions, taking into account the updated relations for charge neutrality
and chemical equilibrium. We analyse stellar configurations under conditions of
zero temperature and neutrinoless β-equilibrium. Additionally, we explore stel-
lar models at finite temperatures to simulate the behaviour of merger remnants.
For this, we select a finite temperature of 20 MeV and maintain a fixed lepton
fraction. At each point of the EOS table corresponding to this temperature, we
solve the conditions for charge neutrality, assuming chemical equilibrium among
the nucleons, leptons (including electrons, muons, their antiparticles, as well as
the respective neutrinos and antineutrinos), and the pions. It is crucial to empha-
sise that this analysis is intended to estimate the influence on GWs and the bulk
properties of NSs and BNS mergers. These properties are primarily determined
by the high-density EOS, where the assumed conditions of chemical equilibrium
are well justified.
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Figure C.2: Gravitational mass versus NS radius for the Base, Base + π,
Base+µ+νe+νµ, Base+π+µ+νe+νµ for a fixed electronic lepton fraction Ylep,e =
0.04, and muonic lepton fraction Ylep,µ = 0.015 (if muon and muon neutrinos are
present) at temperature T = 20 MeV with SFHo(left) and DD2(right) as base
models. For these calculations the surface of the stars is defined at a rest-mass
density of 1014 g/cm3. Taken from [278].

By following the described procedure, we create various versions of the EOS
tables at zero temperature, using the SFHo and DD2 base models: the base model
with pions only, the base models with muons only, and the base model with
muons and pions. For each version, we establish the beta-equilibrium EOS at zero
temperature and calculate TOV solutions. These TOV solutions are illustrated in
Fig. C.1, with the left panel representing the model based on SFHo EOS and the
right panel representing the model based on DD2 EOS.

Incorporating muons without pions results in a subtle softening of the EOS,
leading to slightly smaller NS radii. However, the softening effect produced by the
presence of pions is comparatively more significant than that produced by muons.

106



For example, it leads to a more substantial reduction in both the radius and the
maximum mass of the NS. Remarkably, the inclusion of muons in an EOS already
containing pions has an almost negligible impact. This result is expected because
the presence of pions restricts the chemical potential difference µn−µp to the mass
of the pion. Therefore, in the context of neutrinoless beta-equilibrium, where µn−
µp = µe = µπ = µµ, the production of muons is suppressed, and their impact on
the EOS is limited as µµ cannot significantly increase. The suppression of muons
is more restrictive in models with relatively small effective pion masses, making
the neglection of muons a reasonable approximation. Nevertheless in scenarios
where higher effective pion masses are considered, this suppression becomes less
restrictive and the inclusion of muons in the EOS could become more relevant. In
these situations where the inclusion of pions has a relatively minor impact on the
EOS (as discussed in Sect. 4.3.1), the modifications introduced by muons might
become somewhat more significant. This is evident from the case where only
muons are considered in the base model.

In the case of finite-temperature EOS models where neutrinos are also con-
sidered (see Fig. C.2), we fix the electronic lepton fraction to Ylep,e = 0.04 and
the muonic lepton fraction to Ylep,µ = 0.015 (when muons and muon neutrinos
are present). This configuration broadly approximates conditions within BNS
merger remnants. In addition, since neutrino are completely trapped at these
high-densities, we also assume that the initial electron and muon lepton fractions
of the original cold NSs are approximately preserved during the merger. To more
accurately evaluate the effect on the stellar structure, we focus exclusively on the
NS core and its radius. This is achieved by computing TOV models while disre-
garding densities below 1014 g/cm3. By doing so, we prevent the stellar models
from being inflated by the finite temperature at lower densities.

Once again, we observe that the effect of muons is nearly negligible when pions
are included, as is evident from the comparison between the blue and orange lines
in Fig. C.2. The comparison between the various versions of EOS also indicates
that ignoring neutrinos in our analysis can be justified, as they seem to have only a
minor influence on the stellar structure. Therefore, for a first study in the context
of evaluating the bulk properties of BNS mergers, such as GWs and the conditions
for black-hole formation, it is a reasonable approximation to consider only pions
and ignore muons in the simulations discussed in chapter 4.
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O’Connor, Joshua C. Dolence, and Erik Schnetter. A New Monte Carlo
Method for Time-dependent Neutrino Radiation Transport. Astrophys. J.,
755(2):111, August 2012.

[9] Michalis Agathos, Francesco Zappa, Sebastiano Bernuzzi, Albino Perego,
Matteo Breschi, and David Radice. Inferring prompt black-hole forma-
tion in neutron star mergers from gravitational-wave data. Phys. Rev. D,
101(4):044006, February 2020.

[10] A. Akmal and V. R. Pandharipande. Spin-isospin structure and pion con-
densation in nucleon matter. Phys. Rev. C, 56(4):2261–2279, October 1997.

[11] A. Akmal, V. R. Pandharipande, and D. G. Ravenhall. Equation of state of
nucleon matter and neutron star structure. Phys. Rev. C, 58(3):1804–1828,
September 1998.

113



Bibliography

[12] Mark Alford, Arus Harutyunyan, and Armen Sedrakian. Bulk Viscosity
of Relativistic npeµ Matter in Neutron-Star Mergers. Particles, 5:361–376,
September 2022.

[13] John Antoniadis, Paulo C. C. Freire, Norbert Wex, Thomas M. Tauris,
Ryan S. Lynch, Marten H. van Kerkwijk, Michael Kramer, Cees Bassa,
Vik S. Dhillon, Thomas Driebe, Jason W. T. Hessels, Victoria M. Kaspi,
Vladislav I. Kondratiev, Norbert Langer, Thomas R. Marsh, Maura A.
McLaughlin, Timothy T. Pennucci, Scott M. Ransom, Ingrid H. Stairs, Joeri
van Leeuwen, Joris P. W. Verbiest, and David G. Whelan. A Massive Pulsar
in a Compact Relativistic Binary. Science, 340(6131):448, April 2013.

[14] Iair Arcavi, Griffin Hosseinzadeh, D. Andrew Howell, Curtis McCully, Dovi
Poznanski, Daniel Kasen, Jennifer Barnes, Michael Zaltzman, Sergiy Va-
sylyev, Dan Maoz, and Stefano Valenti. Optical emission from a kilonova
following a gravitational-wave-detected neutron-star merger. , 551(7678):64–
66, November 2017.

[15] A. Arcones and F. K. Thielemann. Neutrino-driven wind simulations and
nucleosynthesis of heavy elements. Journal of Physics G Nuclear Physics,
40(1):013201, January 2013.

[16] R Ardevol-Pulpillo, H-T Janka, O Just, and A Bauswein. Improved leakage-
equilibration-absorption scheme (ileas) for neutrino physics in compact ob-
ject mergers. Mon. Not. Roy. Astron. Soc., 485(4):4754–4789, mar 2019.

[17] Ricard Ardevol Pulpillo. A new scheme to treat neutrino effects in neutron-
star mergers: implementation, tests and applications. PhD thesis, Technis-
che Universität München, 2018.

[18] Richard Arnowitt, Stanley Deser, and Charles W. Misner. Republication
of: The dynamics of general relativity. General Relativity and Gravitation,
40(9):1997–2027, September 2008.

[19] Zaven Arzoumanian et al. The NANOGrav 11-year Data Set: High-precision
Timing of 45 Millisecond Pulsars. Astrophys. J. Suppl., 235(2):37, April
2018.
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perons on stellar black hole formation. Phys. Rev. D, 87(4):043006, February
2013.

[209] J. Piekarewicz. The Nuclear Physics of Neutron Stars. arXiv e-prints,
September 2022.
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[276] S. Typel, G. Röpke, T. Klähn, D. Blaschke, and H. H. Wolter. Composition
and thermodynamics of nuclear matter with light clusters. Phys. Rev. C,
81(1):015803, January 2010.

135



Bibliography

[277] Vimal Vijayan, Andreas Bauswein, and Gabriel Martinez-Pinedo. Neutrinos
and their impact on the nucleosynthesis in binary neutron star mergers. PoS,
FAIRness2022:061, 2023.

[278] Vimal Vijayan, Ninoy Rahman, Andreas Bauswein, Gabriel Mart́ınez-
Pinedo, and Ignacio L. Arbina. Impact of pions on binary neutron star
mergers. Phys. Rev. D, 108:023020, Jul 2023.

[279] V. A. Villar, J. Guillochon, E. Berger, B. D. Metzger, P. S. Cowperthwaite,
M. Nicholl, K. D. Alexander, P. K. Blanchard, R. Chornock, T. Eftekhari,
W. Fong, R. Margutti, and P. K. G. Williams. The Combined Ultraviolet,
Optical, and Near-infrared Light Curves of the Kilonova Associated with the
Binary Neutron Star Merger GW170817: Unified Data Set, Analytic Models,
and Physical Implications. Astrophys. J. Lett., 851(1):L21, December 2017.

[280] Stamatis Vretinaris, Nikolaos Stergioulas, and Andreas Bauswein. Empiri-
cal relations for gravitational-wave asteroseismology of binary neutron star
mergers. Phys. Rev. D, 101:084039, Apr 2020.

[281] Shinya Wanajo, Yuichiro Sekiguchi, Nobuya Nishimura, Kenta Kiuchi,
Koutarou Kyutoku, and Masaru Shibata. Production of All the r-process
Nuclides in the Dynamical Ejecta of Neutron Star Mergers. Astrophys. J.
Lett., 789(2):L39, 2014.

[282] Darach Watson, Camilla J. Hansen, Jonatan Selsing, Andreas Koch,
Daniele B. Malesani, Anja C. Andersen, Johan P. U. Fynbo, Almudena
Arcones, Andreas Bauswein, Stefano Covino, Aniello Grado, Kasper E.
Heintz, Leslie Hunt, Chryssa Kouveliotou, Giorgos Leloudas, Andrew J.
Levan, Paolo Mazzali, and Elena Pian. Identification of strontium in the
merger of two neutron stars. , 574(7779):497–500, October 2019.

[283] Eli Waxman, Eran O. Ofek, Doron Kushnir, and Avishay Gal-Yam. Con-
straints on the ejecta of the GW170817 neutron star merger from its electro-
magnetic emission. Mon. Not. R. Astron. Soc., 481(3):3423–3441, December
2018.

[284] K. Way and E. P. Wigner. The rate of decay of fission products. Phys. Rev.,
73:1318–1330, Jun 1948.

[285] W. Weise and G. E. Brown. Equation of state for neutron matter in the
presence of a pion condensate. Physics Letters B, 58(3):300–303, September
1975.

[286] J. R. Wilson, G. J. Mathews, and P. Marronetti. Relativistic numerical
model for close neutron-star binaries. Phys. Rev. D, 54(2):1317–1331, July
1996.

[287] James R. Wilson, R. Couch, S. Cochran, J. Le Blanc, and Z. Barkat. Neu-
trino flow and the collapse of stellar coresfn1. Annals of the New York
Academy of Sciences, 262(1):54–64, 1975.

136



Bibliography

[288] Francesco Zappa, Sebastiano Bernuzzi, David Radice, Albino Perego, and
Tim Dietrich. Gravitational-wave luminosity of binary neutron stars merg-
ers. Phys. Rev. Lett., 120:111101, Mar 2018.

137


	Introduction
	Observational evidence and insights
	R-process nucleosynthesis
	Electromagnetic transient (kilonova)
	Neutrinos
	EOS on merger dynamics and NS structure
	Goals and structure of the thesis

	Numerical simulation tool
	Relativistic smoothed particle  hydrodynamics
	Modelling of neutrinos with ILEAS
	The neutrino leakage
	The neutrino absorption
	The neutrino equilibration


	Binary neutron star merger simulations with neutrinos
	A 1.35-1.35M BNS merger simulation with neutrinos
	Distribution of the ejecta
	Composition and nucleosynthesis

	Systematic study of neutrino simulations
	Merger dynamics and remnant properties
	Ejecta properties


	Impact of pions on binary neutron star mergers
	Pionic equation of state
	Stellar structure and merger modelling
	Stellar structure of isolated NS star
	Simulation details

	Simulation results
	Dynamics and pion production in NS mergers
	Gravitational wave signal
	Empirical relations for postmerger GW frequencies
	Threshold mass
	Mass ejection


	Conclusions
	Systematic study of BNS mergers with neutrinos
	Systematic study of BNS mergers with pions
	Outlook

	Comparison of a simulation with hybrid MPI parallelisation  to a standard simulation
	Neutrino grid cell resolution in SPH simulations
	Inclusion of Muons
	List of publications
	Acknowledgments
	Bibliography

